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Abstract
Massive stars modify their environment with ionizing photons, fast winds, and
eventual supernova explosions; feedback that is enhanced when the stars are clustered.
The highest concentrations of massive stars are found in massive and super star
clusters, which represent some of the most intense regions of star formation and
can dominate the energetics of a galaxy. Massive star clusters form in thick, dense
envelopes of natal material that largely obscure the early cluster evolution. However,
massive stars forming within the embedded cluster ionize the surrounding material,
making the cluster detectable at radio wavelengths. These stars then blow away
the surrounding material, eventually revealing the cluster at optical wavelengths.
However, this transition is not well understood, despite implications for the fate of
the cluster itself and its impact on the local environment and host galaxy.
With my thesis, I highlight an overlooked yet potentially significant source of feedback – Wolf-Rayet (WR) stars – that may contribute to cluster emergence. Previous
works suggested that massive star clusters will have cleared out their natal material before the massive stars have evolved into the WR phase, during which huge
amounts of ionization and mechanical feedback are output. Yet, I identified a massive star cluster, S26 in the galaxy NGC 4449, that challenges that expectation. S26
was originally detected as a radio source and was surprisingly observed to host WR
stars. Due to S26, I hypothesize the WR feedback provides the tipping point in the
combined feedback processes that drive a massive star cluster to emerge. I follow
up this discovery with an observational survey to investigate the role of WR stars in
massive star cluster evolution. Using optical spectra to search for WR signatures in
a radio-selected sample, I present a sample of 45 emerging massive star clusters, 21
with significant detections of the WR signature. Additionally, I find that the sources
with highest extinctions do not host WR stars and have ages beyond the onset of
the WR phase, which may indicate that clusters without WR stars stay embedded
for longer periods of time. This thesis has vastly expanded the number of known
“emerging WR clusters”, as well as revealed a possible acceleration of the removal of
natal material in clusters hosting WRs compared to those without.
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of the Hβ (4861 Å) line (see Section 2.8.1.1). The observed EW of Hβ
for the massive star cluster S26 in NGC 4449 (solid line with uncertainties shown as a shadowed region) implies an age of 3.1 ± 0.3 Myr.
. . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . .

18

24

25

27

34

35

39

42

x
2.5

2.6

2.7

2.8

2.9

Identifying the thermal radio component in the radio SED of S26, as
observed by Reines et al. (2008), with a χ2 fit to the observed fluxes of
the expected emission assuming thermal emission goes as Fν ∝ ν −0.1
while non-thermal emission as Fν ∝ ν −0.7 . Top: constraining the fit
such that the radius is set to 50 pc, as observed by the irregular 3σ contour of the radio continuum, the flux has non-thermal contributions of
14% at 1.3 cm. Bottom: allowing the radius to be a free parameter (although under-constraining the fit) results in an increased non-thermal
contribution of 28% at 1.3 cm from a region of radius 2.3 pc. . . . . .
An SED of the optical to far-IR emission from the massive star cluster
S26 with dust and grain models over plotted for comparison. Optical
spectra (green line) is from Reines et al. (2010), and a STARBURST99
model (dotted green line) clearly demonstrates an abundance of IR
emission to the expected stellar emission. The IR photometry and
dust and grain model fitting utilize two apertures: a small 5” aperture
used to extract emission from images with native PSFs, and a large
15” aperture used to extract emission from images convolved to the
resolution of SPIRE 500 µm. The best fit dust and grain model from
Draine & Li (2007) are plotted for the corresponding aperture (large or
small), where the dotted line shows the model spectra and the empty
circular dots show the photometric fluxes. The SED clearly shows
strong PAH features and large amounts of dust surrounding S26. The
change in PAH emission in the IRAC bands at 5.8 and 8.0 µm and the
shift in the peak IR emission can be seen between the two IR aperture
SEDs, plausibly due to increased exciting radiation and destruction of
PAHs toward the cluster center. . . . . . . . . . . . . . . . . . . . . .
The estimated age vs. the observed WR and O-star populations, and
WR/O population ratio, of the cluster S26 (data points). The evolutionary synthesis model of STARBURST99 (Leitherer 1999), which
utilizes a Kroupa IMF with upper and lower limits of 0.1 - 120 M . .
A compilation of observed population ratios in nearby galaxies compared to different predictions. Star points show the observed ratios in
the massive star cluster S26 in NGC 4449. Lines show model predictions of (Meynet & Maeder 2005) (dotted; including stellar rotation)
and computed results for new models from the Geneva group for Z =
0.006 (Neugent et al. 2012) and Z = 0.014 (Georgy et al. 2012). . . .
An HST Hα image zoomed in on S26, showing the morphology of a
bipolar ionized outflow. . . . . . . . . . . . . . . . . . . . . . . . . . .

48

51

56

57
61

xi
2.10 The optical and radio estimated properties of S26 plotted on the extragalactic H II region size-density relation (Gilbert & Graham 2007;
Hunt & Hirashita 2009). As discussed in Section 2.6, the observed radio emission can be modeled with an input radius of 50 pc or with the
radius as a free parameter. . . . . . . . . . . . . . . . . . . . . . . .
3.1

3.2

3.3

3.4

3.5

3.6

3.7

Optical spectra observed with the 4m Mayall Telescope at KPNO of
a subset of the WR clusters. Dashed lines indicate the location of the
broad WR bumps, and a zoom in on the WR bumps is shown in the
figure on the right, where a roughly traced continuum guides the eye.
Archival HST images (Hα, B, I) of the target galaxies NGC 2366 and
NGC 4449. Insets are zoomed in on sample sources, with the corresponding region overlaid on the host galaxy image with a white square
for ease of comparison. White circles (2.00 5) are overlaid and show the
extraction regions used for photometry. The line style of this overlaid circle indicates the source’s classification: solid for WR clusters,
dot-dash for Candidate clusters, and dotted for Non-WR clusters. . .
A scatter plot showing the sensitivity to identifying a significantly detected WR feature. The colored lines are estimated detection limits
adopting an observed FWHM of the WR feature from the sample (as
indicated in the legend of either the minimum or weighted average)
and requiring a 3σ detection. . . . . . . . . . . . . . . . . . . . . . . .
The radio spectral index α plotted vs. the 6 cm flux density. WR clusters are the star markers color-coded by host galaxy and “No-bump”
sources are the gray squares (both Non-WR clusters and Other classes
included here). It is clear that the “No-bump” and WR clusters sample
the same parameter space. . . . . . . . . . . . . . . . . . . . . . . . .
Histograms of the V-band photometric luminosity of the sample. Colors indicate the WR cluster class, and the black hatches indicate the
Non-WR clusters. Left: the raw (observed) luminosity distribution
of both classes is similar. Right: the extinction-corrected (intrinsic)
luminosity distribution shows some differences between sources with
and without WR stars, highlighting that some of the Non-WR clusters
exhibit higher extinctions and thus are intrinsically brighter. . . . .
Ages of the sources in the sample (with WR clusters on the left, and
Non-WR clusters on the right) as estimated by the measured equivalent
width (EW) of Hβ and predictions from STARBURST99 models, with
the appropriate metallicity track plotted as separate panels. . . . . .
The distributions of the stellar cluster mass, obtained by scaling the
V-band photometry to STARBURST99 models, of the sample. . . . .

65

79

82

86

87

89

97
98

xii
3.8

3.9

3.10

3.11

3.12

3.13

3.14

3.15

A pie chart clearly shows the distribution of the classes observed in my
sample, with emerging WR clusters as the most common and making
up ∼50% of the sample. From (Sokal et al. 2015b). . . . . . . . . . .
STARBURST99 (Leitherer et al. 1999) predictions for the behavior of
the equivalent width of the WR emission at 4686 Å for all relevant
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Chapter 1
Introduction
1.1
1.1.1

Wolf-Rayet Stars
The Origin of the “Wolf and Rayet” Term

In contrast to the spectra of most stars, which show absorption lines, three stars whose
spectra instead exhibited emission lines were discovered at the Paris Observatory in
1867 by Charles Wolf and Georges Rayet. Wolf and Rayet noted a bright blue band in
each of the three stellar spectra, and soon several additional of these Wolf-Rayet stars
were discovered (Huggins & Huggins 1890, see sketches of the spectra in Figure 1.1).
At the time, the origin of this blue band was perplexing, the report by Huggins &
Huggins (1890) stated “we regret that the insufficiency of our instrumental means has
left our examination of the spectra of these stars less complete than we could wish.”
It was clear that by showing emission lines, the Wolf-Rayet spectra were similar to
that of planetary nebula, except that these stars displayed no signs of nebulosity.
Comparison to a Bunsen flame ruled out that the line could be due to hydrogen,
and a hydrocarbon origin was also rejected. The astounding conclusion to this story,
which is an important reminder about difficulties of scientific inquiries, is that the
blue emission line is now known to result from helium, which was not discovered until
1868. The characteristic emission line observed by Wolf and Rayet that originally
defined these Wolf-Rayet spectra is He II at 4686 Å.

2

Fig. 1.1.— An original drawing from 1890 showing the mysterious blue band observed
in the spectra of the bright Wolf-Rayet stars compared to the lines of the Bunsen flame
based on Vogel’s observations; from Huggins & Huggins (1890).
The Wolf-Rayet, hereafter WR, descriptor is now used as a spectral classification
of broad emission lines from stellar burning products of ionized helium, nitrogen, or
carbon that become observable due to considerable mass loss, this phenomenon likely
due to the Eddington factor (proximity to the Eddington limit) (Vink 2015). The
Eddington limit is the maximal luminosity of a star, above which radiation pressure
would drive an outflow. It quickly became apparent that WR spectra have two
flavors: nitrogen-rich (WN) and carbon-rich (WC). The WR spectra are displayed
by a heterogeneous set of objects: classic WR stars, extremely high mass stars that
also show hydrogen in emission (WNh and Of/WN stars), central stars of planetary
nebula, and certain supernova. It is the first two types, which are massive stars
with ties to star formation and the power to alter their surroundings, for which the
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Wolf-Rayet name is best known. Yet, the later share similar spectral characteristics.
The central stars of planetary nebula (CSPNe) are the evolved cores of stellar mass
stars that are exposed after the Asymptotic Giant Branch (AGB) phase, which also
produce the planetary nebulae. As the cores of the AGB stars are composed of carbon
and oxygen, the CSPNe can thus display the carbon-rich WC lines in their spectra
in addition to nebular emission lines and are denoted by square brackets ([WC4] for
instance). Much more rare, a supernova will display a WR spectrum for only a few
hours (Liu et al. 2000; Groh 2014), during which helium is quickly accelerated by the
ejecta. These supernova are named, for clarity, with an “X” by some, such that the
spectral typing is XWN4 (Groh 2014).
Classical WR stars are massive stars (> 25 M ) in their advanced evolutionary
stages, and have exposed their helium-burning core by shedding the outer layers off
the star with high mass loss rates and fast stellar winds. Gamow (1943) first suggested
that nuclear processed material may be responsible for the spectral appearance of WR
stars. Conti (1976) then realized that these nuclear burning products were revealed by
significant mass loss due to stellar winds. This evolutionary scheme, called the Conti
scenario (Maeder 1983), can be likened to peeling off the layers of an onion, where the
strong stellar winds are shedding the outer layers off the star to expose the chemically
evolved regions within, displaying H-burning products and subsequently He-burning
products. WR stars are several million times brighter than the Sun (Crowther 2007)
and have temperatures from 30,000 to 200,000 K. The strong emission lines defining
the WR spectra originate in these optically-thick winds, which can have terminal
velocities from 400-5000 km s−1 (van der Hucht 2001). After spending roughly 10%
of their total lifetime as a WR star (Meynet & Maeder 2005; Rosslowe & Crowther
2015, for ∼ 0.25-0.5 Myr; ), WR stars are commonly described to “live fast, die hard”
because, in addition to their extreme mass loss, they quickly end their lives in ∼ 3-5
Myr (Groh et al. 2014) as supernova (SN) explosions and possibly gamma ray bursts
(Leloudas et al. 2010).
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Fig. 1.2.— An Hubble Space Telescope image capturing the explosive mass loss
nebular of the WR star WR 124. This image showcases the spectacular result of the
stellar winds ejecting material, and the star can be seen glowing in the center. Credit:
ESA/Hubble & NASA. Acknowledgement: Judy Schmidt.

1.1.2

The Spectra and Subtypes of WR Stars

While WR stars are commonly referred to as an evolutionary phase of O-stars, it is
important to note that the WR classification is actually a spectroscopic phase from
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which we infer an evolutionary phase. The difference is explained by Groh et al.
(2014) such that this is the spectral appearance of a star, which is determined by the
surface and wind properties, versus the state of the stellar interior, which is set by
nuclear burning stages and stellar structure. This distinction is critical for accurate
discussion between stellar evolution theorists and observers, but is often dismissed
because many of the WR spectral features reflect nuclear burning products.
As stated above, much of the WR emission arises in the stellar wind, which is dense
enough to become optically thick, and results in spectroscopically identifiable, broad
emission lines. Thus, the classification of WR stars is based on these features, rather
than on stellar parameters such as effective temperature (van der Hucht 2001). In
general, WR stars are classified beyond WN and WC subtypes by using line strengths
and line ratios according to Crowther (2007). Stars with N III-V and He I-II are
labeled WN1-WN9. WC stars are classified based on C III-IV and O III-V lines as
WC4-WC9, and also include an extension of this subtype with enhanced O lines that
are called WO stars. WO stars range from WO1 - WO4 based on O V-VI and
C IV lines. Additionally, the hotter stars are described as early “E”, such that WNE
include WN1-WN5 and WCE include WC4-6, and the cooler stars are as late “L”
and include the remaining subtypes (Crowther 2007). Example spectra and their
classifications are shown in Figure 1.3.
Rather than the classic evolved helium-burning WR stars, the hydrogen-rich WN
stars (WNh) and extreme Of stars (Of/WN stars) are thought to be an extension of
the upper main sequence (Smith & Conti 2008; Crowther & Walborn 2011). Their
spectra can include hydrogen emission and absorption lines (more similar to Of stars
than WN stars) but exhibit WR emission lines as well. They are extremely massive,
>65 M (Langer et al. 1994; Crowther et al. 1995), with strong mass loss that results
in the WR phenomena.

1.1.3

Understanding the Evolution of Classical WR Stars

A massive star changes spectral classifications, and thus subtypes of WR stars, as it
evolves through the Conti Scenario. The most basic evolutionary path is described
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Fig. 1.3.— A view of the characteristic emission lines in WR spectra. From Crowther
(2007), optical spectroscopy of WR stars in the Milky Way, in which the variations
in line strengths between different WR subtypes are clear. The most well known line
featured in the spectra of WN stars is He II 4686 Å and for WC stars, C IV at 5808
Å.
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by simply peeling off stellar layers in order of chemical complexity, such as O →

luminous blue variable (LBV) → WN → WC → WR → SN Ib/c or, for a much less
massive star, as O → red super giant (RSG) → WN → SN Ib/c. This basic evolution

of an O-star is depicted in the cartoon in Figure 1.4. In reality, the evolution can be
more complex; this process is heavily dependent on mass and metallicity. The various
evolutionary paths due to different initial masses can be followed in Figure 1.5, which
shows the Geneva evolutionary models. A more detailed evolution for a specific case
study is described by Groh et al. (2014). By modeling a non-rotating 60 M star and
produced its spectrum throughout its lifetime, the star evolves as follows: O3 I (at the
ZAMS), O4 I (middle of the H-core burning phase), B supergiant (BSG), B hypergiant
(BHG), hot luminous blue variable (LBV; end of H-core burning), cool LBV (H-shell
burning through the beginning of the He-core burning phase), rapid evolution through
late WN and early WN, early WC (middle of He-core burning), and WO (end of
He-core burning until core collapse) (Groh et al. 2014). Thus:
O3 I → O4 I → BSG → BHG → LBV → WNL → WNE → WC → WO.

The metallicity is key as mass loss, convection, and mixing in radiative zones are

integral to the evolution (Meynet et al. 2016). Mass loss becomes less efficient and
the winds are weaker at lower metallicities (Vink et al. 2001; Eldridge & Vink 2006),
and thus it is more difficult for a massive star to produce a WR star at low metallicity
than at high metallicity. This also means that the minimum initial mass of an O-star
required to produce a WR star similarly increases, examples are given in Table 1.1.
Additionally, WR stars can also form from binary systems, which trigger mass
loss through mass transfer (Georgy et al. 2012). This formation channel may thus
produce WR stars from a lower initial mass star; a WR star could be produced instead
of an RSG, as in the case of an 15-20 M star in a close binary (Georgy et al. 2015).
The number of WR stars formed from a binary would also be relatively insensitive to
metallicity as well. Thus at lower metallicities, many of the WR stars are produced
from the binary channel. This formation channel is somewhat observationally supported; the newest survey of the WR star populations in the Milky Way estimates
the duration of the WR phase is consistent with that predicted from a mix of single
non-rotating stars and binaries (Rosslowe & Crowther 2015).
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Fig. 1.4.— A cartoon from Eldridge (2008) depicting the life cycle and structure of a
massive star from the main sequence through the stages of a RSG, WR, and eventual
supernova as a Type Ib/c.
As for their deaths, WR stars have long been thought to be the progenitors of corecollapse SN, Type Ib and Type Ic, although this has been observationally difficult to
prove; only a few candidate SN progenitors that may be WR stars have been identified
(Corsi et al. 2012; Cao et al. 2013). Recent observations found an WR-like progenitor
through spectral observations of the wind (Gal-Yam et al. 2014), although this is
often disputed. Yet, the observed lack of clearly detected WR progenitors over the
last 15 years statistically suggests that WR stars may not, in fact, be SN progenitors.
We have no clear cases (only upper limits and a couple of candidates) where a WR
star was a progenitor to a SN (Smartt 2015); there is a probability of roughly 0% of

Table 1.1.

Solar
LMC
SMC

Initial Stellar Mass

O-star

WNL

WNE

WC

15.8 M
14.2 M
12.6 M

20.0 M
32.1 M
53.5 M

25.3 M
60.8 M
–

27.0 M
63.1 M
–

Note. — This table lists the minimal initial stellar
mass of a star for it to be able to enter a given WR
phase, which varies with metallicity, as predicted from
the most recent evolutionary tracks (from Georgy et al.
2015).
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Fig. 1.5.— Figure 1 from Massey (2013) showing the evolution of massive stars by
plotting the Geneva evolutionary tracks (Ekström et al. 2012) at solar metallicity.
The main sequence is shown in bold, and the YSG and RSG regions are marked.
Regardless of initial stellar mass, the evolution after the main sequence is relatively
flat, except for the most massive stars.
this lack of evidence, if we expect that WR stars should explode as SN. These nonconclusive results may suggest that these SNe are produced instead by a population
of less massive binary systems (Eldridge et al. 2013), or if the progenitors are WR
stars, that the WR stars become too dim at core-collapse or produce failed SNe and
instead form black holes (Smartt 2015). However, much work on this topic clearly
remains, and the supernovae resulting from WR stars have not yet been conclusively
ruled out. Additionally, WR stars may also be the progenitors of long-duration, soft
gamma ray bursts (Woosley & Bloom 2006; Leloudas et al. 2010). As such, recent
observational surveys (e.g. Crowther & Bibby 2009) hope to pinpoint enough WR
stars in other galaxies that eventually one will SNe within our lifetime.
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Because WR stars are stellar physics laboratories, are located in massive star
forming regions, produce stellar feedback that can alter surrounding environments,
and possibly end their lives with fantastic death throes, WR stars are extremely useful
objects to study across many fields of astronomy. Yet, they are rather rare due to
their short lifespans. Only hundreds of WR stars have been catalogued in the Milky
Way. The VII Catalogue had an inventory of 227 galactic WR stars (van der Hucht
2001). Since then, and including new techniques at near-IR wavelengths, the number
of known WR stars has increased to 635 since March 2014 (Rosslowe & Crowther
2015). If we extrapolate how many WR stars there should be within the entire Milky
Way, there could be 1,000 (Rosslowe & Crowther 2015) to 6,000 stars (van der Hucht
2001), which is, regardless, an extremely low percentage of the total stellar content.
However, the number of individual detections of WR stars in other star forming
galaxies, such as in M31 by Neugent et al. (2012) increases steadily. Moreover, some
extragalactic star clusters, specifically those called massive star clusters and super star
clusters, host hundreds of WR stars in a single, densely packed region – increasing
the potential impact of the WR stars and thus their importance.

1.2
1.2.1

Massive and Super Star Clusters
The Discovery of Bright, Blue, Compact Extragalactic
Star Clusters

The star clusters in the Milky Way are found in two rather distinct forms: young,
blue open clusters that are made up of a handful of stars or old, red, and spherical globular clusters that are much more massive. Yet, early observations of other
galaxies did not suggest the same two populations. Instead it was found that star
clusters in the Magellanic Clouds showed differences compared to these MW clusters
(Hodge 1961), and a handful of blue, unresolved clusters detected in additional galaxies were also found to be much brighter than the Galactic open clusters. Because the
brightest objects are the easiest to detect, the brightest clusters, and therefore the
most massive and young, were first identified. The young populous clusters observed
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in the Magellanic Clouds include even today’s best known example of a bright, blue
cluster as 30 Doradus. Attributing the color to the youth and the unresolved nature
to compactness, it was suggested that the clusters could be progenitors to objects like
the MW’s globular clusters. Therefore, these rich, blue, luminous clusters came to be
described by a wide variety of names: circular globulars, young globulars, blue globulars, and the adopted “young populous clusters” (Hodge 1961); super associations
(e.g., Wray & de Vaucouleurs 1980); young blue clusters and bluish knots (van den
Bergh 1981); superluminous young star clusters (Arp & Sandage 1985); and super
star clusters (Arp & Sandage 1985; Melnick et al. 1985). By ruling out potentially
incorrect distances to foreground stars as a possible alternative explanation, the extreme luminosities of the “super star clusters” in NGC 1705 by Melnick et al. (1985)
and NGC 1569 by Arp & Sandage (1985) were verified, along with the super star
cluster (SSC) nomenclature.
Although rare in the local universe, these luminous clusters were revealed in a
variety of environments, from local group galaxies (such as M33 or NGC 1613 for
example, Melnick & D’Odorico 1978; Sandage & Katem 1976), late type galaxies
(Wray & de Vaucouleurs 1980), starburst galaxies (e.g. M82 and NGC 1569; van
den Bergh 1981; Arp & Sandage 1985), to mergers (such as NGC 3597 by Lutz
1991). Possibly the most important pre-Hubble Space Telescope (HST) observation of
a population of SSCs was of the “luminous blue clusters,” whose mass and luminosity
truly rivaled that of globular clusters, observed in the merger remnant galaxy NGC
3597 (Lutz 1991), shown in Figure 1.6. These observations suggested that such star
clusters may form as a result of the galaxy merging process. However, the poor
angular resolution of ground-based telescope paired with the compactness of the SSCs
severely limited further investigation of this mode of star formation (O’Connell et al.
1994).
With the launch of HST, new stunning images with superior angular resolution
showed that SSCs could be found in huge numbers beyond the local group, and
were so widespread that they became known as a cluster class (Ho 1997). Even
with aberrations before the servicing mission, Holtzman et al. (1992) discovered ∼60

blue, point like objects in HST observations of NGC 1275, a peculiar merging galaxy,
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Fig. 1.6.— A grey scale color map (B-V) of the merger remnant NGC 3597. The
scale bar is 10” and B-band contours are over plotted. The star forming regions are
derived from this map, and are clearly unresolved, yet their properties were consistent
with young globular clusters. From Lutz (1991).
which became a “catalyst in this active new field” to search for young globular clusters (Whitmore 1999). Whitmore et al. (1993) discovered similar populations in the
prototypical merger remnant NGC 7252, whose isolation provided a clearer indication
that these clusters might form in merging galaxies (Whitmore 1999). Then, further
bright, blue, point-like objects were revealed in star-forming dwarf galaxies NGC
1140 (Hunter et al. 1994), NGC 1569 and NGC 1705 (O’Connell et al. 1994), M 82
(O’Connell et al. 1995), NGC 253 (Watson et al. 1996), as well as in circumnuclear
star forming rings (e.g., Benedict et al. 1993; Barth et al. 1996). The common element of the environments in which these discoveries were made is high star formation,
suggesting that massive star clusters pinpoint extreme star formation events (Hunter
et al. 1994; Whitmore 2003). The richest collection to date of identified SSCs was
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Fig. 1.7.— A Wide Field Camera image of the Antennae galaxy, observed before
the HST servicing mission, from Whitmore & Schweizer (1995). The Antennae host
the richest collection of SSC’s that is known: other than a few foreground stars, each
point-like object is a star cluster. The boxes denote star formation knots from an
early study by Rubin et al. (1970), identified by letters and with the mean color
index V-I in parenthesis. This image features the benefits of high resolution (even
with aberration) in contributing to the new “discovery” of SSCs by HST.
found with pre-refurbishment HST observations by Whitmore & Schweizer (1995) of
the merging Antennae Galaxy (NGC 4038/4039), discovering over 700 bright, young,
barely resolved clusters that became the most compelling evidence that globular clusters can form during gas-rich mergers (Whitmore & Schweizer 1995). An image of
the overlap region of the Antennae from the pre-refurbishment HST observations is
shown in Figure 1.7, and a incredible comparison image taken with the current HST
capabilities is shown in Figure 1.8.
Since these early discoveries that showed the potential for wealth of star clusters in
starbursts and mergers, almost every gas-rich merger observed with HST has revealed
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Fig. 1.8.— A stunning modern view of the Antennae galaxy, imaged by the Advanced
Camera for Surveys (ACS) on HST. Compared to the HST image before the servicing
mission in Figure 1.7 –upon which much interest for this field was based– it is amazing
to see not only how small the SSCs are when they are better resolved, but also how
many more become distinct. Credit: B. Whitmore, NASA, ESA, and the Hubble
Heritage Team (STScI/AURA)-ESA/Hubble Collaboration.
similar star clusters (Whitmore 1999) and furthermore, SSCs have also been found
in a wide variety of environments. An UV snapshot survey confirmed the connection of these clusters to star formation, finding them even in normal disc galaxies (Ho
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1997; Larsen & Richtler 2000), indicating that compact clusters are common amongst
regions with elevated star formation rather than only extreme starbursts (Ho 1997;
Whitmore 1999). In fact, young star clusters represent not only a tell-tale sign of vigorous star formation; most, if not all, stars may form in clusters (Lada & Lada 2003)
– although most will not stay bound or survive (Fall 2004) and that star formation
in clusters could be the dominant mode of star formation in galaxy interactions (Ho
1997; de Grijs 2004).

1.2.2

Terminology: Massive Star Clusters versus Super Star
Clusters

When multitudes of young massive star clusters were found, it became clear that
these clusters appear to follow a continuous mass distribution. In general, the cluster luminosity function and mass function can be described by a power law with an
index of -2, though there might be an exponential truncation at 105 M in quiescent
galaxies and 106 M in starbursts (Portegies Zwart et al. 2010). Figure 1.9 shows
the cluster mass distribution in different galaxies. However, this power law distribution contrasts the luminosity function of globular clusters, possibly muddling their
evolutionary connection – this will be discussed in Section 1.2.4. The luminosity
function of globular clusters is instead consistent with a Gaussian (Whitmore 1999).
This difference may indicate that the fainter, diffuse clusters get destroyed (Whitmore
1999), and therefore many of the less massive star clusters do not contribute to the
observed luminosity function of globular clusters, although may have been present in
the cluster initial mass function.
As there is a continuum of cluster masses, the terminology regarding these objects
has become rather vague and varied. Portegies Zwart et al. (2010) emphasize the
important characteristics of these star clusters are that they are young, dense, and
massive; however, a meaningful definition of a “massive star cluster” is as subjective as
that of a “normal” galaxy (Larsen 2004). It has become rather fashionable to call all of
these bright, blue clusters Young Massive Clusters (YMCs); they can simply be more
massive than open clusters in the Milky Way (Larsen 2004). Galliano et al. (2008)
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Fig. 1.9.— A plot from Portegies Zwart et al. (2010) that clearly displays the mass
function of young clusters (< 1 Gyr) in various galaxies. The dotted and dashed
curves represent a Schechter function with a turnover mass M∗ as indicated, which
may depend on galactic environment. As the general shape of the mass function is
a power law, the distinction between massive star clusters and SSCs is somewhat
arbitrary.
uses YMC for clusters that are more massive than 105 M , have radii smaller than
5 pc, and younger than 100 Myr. Broadly, Portegies Zwart et al. (2010) concentrate
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on clusters with ages below 100 Myr and masses above >104 M . Ho (1997) includes
clusters that have ages less than a few hundred Myr, radii less than a few parsecs,
and masses ranging from 104 M -106 M .
More dramatic, the term “super star cluster” originates due to their very high
luminosities, and is often reserved for the most extreme massive star clusters. Some
specific definitions for this term include: diameters less than 50pc and luminosities
such that Mv ≤ -10 (O’Connell et al. 1994) or luminosities of one to two magnitudes
higher than R136 (Ho 1997). Yet ultimately, Galliano et al. (2008) states a preference for the more generic YMC, because SSC can imply that a cluster is visible in the
optical (due to the origin of the name) and thus may not translate well to earlier evolutionary stages when a cluster is still embedded in birth material. For the purposes
of this work and from here on out, we use the generic term “massive star cluster”
to refer all star clusters of >103−4 M , regardless of age. We adopt a definition of
“super star cluster”’ for any massive star cluster above an arbitrary minimum mass
of 105 or 106 M . We do not associate an evolutionary stage with the use of the term
“massive star cluster.”

1.2.3

The Evolution of Massive Star Clusters

A picture of massive star cluster evolution has developed in which massive star clusters
form in thick, dense envelopes of natal material similar to vastly scaled up versions
of single massive stars (Johnson 2002), depicted in Figure 1.10 as a cartoon. The
evolution of a massive star cluster starts with the collapse of a massive (& 105−6 M )
molecular cloud, subsequently forming hundreds to thousands of massive stars. Yet
these stars form embedded in the natal cocoon, and the early evolution of the cluster
is effectively obscured from view at many wavelengths. However, the massive stars
within the embedded cluster begin to ionize the surrounding material, making the
cluster first observable with radio wavelengths that can pierce through the cocoon
to detect the thermal free-free emission arising from ionized gas (e.g., Kobulnicky
& Johnson 1999; Turner et al. 2000). A number of these analogs to Ultra-Compact
H II (UCH II) regions have been identified in other galaxies (e.g.

Kobulnicky &
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Fig. 1.10.— A cartoon diagram of the evolution of massive star clusters from K.E.
Johnson, depicting the expected similarities of the evolutionary stages of a single
massive star to that of the massive star clusters.
Johnson 1999; Turner et al. 2000; Johnson & Kobulnicky 2003; Johnson et al. 2004;
Tsai et al. 2006; Reines et al. 2008; Johnson et al. 2009; Tsai et al. 2009; Aversa
et al. 2011; Kepley et al. 2014) with a flat or inverted spectral index, indicative of
the thermal free-free emission from dense young H II regions. Kobulnicky & Johnson
(1999) dubbed these sources as Ultra-Dense H II regions (UDH IIs) (or similarly
“supernebulae” by Turner et al. 2000).
The massive stars, hidden in these cocoons, will continue to evolve and proceed
to evacuate the surrounding material. One possible example of this emerging evolutionary stage are emission line clusters (ELC). Identified in the Antennae galaxies,
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ELCs are a type of H II region that are young versions of SSCs and exhibit broadened Brγ line emission suggestive of massive stars evacuating their surroundings via
wind (Gilbert & Graham 2007). Finally, the massive stars will clear enough natal
material away to reveal the star cluster at optical wavelengths, by which time further
star formation has been halted (Agertz et al. 2013). This results in the final early
evolutionary stage as the bright and blue optical clusters that were originally identified as SSCs. The entire massive/super star cluster evolutionary sequence can be
summarized as: protocluster → UDH II → emerging cluster (ELC) → YMC/SSC
(e.g. Whitmore et al. 2014).

A descriptive, multi wavelength classification scheme for the early evolution of
massive star clusters has been developed by Whitmore et al. (2014) using CO, radio,
optical/near-IR continuum, and optical/near-IR line emission observational criteria,
which we quote below:
• Stage 0 (diffuse giant molecular clouds) [turbulent equilibrium] – Knots of diffuse
CO emission are detected, but no radio or optical/near-IR emission is observed.
These regions generally appear as dark regions of dust in optical images.
• Stage 1 (protocluster, <0.1 Myr) [high pressure, gravitational collapse] – Compact CO emission is detected, but no radio or optical/near-IR emission is observed. This stage is expected to be very short lived (i.e., <0.1 Myr) and hence
it is very rarely observed.
• Stage 2 (embedded cluster, 0.1–1 Myr) [onset of star formation] – Thermal radio
emission is detected along with CO emission. No optical/near-IR continuum is
observed, but weak line emission may be present if an O star has formed. Low
mass clusters may never form an O star (i.e., due to stochasticity; see Fouesneau
& Lançon 2010). The very recently formed cluster is deeply embedded in its natal
gas during this stage.
• Stage 3 (emerging cluster, 1–3 Myr) [removal of gas and dust] – The very young
cluster is observed primarily in the radio, optical/near-IR emission lines, and
faintly in the optical continuum. There may still be weak CO associated with
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the object, but in many cases the CO is from an adjoining GMC or protocluster.
The cluster is moderately extincted by dust, with AV typically 1 mag.
• Stage 4 (young cluster, 3 Myr–10 Myr) [ISM feedback] – The cluster is increasingly observable in the optical and in optical/ near-IR emission lines (the latter
typically in the form of bubbles), due to the removal of much of the natal gas
and dust by feedback. CO emission is gone, but weak radio continuum emission
is still observed in many cases. The AV values have dropped to <1 mag.
• Stage 5 5 (intermediate/old clusters, >10 Myr) [spectral dimming, evaporation]
– The cluster is observed in the optical/near-IR, although it has faded, and
ionized gas is no longer observed because the massive stars have evolved into
stellar remnants. The cluster slowly loses stars due to two-body encounters
(i.e., evaporation; see also Fall & Chandar (2012) for a discussion of various
other star cluster destruction processes).

1.2.4

Fate: Globular Cluster or Dissipation?

After a massive star cluster has evolved through the stages presented above, their
fate is thought either to become a globular cluster, or to be destroyed by becoming
unbound. Since their discovery, SSCs were thought to represent analogs to young
globular clusters, and possibly actually evolve into globular clusters – this fate is
quite important as it suggests that globular clusters could still forming today and
not only in the early Universe (e.g., Ho 1997; Larsen & Richtler 2000; Johnson 2002;
Portegies Zwart et al. 2010). If the most important qualification for a star cluster to
be considered as a globular cluster is that it is massive and compact, then massive star
clusters in the early universe are their “logical” progenitors (Portegies Zwart et al.
2010). Because protoglobular clusters in the early universe are unobservable, this
connection offers an exciting opportunity to understand the formation and evolution
of globular clusters.
Yet, there remain unknowns and it has become clear that not all massive star
clusters evolve into globular cluster-like objects. The first concern was that massive
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star clusters and globular clusters may not even be related. As mentioned in Section
1.2.2, the power law luminosity distribution of massive star clusters is different from
the luminosity distribution of globular clusters, which is instead consistent with a
Gaussian (Whitmore 1999). This was actually interpreted early on to suggest that
there is no connection between massive star clusters and globular clusters (van den
Bergh 1995). However, rather than suggesting that these objects are inherently different, it is now believed that the distinct luminosity distributions may indicate the
effects of physical processes. For instance, one possibility is that the fainter, diffuse
clusters get destroyed (Whitmore 1999). In this case, even if the cluster initial mass
function follows a power law mass distribution, fewer lower massive star clusters will
survive and become globular clusters, and thus will not contribute to the observed
luminosity function of globular clusters (producing a Gaussian instead).
Some evidence that destruction processes are at work is seen with an observed
disparity between forming and older cluster populations. Lada & Lada (1991, 2003)
identified that the birth rate of star clusters (embedded clusters) exceeds the population of older star clusters in the MW, and this disagreement has similarly been
observed in other galaxies as well (Chandar et al. 2010). This was interpreted as
“infant mortality,” thought to be caused by disruption of the star cluster during the
early gas expulsion phase (Lada & Lada 2003), although cluster destruction can later
be caused by several other mechanisms as well, such as two-body relaxation and
tidal shocks (Gnedin & Ostriker 1997). Infant mortality is caused by stellar feedback
removing the ISM, and often includes violent relaxation due to this mass loss, is expected during cluster ages < 10 Myr. Stellar feedback may continue to cause some
cluster destruction until ∼ 108 yr, then tidal disturbances > 108 yr, and ultimately
two body relaxation (also called evaporation) will dominantly cause disruption on
long timescales, on the order of a Hubble time (Fall et al. 2009). The early disruption
processes are particularly intriguing, as if the cluster is not immediately destroyed,
they will weaken the ability of a cluster to stay bound – impacting the cluster beyond
the young 10 My timescale (Gnedin & Ostriker 1997).
While it is clear that there are many cluster disruption mechanisms in place, solving the luminosity distribution puzzle remains elusive. One debate is the extent to
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which any of the cluster disruption processes, or combination thereof, have a mass dependence sufficient to explain this (Gnedin & Ostriker 1997; Fall et al. 2009; Bastian
et al. 2012). Mass dependent processes can explain the change in luminosity distribution from an initial power law to the ultimate Gaussian, although Fall et al. (2009)
claim evaporation is sufficient to produce this result. Even in this explanation, it is
apparent that the timescales of the destruction are not understood. A major wrinkle
in the entire debate is that the evidence is predominately based on luminosity distributions, and as luminosity does not directly translate to mass, but also depends
strongly on age, the assumptions in binning and the sample selection will clearly
impact the results. For instance, studies using the same dataset in the SMC have
resulted in opposing conclusions in regard to the mass dependence (Chandar et al.
2006; Gieles et al. 2007). Another real possibility is that many of the young massive
star “clusters” could be actually unbound associations instead (and thus the initial
power law may not include only bound objects Bastian et al. 2012). In the same
way, if distributions are weighted averages over all time frames, masses, and states of
being bound, one would expect a power law (thus dissimilar to the log-normal mass
function of globular clusters). Yet ultimately, whether the population of the massive
star clusters that survive is determined by infant mortality, other later processes,
or the the extent to which a young cluster is gravitationally bound, only a small
fraction (1-10%) of massive star clusters will remain bound on long timescales (Fall
et al. 2009). One of the biggest remaining questions in this field is what fraction will
become globular clusters (i.e., what fraction survive Whitmore 1999).

1.3
1.3.1

Feedback
The Feedback Mechanisms

As mentioned above in Section 1.2.3, star clusters evolve from embedded protoclusters
to the well-studied optical star clusters as young stars inject energy and momentum
– a process called feedback, which is what is responsible for the early evolution of the
massive star clusters and altering their natal cocoon. Feedback will form an
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H II region, drive the dynamics of the resulting H II region (e.g., Krumholz & Matzner
2009; Lopez et al. 2014), and eventually evacuate the natal material through many
different physical processes and mechanisms.
The energy from photons emitted from the stars is conserved as it interacts with
surrounding material. The photon’s energy can ionize atoms; any remaining energy
that doesn’t escape will heat the gas. The blue light (λ < 512 Å) from massive
stars has enough energy to ionize atoms, particularly hydrogen atoms (these have an
ionization energy threshold of 13.6 eV). Thus, H II regions are produced as soon as
massive stars in the process of forming start emitting light, and thus begin to ionize
and heat the surrounding material. The heated ionized gas composing the H II region
is in contrast with the surrounding cold material, creating a pressure imbalance. This
pressure from the warm ionized gas causes an acceleration outward, resulting in an
expansion of the H II bubble (Dale et al. 2005; Walch et al. 2012; Dale et al. 2014).
This feedback process is referred to broadly as “photoionization” (e.g., Sales et al.
2014), but also includes the warm ionized gas pressure (e.g., Lopez et al. 2011).
The momentum from the photons in their interactions is also conserved, so there
is a net momentum transfer to the gas and dust. Thus, each atom that absorbs a
photon (gets photoionized) will also experience a velocity kick. The term “radiation
pressure” is then the net effect that results in a pressure force, although radiation
pressure is also sometimes regarded as the energy density of the radiation field (Lopez
et al. 2011), and is regardless one of the most important feedback processes (Krumholz
& Matzner 2009; Fall et al. 2010; Murray et al. 2010; Lopez et al. 2011).
The stellar radiation also has the potential to be absorbed by surrounding dust
and be re-radiated in the infrared. This dust-processed infrared radiation will exert
a pressure determined by the energy density of the radiation field that was absorbed.
Thus, the dust-processed radiation pressure can be dynamically important if the
radiation is trapped inside a H II shell that is optically thick to the IR light (Krumholz
& Matzner 2009; Murray et al. 2010).
Beyond emitting photons, stars also contribute feedback through outflows, jets,
winds, and supernova. Supernova can considerably impact star clusters, however, the
focus of this thesis will be the timeframes and feedback mechanisms that occur before
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Fig. 1.11.— The dominant feedback mechanism in an observation study of massive
star clusters in the LMC appears to be warm gas pressure (due to photoionization), as
shown by this figure from Lopez et al. (2014), however it is suspected that radiation
pressure may be more important at earlier times.
the stars explode as supernova, and are thus not considered further here. Analogously,
protostellar outflows and jets from low mass stars are also omitted from consideration
in this thesis. While important in low-mass star clusters (e.g., Cunningham et al.
2011), the dynamic contributions of protostellar outflows and jets are negligible at
the massive star cluster scale (Matzner 2007). On the other hand, in massive star
clusters where many massive stars are present, the stellar winds from the massive
stars inject energy (the integrated energy is as much as from a supernova explosion),
momentum, mass, and metals into their surroundings, carving out cavities (Rogers &
Pittard 2013) and removing natal gas (Calura et al. 2015). In addition, shock heating
from all these various processes will produce hot X-ray gas and, thus, hot gas pressure
will also contribute feedback (e.g., Stevens & Hartwell 2003; Pellegrini et al. 2011;
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Fig. 1.12.— Various simulations from Dale et al. (2014) showing resulting morphologies of the cold natal gas of a massive star cluster that may be cleared out by feedback:
(top left) control with no feedback, (top right) ionization, (bottom left) stellar winds,
and (bottom right) winds and ionization.
Rogers & Pittard 2014).
In general, the relative importance of different feedback mechanisms on driving
the evolution of the H II region and on the surrounding natal material is not yet
understood (Lopez et al. 2011). The expansion of the ionized gas likely dominates
H II regions driven by single massive stars to massive star clusters, for instance
in analytic studies (e.g., Matzner 2002), simulations (e.g., Dale et al. 2005), and
observational studies as shown in Figure 1.11 (in the Large Magellanic Clouds by
Lopez et al. 2014). However, radiation pressure may also be the dominant feedback
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mechanism early on (Krumholz & Matzner 2009; Lopez et al. 2011). The processed
infrared radiation pressure is not in the running as a dominant feedback process; it is
observed to be insignificant in H II regions in the LMC Lopez et al. (2011, 2014). Thus,
the effects of processed infrared radiation pressure are often not included in studies;
rather the “single-scattering” regime (only the direct radiation pressure considered)
is often the focus of feedback studies instead (Sales et al. 2014). Stellar winds are
thought to be less important energetically in the dynamics of H II regions, as the
output energy equivalent to that of a supernova can leak and escape (e.g., Rogers &
Pittard 2013). Yet, it is becoming increasingly clear that stellar winds should not be
ignored. Winds are more efficient than the H II region pressure in removing extremely
dense material and in determining the morphology (Dale et al. 2014). In addition,
the impact of later supernova is increased by up to a factor of two to six, if winds
have cleared molecular material (Walch & Naab 2015; Fierlinger et al. 2016). These
details demonstrate that the feedback phase of massive star clusters is complicated,
with different mechanisms contributing at different times and interplay between them
(Sales et al. 2014). See Figure 1.12 for a visual comparison of the effects of a couple
different feedback processes on a star cluster.

1.3.2

Potential for WR Stars to Increase Feedback

Thus far, the contribution of additional feedback from WR stars has not been addressed in the literature. The WR feedback may be significant in the evolution of
some massive star clusters, and will be the topic of this thesis. There are good
reasons to suspect that WR stars may be important in how massive star clusters
emerge. The feedback from many different physical processes may be increased during the WR phase, including the two leading candidates for the dominant feedback
process (photoionization and radiation pressure). There might be a slight increase
in the luminosity of the stars (and thus cluster) during the WR phase for stars with
certain initial masses or properties, which would produce more radiation pressure
than that from O-stars, as follows. The Geneva models at solar metallicity (Ekström
et al. 2012) show that non-rotating stars have a higher luminosity during the WNL
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Fig. 1.13.— The increased potential for feedback is clear in the most recent stellar
evolutionary codes (Ekström et al. 2012). Top: from Fierlinger et al. (2016), the
mass loss and kinetic energy are shown. Bottom: from Topping & Shull (2015), the
ionizing photon rates also show enhancements over the WR phase.
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phase than during their O-star phase (see Figure 1 in Georgy et al. 2012). If rotating, this only follows for stars with lower initial stellar masses (∼25 M ). At a low
metallicity of z=0.002 (Georgy et al. 2013), where a higher initial mass is required
make a WR star through single star evolutionary paths, the stars with initial stellar
masses > 85M exhibit higher luminosities during the WR phase compared to the
earlier stages. Observationally, the findings may not be in agreement with the predictions; as shown in HR diagrams, WC stars in the MW appear below the previously
predicted tracks (Sander et al. 2012), and WN stars in the LMC and M31 fall across
and below evolutionary tracks (Hainich et al. 2014; Sander et al. 2014). Regardless
of the luminosity, the WR winds can cause chemical enrichment (Kehrig et al. 2013),
leading to greater opacities and a corresponding increase in radiation pressure.
Additionally, the ionizing flux for stars with an initial mass of 60 M is increased
by an order of magnitude, and more for stars with initial masses less than 60 M ,
when they have evolved into the WR phase (at solar metallicity; Topping & Shull
2015), which is shown in Figure 1.13. Higher ionizing photon rates from WR stars
can result in more photoionization in comparison to that produced by O-stars, and
thus result in higher ionized gas pressure.
Lastly, the feedback potential of the winds was first realized by Abbott (1982),
somewhat unexpectedly, in calculating how significant the wind power contributions
from WR stars could be. For many stars, particularly those initial masses less than 60
M , the wind power output during the short WR phase is more than that produced
during the hydrogen burning phase when on the main-sequence. Abbott (1982) also
estimated that more than half of the mass and energy input by early type stars into
the nearby interstellar medium was from WR stars, which were only 5% of the studied
stellar population.
However this contribution is less apparent when approximate WR properties are
considered, say for stars with initial masses greater than 60 M . In the generic case,
WR winds will input roughly ten times the instantaneous energy than O-star winds.
Then, the short lifespan of the WR stars, roughly a tenth of the O-stars’ lifetime,
leads to a simple calculation that the integrated energy output by the winds is similar
over the lifetime of the O-stars and the WR stars; this has likely led to somewhat
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ignoring the WR star contributions to the feedback. Yet as Abbott (1982) showed
early on, and in the case of the other feedback processes as well, the evolution of
the star for each specific initial masses matters and the output energy may be much
higher (see Figure 1.13).
Most importantly, if there is an increase in feedback during the WR phase, the
influence on the environment may be increased beyond that of the previous O-star
phase particularly because of the carved out cavities due to the O-star feedback. In
the same way that the impact of supernova is amplified if the region was previously
cleared out (Agertz et al. 2013; Walch & Naab 2015) because steady feedback has
been shown to be more efficient than a blast (Fierlinger et al. 2016), the impact of
the WR feedback should be increased after the O-star feedback has (very slowly)
done its work. Clearly, there is much work to be done to understand the interplay
amongst the different feedback mechanisms (Calura et al. 2015), including the WR
contributions.

1.4

Contents of This Thesis

This thesis investigates the potential role of WR stars in the early evolution of massive star clusters and is primarily composed of two in-depth works that have been
published in refereed journals. Chapter 2 was published in the Astronomical Journal
in January 2015 (Sokal et al. 2015a). After Reines et al. (2010) published observations
showing WR features in a partially embedded massive star cluster S26 in NGC 4449,
I infer the evolutionary significance of this seemingly surprising feature. It is clear
the massive star populations, particularly the WR stars, in S26 are drastically altering enshrouding natal material and revealing the optical cluster hidden inside. With
a multi-wavelength analysis of S26, I hypothesize that the contribution of feedback
from WR stars may provide the tipping point in the combined feedback processes
that drive a massive star cluster to emerge.
In Chapter 3, I describe an observational survey, inspired by S26 in NGC 4449, to
assess the role of WR stars in the emergence of massive star clusters. The primary
goal is to examine the evacuation process in action by finding more clusters in the
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same evolutionary phase as S26. In addition to identifying a sample of emerging
massive star clusters hosting WR stars, I find that the prevalence of the WR stars in
the targeted emerging massive star clusters is an important result, as a clear detection
of the WR bump is observed in 50% of the radio-selected sample. Additionally, there
are key differences between the emerging massive star clusters with and without WR
stars. This work is to be published by the Astrophysical Journal (Sokal et al. 2016).
Finally, I give a brief summary and look forward in Chapter 4.
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Chapter 2
An Emerging Wolf-Rayet Massive
Star Cluster in NGC 4449
2.1

Overview

Here, I present a panchromatic investigation of the partially embedded, emerging
massive cluster Source 26 (= S26) in NGC 4449 with optical spectra obtained at
Apache Point Observatory and archival Hubble, Spitzer, and Herschel1 Space Telescope
images. First identified as a radio continuum source with a thermal component due
to ionized material, the massive cluster S26 also exhibits optical Wolf-Rayet (WR)
emission lines that reveal a large evolved massive star population. Using optical
spectra, I find that S26 is host to ∼240 massive stars, of which ∼18 are WR stars; the

relative populations are roughly consistent with other observed massive star-forming
clusters and galaxies. Infrared SEDs of S26 extracted over two spatial scales (∼100
pc and ∼300 pc) clearly exhibit warm dust and polycyclic aromatic hydrocarbon

(PAH) emission. The best fit dust and grain models reveal that both the intensity of
the exciting radiation and PAH grain destruction increase toward the cluster center.
Given that the timescale of evacuation is important for the future dynamical evolution
of the cluster, it is important to determine whether O- and WR stars can evacuate
the material gradually before supernova do so on a much faster timescale. With a
minimum age of ≈ 3 Myr, it is clear that S26 has not yet fully evacuated its natal

32
material, which indicates that un-evolved O-type stars alone do not provide sufficient
feedback to remove the gas and dust. I hypothesize that the feedback of WR stars in
this cluster may be necessary for clearing the material from the gravitational potential
of the cluster. As it is emerging and host to WR stars, S26 is similar to Emission
Line Clusters observed in the Antennae Galaxies and may be considered a younger
analog to 30 Doradus in the LMC.

2.2

Background

The energetics of galaxies are largely driven by the evolution of massive stars; and
when clustered, the impact of these stars can be catastrophic. Massive stars modify their environment through strong, fast winds and eventual supernova explosions.
These processes inject energy and distribute heavy elements, making massive stars
critical to galaxy evolution (Maeder & Conti 1994). Massive stars are found in the
highest concentrations in massive and super star clusters (SSCs), which host hundreds
to thousands of massive stars in a few parsecs and form in the most intense regions of
star formation in the universe. However, the physical conditions that produce SSCs,
or even slightly smaller massive star clusters, remain uncertain, although it is apparent the feedback from the constituent massive stars will drive the cluster evolution.
In this work, I present a massive star cluster undergoing a major transition that may
develop our understanding of the interplay of massive stars and SSC evolution.
A picture of SSC evolution has developed in which SSCs form in thick, dense envelopes of natal material similar to scaled up versions of single massive stars (Johnson
2002). SSC evolution starts with a molecular cloud proto-cluster that begins to form
stars, yet as these stars are still embedded in the natal cocoon, the early evolution
is effectively obscured from view at many wavelengths. However, the massive stars
within the embedded cluster begin to ionize the surrounding material. A number of
these analogs to Ultra-compact H II (UCH II) regions have been identified in other
galaxies; these vastly scaled up systems are detected as radio continuum sources (e.g.
Kobulnicky & Johnson 1999; Turner et al. 2000; Johnson & Kobulnicky 2003; Johnson et al. 2004; Tsai et al. 2006; Reines et al. 2008; Johnson et al. 2009; Tsai et al.
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2009; Aversa et al. 2011; Kepley et al. 2014) with a flat or inverted spectral index,
indicative of thermal free-free emission from dense young H II regions. Kobulnicky
& Johnson (1999) dubbed these sources as Ultra-dense H II regions (UDH IIs) (or
similarly “supernebulae” by Turner et al. 2000).
The massive stars will continue to evolve and proceed to evacuate the surrounding
material. One possible example of this emerging evolutionary stage are emission line
clusters (ELC). Identified in the Antennae galaxies, ELCs are a type of H II region
that are younger versions of SSCs and exhibit broadened Brγ line emission suggestive
of massive stars evacuating their surroundings via wind (Gilbert & Graham 2007).
Finally, the massive stars will be revealed at optical wavelengths and regulate or halt
star formation (Agertz et al. 2013). This results in the final early evolutionary stage
of SSCs as bright and blue optical clusters that are well studied with Hubble Space
Telescope (HST) (Whitmore & Schweizer 1995). This last stage can be exemplified
by the well-known region 30 Doradus (30 Dor) in the LMC, which is the closest
SSC analog. The entire massive/SSC evolutionary sequence can be summarized as:
protocluster → UDH II → emerging cluster (ELC) → SSC (e.g.

Whitmore et al.

2014).

Although some of the steps in the evolution have been outlined, ultimately the
physical process of an UDH II region becoming a cleared-out, optical SSC is not yet
well understood. For instance, cluster age measurements are not feasible until the
stars are optically visible after clearing embedding material and the most massive
stars have started to evolve off the main sequence. Population comparisons suggest
that the UDH II phase lasts for < 1 Myr (Kobulnicky & Johnson 1999), however, a
radio and optical study of NGC 4449 revealed that some clusters may in fact remain
embedded up to 5 Myr (Reines et al. 2008). As for the evacuation process, many
models assume an instantaneous removal at some given age (such as in Pfalzner &
Kaczmarek 2013). This picture is too simplified, as the rate of removal will surely
change the fate of the cluster (Baumgardt & Kroupa 2007). Even accounting for the
rate of removal is not enough: as shown by Pfalzner & Kaczmarek (2013), a scenario
simply comparing SFE or expulsion timescales is too limited to describe a cluster’s
ability to stay bound and thus survive.
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Fig. 2.1.— An HST rgb image (Hα, I, B) showing nebular emission surrounding a
compact optical cluster in S26. The green contours show 3,4,5, and 6σ emission at
3.6 cm (Reines et al. 2008); the 3σ contour corresponds to a region with a radius of
∼50 pc.
Perhaps most paramount, the dominant mechanism responsible for the evacuation
of the natal material is unclear. Massive stars erode the obscuring envelope through a
combination of stellar feedback processes including direct radiation from stars; pressure from cold, warm (the ionized H II region itself), and hot gas; dust processed IR
radiation; protostellar winds and jets; and stellar winds and supernovae (e.g. Lopez
et al. 2014). Yet, the relative importance of these mechanisms in removing the natal
material is under debate–especially how these processes are coupled to the molecular
cloud material (as discussed in Rogers & Pittard 2013).
I have identified a young massive cluster in NGC 4449 that appears to be undergoing this major transition between evolutionary phases, and its stellar content
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Fig. 2.2.— Flux calibrated spectra taken with DIS on the 3.5 m Telescope at Apache
Point Observatory of the cluster S26 in NGC 4449, zoomed in on the broad WolfRayet features. The dotted line shows the subtracted nebular features. Top–The
“blue bump,” a composite of broad lines at 4640 Å, 4650 Å, and 4686 Å. Bottom–
The broad “red bump” centered at 5808 Å. Obvious nebular and WR features are
labeled.
is consistent with winds comprising a large component of the feedback driving the
evolution. The massive star cluster (roughly 50 pc; shown in Figure 2.1) cataloged by
Reines et al. (2008) as Source 26–S26 hereafter–in NGC 4449 simultaneously exhibits
a thermal free-free radio emission component (Reines et al. 2008) and optical spectra
showing features that reveal the presence of Wolf-Rayet (WR) stars (see Figure 2.2
and Reines et al. 2010) that begin to appear in ∼3 Myr (Conti 1993). WR stars

undergo rapid mass loss through fast winds with which they can drastically impact
their environment. Thus, S26 may have been caught in the act of breaking out of
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its natal cocoon, driven by the winds of the WR stars, providing an opportunity to
observe the impact of evolved massive stars on their natal environment.
S26 is in a relatively low metallicity environment, and thus not only represents an
important stage in cluster evolution, but also offers a window into a regime of star
formation that is not well understood. The host galaxy NGC 4449 is an irregular
Magellanic spiral that is close enough, at 3.9 Mpc (Annibali et al. 2008) where 1”∼18
pc, to resolve individual star-forming regions. Shown in Figure 2.3, the massive star
cluster S26 can be found northward of the central part of the galaxy, at 12:28:13.86
+44:07:10.4 (Reines et al. 2008). The metallicity of the region has been measured
from Z = 0.004 (=0.28 Z ; Ryś et al. 2011) to Z = 0.0063 (=0.44 Z ; Lequeux et al.
1979), which is comparable to the Large Magellanic Cloud (LMC) at Z = 0.0068
(O/H = 8.37; Russell & Dopita 1990).
In this section, I present a multi-wavelength analysis of the massive star cluster
S26 in NGC 4449. The optical spectra and archival infrared data and reduction are
discussed in Section 2.3. I evaluate general properties of the region, such as extinction
and age, in Section 2.4. I determine the massive star populations in Section 2.5 and
identify the thermal radio emission in Section 2.6. In Section 2.7, I construct SEDs
and find the best fit dust models. In Section 2.8, I put S26’s massive star populations
in context, discuss winds as possibly driving the evolution, and look at the similarities
between S26 and 30 Doradus in the LMC. Finally, I present conclusions briefly in
Section 2.9.

2.3

Observations and Data Reduction

2.3.1

Optical Spectra from APO

S26 in NGC 4449 was observed on 2008 April 13 with the 3.5 m telescope at Apache
Point Observatory (Reines et al. 2010), using the red and blue channels of the Dual
Imaging Spectrograph (DIS) in low-resolution mode. The total exposure time was 30
minutes, producing a signal-to-noise ratio per pixel of ∼60 in the blue and ∼45 in
the red continua. The spectrum has a resolution of ∼7 Å over a wavelength range of
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∼3800-9800 Å and was reduced using IRAF and IDL routines. S26 was observed with

a 1.00 5 × 360” slit and its spectrum was extracted from a 4.00 4 window. The correction

factor to account for slit loss is 1.9, determined by comparisons to HST photometry
of a region of radius 3.00 3 (≈ 60 pc). Further details can be found in Reines et al.
(2010).
The spectrum of the cluster S26 clearly displays typical WR line features (Fig. 2.2;
also Reines et al. 2010), explained in detail in Section 2.5. After the initial spectral
reduction of Reines et al. (2010), emission line features are further processed in this
work using the IRAF SPLOT package. The blue bump WR feature, a composite

feature of lines at 4650 and 4686 Å, is analyzed after the prominent, superimposed
nebular lines [Fe III] (4658 Å) and He I and [Ar IV] (4713 Å) are subtracted (Fig.
2.2). The observed line flux, extinction corrected line fluxes (see Section 2.4.1), and
equivalent widths are given for emission lines in Table 2.1. Results are similar to
those in Reines et al. (2010) for the only presented line, Hα.

2.3.2

Infrared Archival Data

2.3.2.1

Spitzer IRAC and MIPS

Infrared data from the Spitzer Space Telescope (Werner et al. 2004) were retrieved
from the Spitzer Science Center Archive, consisting of InfraRed Array Camera (IRAC)
(Fazio et al. 2004) and Multiband Imaging Photometer for SIRTF (MIPS) (Rieke et al.
2004) imaging. NGC 4449 was imaged with IRAC (PI: G. Fazio) at 3.6, 4.5, 5.8, and
8.0 µm (FWHM of ∼1.00 9; Fazio et al. 2004) and MIPS (PI: R. Kennicutt) at 24 µm

(FWHM of ∼6”; Rieke et al. 2004). The post-basic calibrated data from IRAC and
MIPS images are used, which were reduced with the Spitzer Science Center pipeline.

The flux calibration uncertainty is 2% (Reach et al. 2005) for IRAC and 4% for MIPS
(Engelbracht et al. 2007).
2.3.2.2

Herschel PACS and SPIRE

The ESA Herschel Space Observatory (Pilbratt et al. 2010) has observed NGC 4449 as
part of the Dwarf Galaxy Survey (Madden et al. 2013). NGC 4449 was observed with
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Table 2.1.
Wavelength
(Å)

Identification

3835
3868
3889
3970
4076
4102
4341
4363
4471
4650
4658
4686
4713
4861
4959
5007
5755
5808
5876
6300
6312
6548
6563
6584
6678
6717
6732
7065
7137
7319
7330
7751
9069
9532

Hη
[Ne III]
Hζ
H
[S II]
Hδ
Hγ
[O III]
He I
[C III] (blue bump)
[Fe III]
He II (blue bump)
[Ar IV]/He I
Hβ
[O III]
[O III]
[N II]
[C IV] (red bump)
He I
[O I]
[S III]
[N II]
Hα
[N II]
He I
[S II]
[S II]
He I
[Ar III]
[O II]
[O II]
[Ar III]
[S III]
[S III]

Emission Line Properties of S26
Observed Flux
(10−13 ergs cm−2 s−1 )

Extinction Corrected Flux
(10−13 ergs cm−2 s−1 )

0.195 (0.013)
0.754 (0.033)
0.527 (0.023)
0.607 (0.026)
0.019 (0.013)
0.720 (0.023)
1.323 (0.042)
0.066 (0.017)
0.116 (0.011)
0.102 (0.018)
0.015 (0.001)
0.077 (0.013)
0.014 (0.001)
3.00 (0.11)
4.33 (0.24)
13.40 (0.46)
0.009 (0.001)
0.040 (0.026)
0.348 (0.013)
0.0410 (0.0035)
0.0486 (0.0033)
0.101 (0.070)
9.60 (0.32)
0.350 (0.093)
0.106 (0.0051)
0.294 (0.024)
0.218 (0.023)
0.0778 (0.0066)
0.344 (0.013)
0.0728 (0.0039)
0.0584 (0.0034)
0.0827 (0.0048)
0.974 (0.043)
2.503 (0.086)

0.306 (0.059)
1.18 (0.22)
0.82 (0.15)
0.95 (0.17)
0.030 (0.021)
1.12 (0.19)
2.03 (0.33)
0.101 (0.031)
0.177 (0.033)
0.155 (0.037)
0.0223 (0.0035)
0.116 (0.026)
0.0213 (0.0033)
4.52 (0.68)
6.50 (1.00)
20.07 (2.96)
0.0125 (0.0017)
0.059 (0.039)
0.510 (0.067)
0.0595 (0.0087)
0.0705 (0.0096)
0.15 (0.10)
13.86 (1.66)
0.51 (0.15)
0.153 (0.019)
0.423 (0.059)
0.314 (0.049)
0.112 (0.015)
0.493 (0.056)
0.104 (0.012)
0.083 (0.010)
0.117 (0.014)
1.36 (0.14)
3.49 (0.33)

EW
(Å)
7.8 (0.7)
29.5 (2.7)
21.1 (1.5)
25.1 (2.0)
0.8 (0.6)
33.5 (1.5)
70.0 (4.1)
3.6 (1.2)
7.1 (1.0)
7.1 (1.3)a
0.94 (0.02)
5.3 (0.9)a
0.96 (0.02)
185 (49)
300 (200)
940 (750)
1.0 (0.1)
4.9 (3.4)a
43.6 (3.6)
6.13 (0.72)
7.25 (0.70)
8.7 (8.5)
580 (380)
46 (28)
18.9 (1.6)
59 (27)
44 (23)
15.9 (2.7)
66.5 (8.6)
16.1 (1.5)
13.0 (1.3)
19.3 (2.3)
500 (630)
...b

Note. — Tabulated quantities are: intrinsic wavelength, common identification, observed flux, extinction
corrected flux, and equivalent width (EW). Uncertainties follow in parentheses.
a The

WR features are broad.

b Not

well constrained.
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Fig. 2.3.— An infrared view of the massive cluster S26 in NGC 4449. From top
left moving clockwise: an Spitzer IRAC rgb image (3.6, 5.8, and 8.0 µm), Spitzer
MIPS 24 µm, Herschel PACS R (170 µm), and Herschel SPIRE PLW (500 µm). The
extraction regions for constructing the source SED (Fig. 2.6) are plotted in red (small
5”∼100 pc circle) and green (large 15”∼300 pc circle). S26 is a dominate source of
emission even at the longest wavelengths.
the Photodetector Array Camera and Spectrometer (PACS) (Poglitsch et al. 2010) at
70, 100, and 160 µm (FWHM of the point-spread function PSF is 5.2, 7.7, and 12.00 0,
respectively) and the Spectral and Photometric Imaging REceiver (SPIRE) (Griffin
et al. 2010)at 250, 350, and 500 µm (FWHM of 18.2, 24.9, and 36.00 3, respectively).
The newly released “Level 2.5” data from PACS are analyzed, using MadMap
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images to preserve extended structure (Rémy-Ruyer et al. 2013). The PACS calibration uncertainty is of the order of 10%, e.g. Fritz et al. (2012). For the SPIRE
data, I analyze the “Level 2.0” and adopt a conservative uncertainty of 15% on flux
calibration, as according to the SPIRE observer’s manual (http://herschel.esac.
esa.int/Docs/SPIRE/html/) the overall calibration uncertainty for the SPIRE photometer is 7-15%. For both PACS and SPIRE datasets, astrometric corrections are
applied to the data using the peak emission of the nucleus of NGC 4449.

2.4

General Properties of S26

2.4.1

Extinction

The extinction of a star-forming region is crucial for accurate line measurements, as
well as information on the extent to which a source is embedded. Using nebular lines
only measures extinction toward gas that is not very heavily extincted and thus can
be biased low. The extinction of S26 is derived through optical nebular Balmer line
and radio fluxes from Reines et al. (2008). Extinction curves for the 30 Doradus
region of the LMC (Misselt et al. 1999; Fitzpatrick 1985) are used to convert the
Balmer decrement to AV , appropriate as the dust processing and the metallicity of
the two regions are similar, roughly Z = 0.008 (Russell & Dopita 1990). Use of a
Milky Way extinction curve changes the measured extinction by only ∼10%.

The total extinction of S26 is measured to be AV = 0.41 and is used in correcting

the optical line fluxes in Table 1. Subtraction of the Galactic foreground extinction results in an internal extinction of AV,i = 0.35: along the S26 line of sight, the
Milky Way galactic extinction is measured as E(B−V)= 0.019 (Schlegel et al. 1998),
converted assuming the standard galactic curve AV = 3.1 E(B−V). Within the uncertainties, this internal extinction is in agreement with AV,i = 0.40 as estimated by
Reines et al. (2010) by fitting the spectrum with STARBURST99 models.
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2.4.2

Electron Temperatures, Density, and Pressure

In order to probe the pressure as well as measure oxygen abundance as a proxy for
metallicity, I estimate the electron density and temperatures in S26. These physical
conditions in the ionized gas of S26 are determined through ratios of line fluxes using
the five-level atom model (De Robertis et al. 1987) with the NEBULAR package
in IRAF. The electron density is estimated using the S II line ratio 6716λ/6731λ
and the S+ electron temperature given by the line ratio (6716λ+6731λ)/4076λ. The
electron density is estimated to be ne (S II)≈75 cm−3 , although it may vary by as
much as a factor of four due to propagation of flux uncertainties also impacting the
temperature. The S+ electron temperature is T(S II) = 6500 ± 800 K. The O+

electron temperature is determined by T(O II) = T(N II) (Izotov et al. 1994), which
results from the H II photoionization models of Stasińska (1990), and is measured
to be T(N II) = 13500 ± 1400 K using the [N II] ratio (6548λ+6584λ)/5755λ. The

O++ electron temperature is measured to be T(O III) = 9400 ± 500 K using the
[O III] ratio (4959λ+5007λ)/4363λ. Using the estimated density of 75 cm−3 then
implies a pressure of P/k = 7.5 ×105 cm−3 K for S26. The temperatures, density,

and pressure estimated for S26 fit the observed range of typical H II regions in disk
galaxies and ELC regions in the Antennae Galaxy (Gilbert & Graham 2007; Hunt &
Hirashita 2009). Thus, the standard H II temperature of 104 K as a representative
single temperature is assumed throughout this work.

2.4.3

Metallicity via Oxygen Abundance

I derive the oxygen abundances using the standard Te method with two distinct temperature zones in the photoionized H II region, as in Izotov et al. (1994, 1997), using
the O+ and O++ electron temperatures are explained above. The total oxygen abundance is derived by O/H = O+ /H+ +O++ /H+ : O+ ionic abundance is measured with
the summed flux of the doublet 7319/7330λ, and O2+ ionic abundance is determined
using ionic abundances for the lines 4363λ, 4959λ, and 5007λ. The total oxygen
abundance is measured to be 12 + log(O/H) = 8.3 ± 0.2, which is in agreement with

checks using empirical relations from Izotov et al. (2006) that were computed with
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Fig. 2.4.— STARBURST99 predictions for the cluster age vs. the equivalent width
of the Hβ (4861 Å) line (see Section 2.8.1.1). The observed EW of Hβ for the massive
star cluster S26 in NGC 4449 (solid line with uncertainties shown as a shadowed
region) implies an age of 3.1 ± 0.3 Myr.
new photoionization models. By assuming a simple scaling relation and the solar
metallicity value 12+log(O/H) = 8.69 (Asplund et al. 2009), the oxygen abundance
converts roughly to a metallicity of Z∼0.006 (=0.4 Z ), similar to the LMC. The
measured oxygen abundance of S26 is in excellent agreement with the value found by
Lequeux et al. (1979) of 12+log(O/H) = 8.38.

2.4.4

Age

Ages are instrumental to characterizing the timescales of the early evolutionary stages
of massive star clusters, as well as necessary for comparisons to predictions and other
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observed objects. The age of S26 is estimated by comparing the equivalent width of
Hβ to the evolutionary synthesis models of STARBURST99 (Leitherer 1999), using
the measured equivalent width of Hβ of ≈185 Å, and adopting a metallicity of Z =
0.008 (see details provided in Section 2.8.1.1). As shown in Figure 2.4, I derive an
age of 3.1 ± 0.3 Myr for S26, consistent with Reines et al. (2010).

2.5

WR Features and the Massive Star Populations

The first hint of the important evolutionary phase of S26 was the discovery of an
optical feature due to WR stars (Reines et al. 2010). WR stars are spectroscopically
identifiable via unique emission lines and are divided into subtypes of nitrogen-rich
WNs, carbon-rich WCs, and oxygen-rich WOs; the presence of several WR stars will
produce broad features in the integrated optical spectrum known as WR “bumps”
(Fig. 2.2). S26 clearly displays broad WR features of both WN and WC populations,
namely the “blue bump” near 4650 Å, consisting of a blend of [N III] 4640 Å,
[C III] 4650 Å, and He II at 4686 Å, and the “red bump” due to [C IV] at 5808 Å.
The emission at 4686 Å of S26 does not display a clearly distinct nebular component
(Fig. 2.2 ) often seen in the integrated spectra of WR galaxies e.g. Conti (1991).
However, at relatively low metallicities, such as S26, the stellar component is thought
to dominate (Schaerer & Vacca 1998). The expected nebular emission for a population
He II [4686 Å])
)∼-2 according to Schaerer & Vacca
of 3 - 3.5 Myr should be log( I(nebular I(Hβ)

(1998). Thus, the expected nebular emission is too low to be significantly detected or
distinguished from the stellar emission at 4686 Å with this dataset, and thus the lack
of resolved nebular emission is not surprising. Other WR features that could further
classify the WR population would be similarly too faint to detect.

2.5.1

Determining the Number of WR Stars

The luminosity of a WR feature can be used to constrain the WR population and
estimating the WR star populations in an extragalactic source has become fairly
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standardized (e.g. Schaerer & Vacca 1998; Guseva et al. 2000). The number of WR
stars can be estimated as NWR = LWR /Lo,WR , with Lo,WR as a typical single WR
star producing the feature and LWR as the observed luminosity of that feature from
the source. The subtypes can be separately analyzed with their respective WR lines.
Many uncertainties result from this method due to the inherent range of WR line
fluxes emitted by individual stars, averaging over WR subtypes, and the currently
poor understanding of the impact of environment on WR line fluxes. Nonetheless,
it is useful to estimate the massive star populations within a cluster, as long as the
range of uncertainties are kept in mind while interpreting the results.
In order to constrain the WR subtype populations in S26, the method of Guseva
et al. (2000) is adopted. The red bump at 5808 Å is thought to be produced only by
WCE stars and can be compared to representative WC4 stars. The number of WC
stars can be approximated as NWC = L(5808 Å)/LWC4 (5808 Å), assuming a typical
luminosity of a single WC4 star at 5808 Å is 3.0×1036 ergs s−1 as measured in the
LMC (Schaerer & Vacca 1998).
Determining the number of WN stars is less straight forward because the blue
bump includes contributions from both WN and WC stars. The relative contribution
of WC stars to the blue bump feature can be estimated from the red bump, unique
to the WCs, and is described by the coefficient k = LWC4 (4650 Å)/LWC4 (5808 Å)
(Guseva et al. 2000). I adopt a value of k=1.71 ± 0.53 (Schaerer & Vacca 1998;

Guseva et al. 2000), although uncertainties are large due to variations in relative line
fluxes (Schaerer & Vacca 1998). After subtracting the estimated WC contribution
from the total measured flux in the blue bump, the number of WN stars is found by
comparing the remaining emission to a typical WN star. I assume a typical WN of
a WNL (WN7) star to be with a luminosity of 2.0 × 1036 erg s−1 in the blue bump

(4650 + 4686 Å; Guseva et al. 2000) as in the LMC.

In total, I have estimated 20 ± 14 WR stars in S26, comprised of roughly 4 ± 3

WC and 16 ± 13 WN stars. The results can be found in Table 2.2. The uncertainties

are estimated from assuming a typical flux, using the observed flux range in the LMC
by Schaerer & Vacca (1998), as well as from flux measurement uncertainties in Table
2.1. Due to the large range of observed variation of fluxes, the uncertainties are
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correspondingly, and unavoidably, large. Another potential uncertainty that has not
been accounted for arises from the weak He II line emission from the most massive
O-stars (Of-stars), which may result in an overestimate of WN stars. However, this
effect is expected to be small at the metallicity and age of S26, roughly Of/O∼0.15,
which with the weak He II emission (10% of a WN star) would contribute a total
of ∼2 WN stars (Schaerer & Vacca 1998). Additionally the ratio of WC to WN

stars appears normal, see Section 2.8.1.2, and thus Of-star contamination is likely
not important.

2.5.2

Determining the Number of O-stars

Identifying the total massive star population in S26 is important for understanding the feedback processes that are altering the cluster. In addition to the massive
WR stars that are driving strong winds and hard radiation throughout the cluster,
the O-star populations will also contribute ionizing radiation and additional (albeit
weaker) winds. The number of O-stars can be estimated by determining the population needed to produce the observed ionizing photons Qo , after subtracting off the
WR contributions. The ionizing flux seen at optical wavelengths is simply estimated
through empirical relations from Schaerer & Vacca (1998). Using Hβ at 4861 Å, the
ionizing flux is Qo ∼170×1049 photons s−1 . The number of O-stars are thus estimated
by assuming

NO = (Qo − NWR Qo,WR )/(ηo Qo,O7V )
Table 2.2. Massive Star Populations in S26
Type

Number

O
WNL
WCE
WRtotal

219 ± 15
15 ± 12
3±3
18 ± 13

WR/O
WC/WN

0.084 ± 0.058
0.23 ± 0.26
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(Guseva et al. 2000). The parameter ηo is the ratio of O7V stars to all O-stars,
included to account for different O-star subtypes occurring within IMF (as subtypes
produce different ionizing photon fluxes). At an age of 3.1 Myr and Salpeter IMF, I
find ηo ∼1.2 for the cluster S26 (Schaerer & Vacca 1998), near the peak value resulting
from a WR rich phase. A typical ionizing photon flux for an O-star is Qo,O7V is
taken to be 1048.75 s−1 from an O7V star (Martins et al. 2005) and 1049 s−1 for a
WR star (Guseva et al. 2000; Schaerer et al. 1999). O-star population uncertainties
are estimated by accounting for the measured flux uncertainty in S26, estimated
uncertainties on ηo , and uncertainties for the subtracted WR populations. With a
WR population of NWR = 18 from above, I find there are approximately 219 ± 15
total O-stars harbored in the massive star cluster S26.

2.6

The Thermal Radio Component of S26

The radio spectral indices of S26 indicate that the source hosts mixed thermal and
non-thermal contributions; and as shown in Figure 2.1, the radio continuum contours
additionally change from a resolved, irregular shape at 3σ to an unresolved, compact
peak at 6σ. Despite the messy nature of S26, it is necessary to identify the radio
emission produced by the H II region itself in S26. I decompose the observed radio
emission to the published fluxes at 1.3, 3.6, and 6.0 cm from Reines et al. (2008)
and assume the thermal emission follows Fν ∝ ν −0.1 and non-thermal emission as
Fν ∝ ν −0.7 (e.g. Baars et al. 1977). The thermal emission is, however, dependent on

both the size and density of the emitting region as Sν,thermal ∝ 2kT ν 2 τν /c2 , and the
models are thus under-constrained. To better constrain the fit, the approximate size
of the 3.6 cm radio continuum emission region is adopted. The 3σ contour suggests a
radius of ∼50 pc–however a smaller size would be derived if only the unresolved peak
emission was used (Reines et al. 2008, also seen in Figure 2.1).

I find the model with the lowest χ2 by both setting the radius and leaving it as
a free parameter, as shown in Figure 2.5. By imposing a radius of the adopted value
of 50 pc, the density is ne = 21.5 cm−3 and the non-thermal contributions at 1.3 cm
are 14% ± 15%, the band least contaminated by non-thermal emission. If the radius
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is unconstrained, the thermal radio emission results from a region of radius of r =
2.3 pc, a density of ne = 2.0×103 cm−3 , and non-thermal contributions at 1.3 cm of
28% ± 25%. The fit is under-constrained for both models (χ2red ∼0.5 and ∼0.1 for a

set and free radius) and the equality of the fits cannot discriminate between the two
conditions and rather express both as possibilities.
Thus, the radio data is consistent with both a large, low-density H II region
typical of Giant H II regions (GHRs) and a very dense, compact region typical of
UDH IIs (or, more likely, a combination of the two, although the data do not permit
a more sophisticated model). S26 clearly has associated extended thermal radio
emission, thus there may be a low filling factor of small dense regions or a single
very dense region within a larger, less dense S26 H II region. This type of scenario
has been observed in Mrk 996, where the extremely dense (ne ∼106 cm−3 ) nucleus is

surrounded by a less dense (∼102 cm−3 ) star-forming region, along with WR stars
(Telles et al. 2014). Thus, it seems the flux at 1.3 cm of Sν,1.3 cm ∼1360 µJy is roughly
representative of the thermal radio emission. While S26 is not solely a thermal source,
decomposition shows the flux at 1.3 cm can be considered primarily thermal.
While the majority of the thermal radio emission may be emitted by an H II region
surrounding the cluster, the WR populations will also contribute to the observed
radio flux. Strong WR winds are known to produce thermal free-free radio emission,
approximated by the scaling relation
Sν ∝

Ṁ ν 0.6
4/3
2
v∞ D

in which Ṁ is the mass loss rate, v∞ is the terminal wind velocity, and D is the distance
(Crowther 2007). Using this relation, the expected radio flux density contribution
from the WR stars in S26 can identify whether the H II region or the WR winds are
the likely dominant emitter. Accounting for metallicity, I can estimate the expected
radio flux density by scaling from galactic WR stars observed with the Very Large
Array (Cappa et al. 2004). Exactly how mass-loss rates depend on environment is
not well known, although mass-loss rates at low metallicities are observed to be lower
than higher metallicity environments as ṀWN ∝ Z0.7 and ṀWC ∝ Z0.5 (Crowther &
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Fig. 2.5.— Identifying the thermal radio component in the radio SED of S26, as
observed by Reines et al. (2008), with a χ2 fit to the observed fluxes of the expected
emission assuming thermal emission goes as Fν ∝ ν −0.1 while non-thermal emission
as Fν ∝ ν −0.7 . Top: constraining the fit such that the radius is set to 50 pc, as
observed by the irregular 3σ contour of the radio continuum, the flux has non-thermal
contributions of 14% at 1.3 cm. Bottom: allowing the radius to be a free parameter
(although under-constraining the fit) results in an increased non-thermal contribution
of 28% at 1.3 cm from a region of radius 2.3 pc.
Hadfield 2006). Clumping in the winds can additionally reduce mass loss rates by
factors of two (Crowther 2007). Taking a generic WC star for example, WR 5 (WC6
star) with Sν = 0.20 mJy at 3.6 cm (Cappa et al. 2004) would produce Sν,3.6 cm ∼5.2

× 10−8 mJy at the distance and metallicity of S26 in NGC 4449. Similarly, the radio

flux density of a WN star could produce Sν,3.6 cm ∼5.6 × 10−7 mJy (e.g. the WN 7
star WR 100). Summing the total population of WR stars in S26 and scaling to 1.3

cm, a flux density of around Sν,1.3 cm ∼9 ×10−6 mJy is expected due to the WR winds,

which compared to the observed flux of Sν,1.3 cm ∼1.360 mJy, is negligible. Therefore,

the thermal radio emission at 1.3 cm resulting from the WR winds is 1:10−5 to the
thermal radio emission observed in S26 and the majority must be resulting from
free-free emission from the H II region ionized by the stars.
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2.7

Dissecting the Dust

Archival data of the galaxy NGC 4449 from near-infrared to far-infrared wavelengths
is utilized to construct the spectral energy distribution (SED) of the massive star
cluster S26. The infrared emission from S26 is clearly one of the dominating sources
in its host galaxy, shown in Figure 2.3, and at the longest wavelength (500 µm) is
comparable in brightness to the nuclear emission.

2.7.1

Photometry

Embedding material surrounding S26 is evident throughout the rich archival dataset
of NGC 4449 and can be characterized through photometry and the construction of an
SED. An SED provides key information on the heated dust properties and is crucial
in describing the evolutionary phase. However, the wavelength coverage from a few
to hundreds of µm, along with source complexity as well as corresponding worsening
resolution, necessitates careful treatment of the different datasets to preserve the
shape of the SED.
Photometry is performed using two apertures to evaluate both the resolved emission and the total emission, which additionally will provide insight into any radial
trends; the apertures are overlaid in Figure 2.3 and explained below. Aperture photometry is performed using the IDL procedure SURPHOT (Reines et al. 2008). The
uncertainties are dominated by background subtraction, and these are estimated empirically by calculating the standard deviation of the fluxes measured using different
backgrounds.
Using native PSFs, I use a small extraction aperture for images where S26 is
resolved from nearby sources (images centered at 100 µm or less). A small circular
aperture with a radius of 5” (∼100 pc; see Figure 2.3) is adopted, which sufficiently
excludes nearby sources while including the resolved emission from S26. I follow
the IRAC Instrument Handbook for Calibration of Extended Sources http://irsa.
ipac.caltech.edu/data/SPITZER/docs/irac/iracinstrumenthandbook/29/#
_Toc296497401 as well as the procedure in Rémy-Ruyer et al. (2013) and the encircled energies in Balog et al. (2014) for extracting fluxes from PACS data, in
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agreement with http://herschel.esac.esa.int/Docs/HerschelUG/HUG2web_BA_
PACSExtendedSourcePhotometry.pdf
The total emission is measured with a large aperture over the complete dataset.
However, resolution matching is necessary due to the large change in PSF with increasing wavelength for the IR datasets. Therefore, I construct the total emission
SED using a large aperture extraction region (a 15”∼300 pc radius) on images convolved to a common resolution (SPIRE 500 µm with a PSF of 36”) using convolution
kernels provided by Aniano et al. (2011). The aperture correction for images convolved to the SPIRE 500 µm PSF and extracted with the large aperture are found
by applying the same photometry procedure to the corresponding PSF and the same
extraction apertures, as the region size is sufficiently small enough to approximate a
point source at this PSF.

2.7.2

SED of S26

The spectral energy distribution (SED) of S26 is shown in Figure 2.6; the shape
and peak result from large amounts of heated dust. For comparison, the expected
stellar emission from the STARBURST99 model (see Section 2.8.1.1) of a cluster of
similar mass undergoing an instantaneous starburst is also plotted. It is clear that the
infrared emission cannot be produced solely by stellar sources. Instead, this emission
is produced from a combination of heated dust partially embedding the cluster and
Polycyclic Aromatic Hydrocarbon grain (PAHs) emission in the photodissociation
region (PDR) surrounding the ionizing stars of the cluster. Strong evidence for PAH
emission is observed as an excess from the IRAC 5.8 and 8.0 µm–viewed as a bump
between the IRAC 4.5 µm and MIPS 24 µm points. The infrared emission is extracted
using two different methods due to the drastic change in resolution at increasing
wavelengths, as explained above. Not surprisingly, the SED extracted from the large
aperture results in more emission than the SED resulting from the smaller aperture.
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Fig. 2.6.— An SED of the optical to far-IR emission from the massive star cluster
S26 with dust and grain models over plotted for comparison. Optical spectra (green
line) is from Reines et al. (2010), and a STARBURST99 model (dotted green line)
clearly demonstrates an abundance of IR emission to the expected stellar emission.
The IR photometry and dust and grain model fitting utilize two apertures, explained
in further detail in Section 2.7: A small 5” aperture (blue squares) used to extract
emission from images with native PSFs, and a large 15” aperture (black squares) used
to extract emission from images convolved to the resolution of SPIRE 500 µm. The
best fit dust and grain model from Draine & Li (2007) are plotted for the corresponding aperture (large or small), where the dotted line shows the model spectra and the
empty circular dots show the photometric fluxes. The SED clearly shows strong PAH
features and large amounts of dust surrounding S26. The change in PAH emission in
the IRAC bands at 5.8 and 8.0 µm and the shift in the peak IR emission can be seen
between the two IR aperture SEDs, plausibly due to increased exciting radiation and
destruction of PAHs toward the cluster center.

2.7.3

The Best Fit Dust and Grain Model

SEDs can be quantitatively analyzed to describe the emitting material: to characterize
the dust, PAH components, and exciting radiation, I compare dust and grain models
of a gas and dust mixture heated by a distribution of starlight intensities from Draine
& Li (2007) to the infrared SED of S26. The starlight intensity is given by a scaling
factor U such that the energy density per unit frequency is uν = U uMMP83
, where
ν
the interstellar radiation field uMMP83
is from Mathis et al. (1983). The fraction of
ν
the dust mass that is exposed to a distribution of intensities from Umin to Umax is
described by the parameter γ; therefore (1-γ) is the fraction exposed to Umin . The
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fraction of the total dust mass that is in PAH particles is qP AH and expected to be
low at the low metallicity of NGC 4449.
The best fit models to the S26 SEDs are found via a χ2 test between the observed
photometric data for S26 and a model’s photometric flux at corresponding bands. The
characteristics of the best fit models are listed in Table 2.3 and the fits are shown in
Figure 2.6. The best fit models suggest that the exciting radiation in S26 is strong,
with a maximum starlight intensity of Umax =106 , which is similar to starbursting
galaxies. The minimum exciting intensity may increase towards the cluster center, as
Umin =12.0 for the best fit model to the large aperture SED and Umin =25.0 for the
best fit model to the small aperture SED. Compared to a global estimate of 2% PAH
emission in NGC 4449 (Karczewski et al. 2013), the best fit models may additionally
indicate this changing environment toward the center of S26. The large aperture SED
(extracted from a radius of ≈300 pc) best matches a model with high PAH emission
(3.19%) and nearer to the center of the cluster, the small aperture SED (extracted

from a radius of ≈100 pc) best matches a model where the PAH emission is reduced

to 1.12%. Thus, the dust grains may be being destroyed due to a higher radiation
field.

2.7.4

Dust Mass and Star Formation Efficiency

Dust is an integral component to the natal cluster environment. Understanding the
dust mass that is surrounding a region is important in determining the evolutionary
stage, providing comparisons of similar regions to formulate an observational picture,
and for extrapolating to estimate the gas mass. The ratio of the stellar to gas mass
serves an indicator for the degree of removal of natal material. Utilizing results of the
dust model fitting and the observed photometric fluxes, the dust mass surrounding
the cluster S26 can be estimated. Following the method of Draine & Li (2007), I
find a total dust mass of 2.3 ×105 M

as measured with the large aperture (with

uncertainties of 15% due to flux uncertainties alone). Due to the resolution at the
long wavelengths necessary for the dust mass estimate, this measurement is only over
this spatial scale, which is ∼300 pc.
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Table 2.3.

SED of S26: Photometry and Model Parameters
Small Aperture

Large Aperture

Band
IRAC 3.6 µm
IRAC 4.5 µm
IRAC 5.8 µm
IRAC 8.0 µm
MIPS 24 µm
PACS 70 µm
PACS 100 µm
PACS 170 µm
SPIRE 250 µm
SPIRE 350 µm
SPIRE 500 µm

Flux Density (mJy)
1.98 (0.21)
2.07 (0.18)
6.46 (0.42)
17.24 (0.93)
174 (17)
1180 (180)
1090 (150)
...
...
...
...

Flux Density (mJy)
9.1 (3.1)
8.8 (3.4)
45 (16)
139 (52)
355 (88)
3760 (770)
6100 (1600)
4690 (990)
1640 (250)
720 (120)
290 (30)

Umin
Umax
γ
qPAH

25.0
106
0.08
1.12%

12.0
106
0.03
3.19%

a Notes: The upper part of the table presents the flux densities
extracted from the corresponding aperture. The lower part of the
table presents the parameters determined by the best fit models
from Draine & Li (2007), which describe a gas and dust mixture
heated by a distribution of starlight intensities, U, where the local
starlight intensity is U = 1. The fraction of the dust mass exposed
to Umin is 1-γ. The emission due to the PAH particles is given
as qPAH .
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This total dust mass, which is sampled over a large region, is roughly three times
the stellar mass estimated by Reines et al. (2010) of 6.5×104 M , which corresponds
to a region of r=3”.3. However, the stellar mass can be scaled to the same large 15”
aperture used for the dust mass estimate. I determine this scale factor by comparing
the flux measured in an archival HST I-band image extracted with the r=15” circle (as
above) to the value published in Reines et al. (2010). The scaled stellar mass in S26
over the large aperture is 3.0 ×105 M . To estimate the total gas mass surrounding

the cluster as well, I assume a dust-to-gas ratio suggested by the best fit model
from Draine & Li (2007) of 1/130, which gives a gas mass of 3.0 ×107 M . The

uncertainties are at least 50% based on the range of acceptable models and adopting
a dust-to-gas ratio. For comparison to the host galaxy, modeling by Karczewski et al.
(2013) found a global value of dust-to-gas ratio equal to 1/190 in NGC 4449. Regions
of higher star formation events such as in LIRGs show average values of the gas to
dust ratios of 120 ± 28 (Luminous Infrared Galaxies–LIRGS; Wilson et al. 2008),

in excellent agreement with the model value found for S26. By adopting the above
total gas mass, the star formation efficiency (SFE) of the entire S26 region can be
estimated.
A gas mass this large implies a low global SFE of 1% for the region of r∼300 pc
surrounding S26. Typical values for bound clusters are observed to be SFE≈20-50%
(Ashman & Zepf 2001; Kroupa et al. 2001). However, low SFEs can be observed, such
as 5-10% over entire molecular clouds (Williams & McKee 1997), and the size scale
over which SFEs are measured can have a major role. Additionally, the extremely low
inferred SFE of S26 may result from several factors cannot be discriminated between.
The extraction region for the large aperture SED is roughly 35 times the area used
to estimate the stellar mass of the cluster, and thus may be including dust and gas
beyond the S26 structure. Alternatively, I cannot rule out if S26 is done forming stars
or if the massive stars are disrupting or inhibiting further star formation that might
be occurring.
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2.8

Discussion

It is evident that the massive star cluster S26 in NGC 4449 is emerging from its
natal cocoon, as seen through multi-wavelength evidence: 1. thermal radio emission
from ionized gas indicative of a young massive star cluster, 2. unique optical features
produced by the evolved massive WR stars producing large amounts of mechanical
stellar feedback, and 3. strong infrared and PAH emission from a PDR and heated
dust surrounding the cluster. Here I investigate physical conditions pertaining to the
massive stars within the cluster, which may be driving or contributing to this cluster’s
emergence from its birth material.

2.8.1

Massive Star Populations of S26 in Context

2.8.1.1

Estimates through STARBURST99

Models and population comparisons may show evolution timescales, metallicity or environmental effects, or deviations from the expected IMF, and thus indicate processes
that are affecting the star formation. Using STARBURST99 v7.0.0 (Leitherer et al.
1999), the starburst properties of S26 are modeled by adopting an input metallicity
of Z = 0.008 (see Section 2.4.2) and simulating an instantaneous burst of star formation. The Geneva evolutionary tracks with high mass loss and Pauldrach/Hillier
atmospheres (Smith et al. 2002) are used with a Kroupa IMF. The STARBURST99
models are used to determine the age (Section 2.4.4) and provide an evolutionary
comparison for theoretical massive star populations, as shown in Figure 2.7. To produce comparable massive star populations to the observed data, the initial cluster
mass is scaled to 6.5×104 M (Reines et al. 2010) and a mass range in the IMF of 0.1
- 120 M is used. The observed WR/O population ratio in the massive star cluster
S26 is consistent with these predictions, but is slightly higher than expected, as shown
in Figure 2.7. If the age were a little bit larger, this discrepancy would go away. In
general, fewer WR stars are expected at low metallicities like S26.
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Fig. 2.7.— The estimated age vs. the observed WR and O-star populations, and
WR/O population ratio, of the cluster S26 (data points). The evolutionary synthesis
model of STARBURST99 (Leitherer 1999), which utilizes a Kroupa IMF with upper
and lower limits of 0.1 - 120 M , is plotted (dotted lines) and further discussed in
2.8.1.1.
2.8.1.2

WR Population Trends with Metallicity

It is necessary to additionally compare the massive star populations of S26 to observations of other regions and models that are in different environments. The number
of WR stars, specifically comparisons between the subtype of the WR stars, is heavily
dependent on the metallicity. The ratios of WR populations WC/WN and WR/O
stars in the local group are observed to roughly decrease with host galaxy metallicity
(e.g. Massey 1996). Figure 2.8 shows evolutionary predictions against observational
data of nearby galaxies and S26 in NGC 4449. Evolutionary model predictions of the
Geneva group are shown, including Meynet & Maeder (2005), for initially rotating
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Fig. 2.8.— A compilation of observed population ratios in nearby galaxies compared
to different predictions. Star points show the observed ratios in the massive star
cluster S26 in NGC 4449. Lines show model predictions of (Meynet & Maeder 2005)
(dotted; including stellar rotation) and computed results for new models from the
Geneva group (solid) for Z = 0.006 (Neugent et al. 2012) and Z = 0.014 (Georgy
et al. 2012) in blue and green. The symbols roughly indicate the method of determining the populations: squares show individually, spectroscopically resolved populations
and circles show ratios similarly measured to this work (open are corrected for completeness). Color version available online. References: 1-IC 10 (Massey & Holmes
2002), 2,3-IC 4662 A1,A2 (Crowther & Bibby 2009), 4-LMC(Neugent et al. 2012),
5-M 31 (Neugent et al. 2012), 6,7,8-M 33 inner, middle, outer (Neugent et al. 2012),
9/9a/9b-M 83/M 83-74/M 83 - 31 (Hadfield & Crowther 2008), 10-Mrk 996 nuclear
(Telles et al. 2014), 11-MW (Georgy et al. 2012), 12-NGC 300 (Bibby & Crowther
2010), 13-NGC 1140 (Moll et al. 2007), 14-NGC 1313 (Hadfield & Crowther 2007),
15-NGC 1569 SSCA (González Delgado et al. 1997) (under S26 in WR/O: red filled
circle), 16-NGC 3049 (González Delgado et al. 2002), 17,18,19-NGC 3125 A1,A2,B
(Hadfield & Crowther 2006), 20-NGC 5068 (Bibby & Crowther 2012), 21-NGC 5253 B
(Sidoli et al. 2004), 22-NGC 6822 (Massey & Johnson 1998), 23/23a-NGC 7793/NGC
7793 R34 (Bibby & Crowther 2010), 24-SMC (Neugent et al. 2012), 25-Tol 89 (Sidoli
et al. 2006).
single stars, and new results presented in Neugent et al. (2012) for Z = 0.006 and
Georgy et al. (2012) for Z = 0.014, with and without including stellar rotation. Theory predictions are at each metallicity Z to 12+log(O/H) are converted assuming a
simple scaling relation and 12+log(O/H) = 8.69 (Asplund et al. 2009).
Similar plots displaying metallicity trends of WR populations are shown by the
surveys from Bibby & Crowther (2010) as well as a very thorough sampling by Neu-
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gent & Massey (2011) and Neugent et al. (2012). Here, I compare the inferred stellar
populations in S26 to a larger sample of other massive clusters and galaxies found
in the literature (references given in the caption of Figure 2.8). In several cases,
observational datasets have been evaluated for completeness and/or individual stars
have been spectroscopically confirmed as WR stars (e.g. Neugent et al. 2012; Bibby
& Crowther 2010).
The inferred subtype WC/WN ratio of S26 roughly agrees with predictions (Fig.
2.8) in the low metallicity cases, especially in the cases that have been corrected for
completeness. The observed WC/WN ratio in S26 in NGC 4449 does not appear
unusual in comparison to other galaxies.
In contrast to the relatively well-behaved WC/WN ratio, scatter is seen between
the WR/O ratio observations and predictions at high WR/O ratios that has received
attention in only a few cases. This is rather surprising, as recent comparisons of the
observed WR/O ratio to predictions in the solar neighborhood were used to suggest
that single star evolution may only account for 60% of WR stars (Georgy et al.
2012). As Figure 2.8 shows, a few observed regions populate an area on the plot
of low metallicity yet high WR/O ratios. These values often correspond to SSCs
rather than values from integrated regions across galaxies (although the distinction
becomes unclear for the smallest galaxies). For instance, points plotted for NGC
3125 and Tol 89 are known intense star-forming regions. There was debate over
how high the intensity of the starburst and WR populations in NGC 3125 really are
(Schaerer et al. 1999; Chandar et al. 2004; Hadfield & Crowther 2006; Wofford et al.
2014), and in this case the high WR/O ratio was broadly discussed. Tol 89 is one of
the brightest known GHRs and has been resolved into individual compact clusters,
four of which contain WR clusters (Sidoli et al. 2006). These regions clearly display
large WR/O ratios which might then suggest some sort of extreme star formation
indicator. Most recently, the unusually high WR/O ratio in NGC 3125-A1 has be
interpreted to suggest the upper mass limit of the IMF is >120 M (Wofford et al.
2014). While the massive star cluster S26 in NGC 4449 is observed in the middle of
the observed WR/O ratios and within the uncertainties is consistent with predictions,
S26 is currently amid regions of intense starburst nature.
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2.8.1.3

Additional Considerations

Many assumptions are necessary to estimate massive star populations, each with
caveats that could impact the inferred stellar content. First, the O-star and WR
estimates would be incorrect if the contamination by Of-stars were underestimated,
or if the value of the standard ionizing flux Qo for any of the subtypes were incorrect or
changed. In fact, use of the ionizing flux Qo = 1048.75 from Martins et al. (2005) results
in twice the O-star population than that of the canonical value of 1049 from Leitherer
(1999). Additionally, the age of S26 is important in estimating ηo to correct from an
O7V population to the complete O-star population and, even more so, for comparing
to the predictions of STARBURST99. Lastly some WR stars can form from binary
systems (Georgy et al. 2012), however I compare to models which include only single
star evolution tracks as reliable binary tracks are not yet available, which could thus
underestimate WR populations at later times. Thus, the inferred populations of both
WR and O-stars may be altered with different assumptions, which would alter the
interpretation.
While consistent with predictions, Figure 2.7 shows S26 may have a somewhat
high WR/O ratio, albeit with large uncertainties. While this discrepancy is not
statistically significant, there are many physical scenarios that could explain an offset
if real. Firstly, stochastic behavior becomes increasingly important for clusters with
masses < 105 M

(Fouesneau & Lançon 2010) and S26 is at that limit. A high

WR/O ratio could also be produced with a different IMF or a higher upper mass limit
than assumed, as in the case of the extreme star formation in NGC 3125 (Wofford
et al. 2014). Alternatively, the population ratio could be altered by a multiple burst
scenario. Lastly, if S26 has not yet fully emerged from its natal material, some of
the stars may be embedded and thus unseen at optical wavelengths. Comparisons of
the ionizing flux seen at optical and radio wavelengths show this is unlikely in S26.
The optical ionizing flux of S26 is simply estimated through empirical relations from
Schaerer & Vacca (1998). Using Hβ at 4861 Å, the ionizing flux is Q0 ∼ 180×1049

photons s−1 . The ionizing flux, as measured by the thermal radio emission, can be
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determined by
QLyc ≥ 6.3 × 1052 (

Lν, thermal
Te −0.45 ν 0.1
−1
)
(
)
−1 s
4
27
−1
10 K
GHz
10 erg s Hz

(Condon 1992) is QLyc ∼ (200±20) × 1049 s−1 at 1.3 cm. The ionizing fluxes agree

within the uncertainties, and therefore it is unlikely many O-stars remain embedded.

2.8.2

Impact of the Massive Stars on the Cluster Evolution

2.8.2.1

The Potential Ionized Bipolar Outflow in S26

The morphology of S26 as seen in archival HST imaging with narrow band filters centered on the ionized lines of Hα, [N III], and [O III] suggest that it could be driving
an ionized outflow on an intermediate scale, dwarfing individual stellar outflows seen
in the Milky Way yet smaller than a galactic outflow. As shown in Figure 2.9, the
resolved morphology of the central ionized nebular gas in S26 appears bipolar and is
evident in all archival HST images taken with ionized gas filters, with a size scale of
roughly 1”∼18 pc. The butterfly morphology of S26 most resembles that of bipolar
H II regions, which are a type of UCH II according to the modified classification
scheme by De Pree et al. (2005). As a class, the kinematics of bipolar H II regions
suggest an ionized outflow directed by a central source. S26 appears the most morphologically similar to the Galactic bipolar H II region S106, which is surprising
given that S106 spans roughly 0.006-0.009 pc across and is ionized by a single O-star
(Churchwell 2002), quite different from the massive stellar populations contributing
to the nebula in S26 in NGC 4449. Although vastly different spatial scales, both S26
and S106 display a dark lane that bisects the hourglass nebula. In S106, the dark
lane is thought to result from a combination of shadowing and protection of an inner
disk and high column-density, warm gas on the edge of the molecular cloud (Simon
et al. 2012). However, many factors may contribute to this apparent feature in S26
given its distance and complicated environment.
The intermediate size of possible outflow driven by S26 is quite intriguing if the
outflow is confirmed. In the Milky Way, ionized outflows from protostars are com-
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Fig. 2.9.— An HST Hα image zoomed in on S26, showing the morphology of a
bipolar ionized outflow. The green line shows a 3σ contour from 3.6 cm continuum,
as in Figure 2.1.
monly on the order of a parsec in size (Bachiller 1996). Alternatively, SSCs may contribute galactic winds or outflows that typically span several kpc yet do not appear
as localized as S26. The starburst in NGC 1569, including several SSCs, appears to
be driving a (uncollimated) massive outflow seen as diffuse X-ray spurs corresponding
to well-known Hα filaments with a high-velocity expanding component that is over 2
kpc in size (Heckman et al. 1995). Morphologically, S26 is more similar to the bipolar
superwind of M82, possibly driven by dense clustering of SSCs (e.g. Westmoquette
et al. 2007), or perhaps the superbubble off the nucleus of NGC 3079 that is 1 kpc
in diameter and powered either by an AGN or starburst (Cecil et al. 2001). These
outflows are clearly much larger than the ionized region in S26–thus if S26 is a verified
bipolar outflow, it may provide insight into potential precursors to, or alternatively
failed, galactic winds.
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2.8.2.2

The Importance of Winds from Evolved Stars

For some clusters like S26, it may be possible that the mechanical luminosity due to
strong stellar winds of an evolved massive star population is the tipping point in the
cluster evacuation process. In dense, high-pressure environments, the combination
of typical feedback processes from forming stars (such as radiation pressure) may be
insufficient to clear a cluster before a supernova. Yet massive stars, on the main
sequence and more evolved, could produce the necessary additional mechanical feedback via wind, in combination with the other forms of feedback, to completely clear
a cluster prior to a supernova explosion. However to occur before a supernova event,
the removal would have to occur over a very short timescale. It is conceivable the
enhanced wind phase of evolved stars could drive this evolutionary transition even
more efficiently. Thus, perhaps in certain environments, the question is whether the
wind mechanical feedback is required, rather than the dominant feedback mechanism,
to clear the cluster before a supernova, which will certainly alter the cluster’s ability
to survive.
Massive stars driving cluster evolution via winds have been observed; Gilbert &
Graham (2007) suggest that ELCs are evacuating their surroundings through wind,
finding evidence for outflows as the H II gas is not bound. Yet, the extent to which
the mechanical luminosity due to stellar winds, particularly those from evolved stars,
may contribute has not been fully investigated in the SSC regime, yet it must be substantial. The interaction between the photo-ionized H II region and the stellar wind
bubble strongly affect the morphological evolution even in the case of a single massive
star (Freyer et al. 2003). Silich & Tenorio-Tagle (2013) show that radiation pressure
on a wind-driven shell of a cluster becomes negligible after 3 Myr and highlight the
importance of the mechanical feedback.
The first step in answering whether the winds from evolved stars are an essential
component in the feedback scheme driving cluster evolution is to investigate if the
massive star habitants of S26 could fully remove its natal material solely via winds.
I compare the binding energy of the initial cluster in S26 and to calculations of the
energy input by the massive star population, highlighting the additional boost given
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by the evolved WR stars.
I first approximate the binding energy of the cluster as a rough estimate of the
energy necessary to remove embedding dust and gas. The region corresponding to
the 3.6 cm radio continuum in S26, which includes the nebular emission with the
bipolar outflow morphology, is the region being cleared out, called the “core” here.
The stellar mass of the core is known (Reines et al. 2010, 6.5×104 M ; ); yet because
the dust and gas mass are estimated for S26 over a much larger region, I consider a
total core mass produced by a range of SFEs. The total mass in this central region
is approximated by including the gas and dust as twice the stellar mass (a roughly
50% SFE) and, closer to what is observed, using a SFE of 5% (Williams & McKee
1997). The resulting binding energy of S26 is Ebind = 8.8 × 1049 erg (10pc/r) to
8.8 × 1051 erg (10pc/r) respectively, where the radius is normalized to a canonical

value of 10 pc. Pressure contributions from the outside ISM beyond S26 contribute
a negligible energy threshold to overcome when expanding the cluster–however the
large surrounding dust and gas mass have not been considered.
The binding energy of the cluster core is compared to the effective energy from
the cumulative mechanical luminosity output by the winds from massive stars as
2
Lwind ∼0.5 Ṁ v∞
. A conservative 1% efficiency in the transfer of the mechanical

luminosity into the surrounding material, interpreted over integrated O-star lifetimes
from simulations of Freyer et al. (2006), is assumed. As S26 is ≈ 3 Myr old and thus
the WR phase has likely just begun, a conservative timeframe for the WR phase of
S26 is adopted to be the average WR phase of 0.3 Myr for an individual star. I adopt
typical O-star characteristics of Ṁ = 10−6 M yr−1 (Massey 2003) and v∞ = 2000

km s−1 (Kudritzki & Puls 2000) for an O7V star (along with ηo to estimate the
general O-star population, as in Section 2.5.2). Typical WR star mass-loss rates and
terminal velocity values of WN7 and WC4 stars from Crowther (2007) are used, and
any metallicity effects are treated as in previous sections for the WR stars and as
Ṁ ∝ Z0.8 for the O-stars (Mokiem et al. 2007).

To first order, assuming a single starburst, S26 may have been completely cleared

by the O-star winds alone–although the fact that the cluster is still partially embedded indicates this has not yet happened or suggests the SFE in the core is indeed
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low. Over 3.1 Myr, the estimated cluster population of 237 O-stars would contribute
8.8×1049 erg through winds. However, 18 of these massive stars have evolved into
WR stars, which contribute through much stronger winds. If I account for increased
mechanical luminosity for the number of inferred WR stars over the average 0.3 Myr
long WR phase of an individual star, the total massive star population would output
9.9×1049 erg over the same 3.1 Myr–larger than the binding energy for an initial
cluster with a radius of 10 pc with a high SFE. Thus, the massive star population
has likely contributed enough mechanical luminosity alone to have fully cleared the
cluster, especially when WR contributions are considered. S26 likely has not done
so because of the surrounding material or because the SFE is low. I hypothesize the
pre-supernova mechanical luminosity is crucial in the evacuation process in this case,
especially as the removal is not instantaneous and thus more likely to ensure cluster
survival.
2.8.2.3

Describing the Evolutionary Phase of S26

I have examined S26 to investigate this seemingly short-lived yet critical stage in
massive/SSC evolution, and I now identify its place among the major classes of
H II regions. In Figure 2.10, the observed characteristics of S26 are plotted on the
size-density relation of extragalactic H II regions from Hunt & Hirashita (2009). The
optically derived density, adopting a size of 50 pc as suggested by the 3σ contour of
the 3.6 cm radio continuum that contains the optical cluster, puts S26 among the ELC
regions. The two scenarios consistent with the radio data, described in Section 2.6,
show that S26 exhibits characteristics similar to both GHRs or UDH IIs, depending
on whether the radius is allowed as a free parameter or set at 50 pc. In the context of
the evolutionary classification scheme described by Whitmore et al. (2014), S26 lies
on the border between Stage 3 (emerging cluster) and Stage 4 (young cluster).

2.8.3

Similarities to 30 Doradus in the LMC

Here, I compare S26 to 30 Doradus in the LMC located at about 50 kpc (Walker 2012),
whose dense stellar core R136 is the “prototype”’ core of a SSC (Massey & Hunter
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Fig. 2.10.— The optical and radio estimated properties of S26 plotted on the extragalactic H II region size-density relation (Gilbert & Graham 2007; Hunt & Hirashita
2009). As discussed in Section 2.6, the observed radio emission can be modeled with
an input radius of 50 pc or with the radius as a free parameter.
1998). In terms of the observed stellar populations, S26 more closely resembles the
core R136. The S26 and R136 star-forming regions have almost identical stellar masses
(≈6 × 104 M Hunter et al. (1995) for R136 and ≈6.5×104 M Reines et al. (2010)
for S26). S26 hosts about two times the massive star population: R136 contains ∼121
massive stars within a 4.7 pc region (Hunter et al. 1995) and S26 hosts 237 massive

stars in a region roughly 50 pc in size. Although R136 may be more concentrated, a
tight stellar core of S26 may be unresolved (see Figure 2.1). As discussed in Section
2.6, the radio data in S26 are consistent with thermal emission resulting from both
a large, low-density region (constraining a spectra fit to a radius of 50pc) or a small,
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dense region (2.3 pc; unconstrained radius), and are likely indicative of a low filling
factor of high density regions.
However, much of the core of 30 Dor would be unresolved if at the distance of
NGC 4449, and thus S26 is compared the entire system as well. Within the total 30
Dor region, the VLT-FLAMES Tarantula Survey found 722 massive stars in a 150
pc radius (of which 500 have been spectroscopically confirmed), resulting in a stellar
mass of 1.1 ×105 M (Doran et al. 2013) for 30 Dor itself. The scaled stellar mass
of S26 is estimated to be 3.0 ×105 M

in the large 300 pc aperture, which would

likewise host ∼1000 massive stars following the same scaling. Most importantly, 30

Dor contains a remarkably similar gas mass of (1.3±0.5) ×107 M (Kim et al. 2003)
over an aperture of 200 pc, which roughly matches the gas mass of 3×107 M of S26

with the large aperture of 300 pc.
30 Dor proves an interesting comparison to S26 as it is close enough to resolve
individual components and evaluate the impact of the massive star populations on the
surrounding environment. Out of the 500 confirmed hot luminous stars in the VLTFLAMES Tarantula Survey, 31 are WR or Of stars that contribute ∼50% of the wind
luminosity and ∼40% of the ionizing luminosity in the cluster (Doran et al. 2013).

This region in 30 Dor roughly corresponds to the size sampled by the small aperture
SED of S26 (∼100 pc), and although the optical spectra were obtained for only the
inner 50 pc of S26, the estimated evolved population of 18 WR stars (out of 237
massive stars) is similar. Thus, the wind and ionizing luminosity can be extrapolated
from the resolved 30 Dor case and assumed to be just as significant, if not more so,
for S26.
Comparing S26 and 30 Dor can shed light on how feedback mechanisms may
become relevant, especially later in evolution. Comparisons of the observed pressure
due to stellar radiation, shock-heated hot gas, warm ionized gas (H II gas), and dust
processed IR radiation indicate that radiation pressure dominates within the central
75 pc region of R136, and H II gas pressure dominates beyond that (Lopez et al.
2011). Another study that paired observations with photoionization models suggests
that the hot X-ray gas instead dominates the mechanics of 30 Dor, and that radiation
pressure does not currently play a major role in the structure (Pellegrini et al. 2011).
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The importance of radiation pressure in at least the initial expansion is clear, however
these and many other studies do not directly include mechanical wind feedback from
massive stars.
While 30 Dor has undergone a more complicated star formation history and likely
undergone multiple bursts of star formation over the last 20 Myr (De Marchi et al.
2011), several parameters of the 30 Dor region parallel those in S26: for one, the
gas reservoirs are roughly the same size, stellar feedback is ongoing, and mechanical
feedback is largely due to the most massive and evolved stars. The structure of 30
Dor is naturally better defined, with the core hosting 121 massive stars (∼5 WR
stars), with many more in the vicinity, and is consistent with the picture that the
most massive stars curtail further star formation (Massey & Hunter 1998). S26 hosts
237 massive stars (18 WR stars) and appears to be undergoing or ending the first star
formation event as it is ∼ 3 Myr old. Thus, it seems plausible that S26 is a younger
version of 30 Dor.

2.9

Summary

I have presented a detailed analysis of the partially embedded massive star cluster
S26 in NGC 4449. The main results are as follows:
1. I estimate S26 hosts massive star populations of roughly 18 WR stars and 219
O-stars from optical spectral lines by assuming standard WR optical line fluxes
for a single WR star and a typical ionizing flux for an O-star.
2. The massive star population ratio comparing the subtypes WN/WC in S26
is consistent with predictions and other observed clusters and galaxies. The
population ratio WR/O is also consistent with predictions. If unavoidably large
uncertainties are ignored, S26 is among the high WR/O ratios observed for other
individual clusters of intense star formation.
3. Partially embedded by dust, S26 is one of the dominating sources of the IR
emission in NGC 4449. The best fit model to the large aperture SED (300 pc
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aperture) suggests PAH emission that is stronger than the NGC 4449 galactic
value.
4. Dust model fitting to the infrared SED extracted from 100 and 300 pc apertures
suggest the exciting radiation increases and PAH emission decreases toward the
cluster center. This radial trend suggests the dust grains are being destroyed
from within, likely by the massive star feedback.
5. As estimated by the infrared photometry and the best fit model to the large
aperture SED, the total dust mass of the S26 structure is 2.3×105 M ; by
assuming a dust-to-gas ratio of 130, I estimate a gas mass of 3×107 M . This
results in a low SFE of 1% over the large 300 pc aperture.
6. I hypothesize that the mechanical luminosity from the evolved stellar winds
in S26 may be essential to the emerging process for this cluster, which may
ultimately influence future cluster survival. Resolved HST images of the ionized
gas in S26 display an hourglass nebula, which may suggest a possible bipolar
ionized outflow. Simple energy calculations suggest that the winds from massive
stars may be sufficient in clearing the cluster (particularly if the SFE is high in
the region being cleared). However, as S26 has not been fully evacuated at ∼ 3

Myr, the increased feedback contributed by the WR stars may be necessary in
clearing out the cluster.
7. The optical characteristics of S26 match those of Emission Line Clusters on the
size-density relation of extragalactic H II regions. The radio properties of S26
cannot discriminate between the UDH II and GHR extremes, which may imply
a low filling factor of high density regions within a large, low density H II region.
8. Similarities between the S26 cluster and the SSC analog 30 Doradus in the LMC
may suggest that S26 is akin to a younger version of 30 Dor.
It is evident that the massive star cluster S26 in NGC 4449 is undergoing an
important evolutionary stage in which stellar feedback is particularly important. I
propose S26 may be an example of a short-lived, yet important phase in massive and
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SSC evolution, during which the complete evacuation of natal material is aided by
the mechanical luminosity of the massive stars, particularly evolved WR stars.
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Chapter 3
The Prevalence and Impact of
Wolf-Rayet Stars in Emerging
Massive Star Clusters
3.1

Overview

I investigate Wolf-Rayet (WR) stars as a source of feedback contributing to the removal of natal material in the early evolution of massive star clusters. Despite previous work suggesting that massive star clusters clear out their natal material before
the massive stars evolve into the WR phase, WR stars have been detected in several emerging massive star clusters. These detections suggest that the timescale for
clusters to emerge can be at least as long as the time required to produce WR stars
(a few million years), and could also indicate that WR stars may be providing the
tipping point in the combined feedback processes that drive a massive star cluster
to emerge. The potential overlap between the emerging phase and the WR phase is
explored with an observational survey to search for WR stars in emerging massive
star clusters hosting WR stars. Candidate emerging massive star clusters are selected
from known radio continuum sources with thermal emission and obtain optical spectra with the 4m Mayall Telescope at Kitt Peak National Observatory and the 6.5m
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MMT4 . I identify 21 sources with significantly detected WR signatures, which are
termed “emerging WR clusters.” WR features are detected in ∼50% of the radio-

selected sample, thus finding that WR stars are commonly present in massive star
clusters currently emerging. The observed extinctions and ages suggest that clusters

without WR detections remain embedded for longer periods of time, and may indicate
that WR stars can aid, and therefore accelerate, the emergence process.

3.2

Background

One of the most stunning early discoveries of the Hubble Space Telescope was of star
clusters with masses of 104 M - 107 M , which are quite different than the typical
young star clusters in our own Galaxy. These clusters came to be known by a variety
of names, including massive star clusters and Super Star Clusters or together they
can be also called Young Massive Clusters. Not only can these star clusters dominate
the appearance of their host galaxies, but their formation and early evolution can
have a significant impact on their environment (Krumholz et al. 2014).
A simple version of the stages of early evolution of a massive star cluster as a
scaled up version of a massive star was proposed by Johnson (2002), which starts
with the collapse of a massive (& 106 M ) molecular cloud, subsequently forming
hundreds to thousands of massive stars (e.g., Bonnell et al. 1998; Evans 1999). When
star formation begins, the cluster is still heavily obscured and the presence of massive
stars is first observable through radio free-free emission arising from ionized gas (e.g.,
Kobulnicky & Johnson 1999; Turner et al. 2000). The massive stars eventually clear
the natal material away from the cluster, enabling the brilliant star cluster to be
studied with optical and near-infrared wavelengths.
However, closer inspection of the details in this simplified scheme reveals that both
the timescales and the mechanisms at play are not well-constrained. For instance,
Sokal et al. (2015a) identified a massive star cluster in NGC 4449 that suggests that
the evolution cannot be so cleanly divided into individual stages. This massive star
4

Observations reported here are obtained at the MMT Observatory, a joint facility of the University of Arizona and the Smithsonian Institution.
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cluster, called S26, was originally identified as radio continuum source with a thermal
emission component (Reines et al. 2008); yet, surprisingly, was also discovered to
host Wolf-Rayet stars (Reines et al. 2010). Wolf-Rayet (WR) stars are the evolved
descendants of O-stars (& 25 M ) that have stripped off their outer layers via high
mass loss rates (Conti et al. 1983). As only massive stars will become WR stars, the
WR phase for a cluster is short, typically occurring at a cluster age of ∼ 3 Myr and

lasting only a few Myr depending on the stellar populations present. Due to the short

WR phase and the feedback nature of the WR stars themselves, the simultaneous
presence of the thermal radio emission and the WR stars in S26 in NGC 4449 has
important implications for the evolution of young massive star clusters (Sokal et al.
2015a).
One implication is that the lifetime of the thermal radio emission, which typically
is observed while a cluster is still embedded in its natal cocoon, may not be as
simple and short-lived as expected. Previous work has shown that some of the most
massive star clusters can be observed without obscuring natal material or thermal
counterparts within a few Myr (e.g., Whitmore & Zhang 2002; Bastian et al. 2014;
Hollyhead et al. 2015), which is in agreement with predictions from population studies
of embedded thermal sources that suggested a timescale of ∼ 1 − 2 Myr for emergence

(Kobulnicky & Johnson 1999). If the timescales for emergence are indeed as short as

a few million years, this would require massive star clusters to typically clear out the
embedding natal material before the first supernova has exploded, which for instance
should occur at the end of a 60 M star’s life at 4 Myr (Groh et al. 2014) and at even
younger ages for more massive stars. In line with this expectation, WR stars have
been observed in a number of optically visible clusters (e.g., Bastian et al. 2014),
suggesting the timescale for cluster emergence can be less than ∼ 3 Myr. On the

other hand, some clusters also in NGC 4449 are observed to stay embedded in natal

material for up to 5 Myr (Reines et al. 2008), which could be past the onset of the
WR phase. However, S26 in NGC 4449 has provided the first example that, for some
massive clusters, there may be a period during which the thermal emission and the
WR phase have overlapping timeframes, showing that at least some clusters are not
fully emerged by the time the WR stars appear.
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Perhaps more importantly, Sokal et al. (2015a) suggest that the WR stars in S26
might be contributing to the evolution of the cluster by helping to clear out embedding
material. S26 is in the act of emerging from its natal molecular cloud, with additional
evidence for ongoing feedback seen in the infrared spectral energy distribution and
optical nebular morphology. However, thus far, the contribution of the additional
feedback from WR stars has not been addressed. There are good reasons to suspect
that WR stars may be important in how massive star clusters emerge. In general, the
relative importance of different feedback mechanisms on the natal material in young
massive star clusters and driving the evolution of the H II region is not yet understood
(e.g., Lopez et al. 2014). The expansion of the ionized gas likely dominates H II
regions driven by single massive stars to massive star clusters, for instance in analytic
studies (e.g., Matzner 2002), simulations (e.g., Dale et al. 2005), and observational
studies (e.g., in the Large Magellanic Cloud (LMC) by Lopez et al. 2014). However,
radiation pressure may also be the dominant feedback mechanism early on (Krumholz
& Matzner 2009; Lopez et al. 2011). Stellar winds are thought to be less important
energetically in the dynamics of H II regions, as the output energy equivalent to that
of a supernova can leak and escape (e.g., Rogers & Pittard 2013). Yet, winds are
more efficient than the H II region pressure in removing extremely dense material
and in determining the morphology (Dale et al. 2014). In addition, the impact of
later supernova is increased by up to a factor of two, if winds have cleared molecular
material (Walch & Naab 2015). These details demonstrate that the feedback phase
of massive star clusters is complicated, with different mechanisms contributing at
different times and interplay between them. It is becoming increasingly clear that
stellar winds should not be ignored (Freyer et al. 2003; Calura et al. 2015).
The feedback from many different physical processes may be increased during the
WR phase, including these two leading candidates for the dominant feedback process
(photoionization and radiation pressure). There might be a slight increase in the
luminosity, which would produce more radiation pressure than that from O-stars,
during the WR phase for stars with certain initial masses or properties, as follows.
The Geneva models at solar metallicity (Ekström et al. 2012) show that non-rotating
stars have a higher luminosity during the WNL phase than during their O-star phase
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(see Figure 1 in Georgy et al. 2012). If rotating, this only follows for stars with
lower initial stellar masses (∼25 M ). At a low metallicity of z =0.002 (Georgy
et al. 2013), where a higher initial mass is required make a WR star through single
star evolutionary paths, the stars with initial stellar masses > 85 M exhibit higher
luminosities during the WR phase compared to the earlier stages. Observationally,
this is hard to test and the findings may not be in agreement with the predictions; as
shown in HR diagrams, WC stars in the MW appear below the previously predicted
tracks (Sander et al. 2012), and WN stars in the LMC and M31 fall across and
below evolutionary tracks (Hainich et al. 2014; Sander et al. 2014). Regardless of the
luminosity, the WR winds can cause chemical enrichment (Kehrig et al. 2013), which
can lead to greater opacities and a corresponding increase in radiation pressure.
Additionally, the ionizing flux for stars with an initial mass of 60 M is increased
by an order of magnitude, and more for stars with initial masses less than 60 M ,
when they have evolved into the WR phase (at solar metallicity; see Figure 6 in
Topping & Shull 2015). Higher ionizing photon rates from WR stars can result in
more photoionization in comparison to that produced by O-stars, and thus result in
higher ionized gas pressure.
Lastly, WR winds will input roughly ten times the instantaneous energy than Ostar winds. But, it is the short lifespan of the WR stars, which is roughly a tenth of the
O-stars’ lifetime, that has likely led to somewhat ignoring the WR star contributions
to the feedback: after all, the integrated energy input by the winds is similar over
the lifetime of the O-stars and the WR stars. Yet if there is an increase in feedback
during the WR phase, the influence on the environment may be different than that of
the previous O-star phase particularly because of the carved out cavities due to the
winds. In the same way that the impact of supernova is increased if the region was
previously cleared out, the impact of the WR feedback should be increased after the
O-star feedback has (very slowly) done its work. Clearly, there is much work to be
done to understand the interplay amongst the different feedback mechanisms (Calura
et al. 2015), including the WR contributions.
In addition to these possibilities, an inspection of the literature reveals additional
massive star clusters other than S26 in NGC 4449 may simultaneously exhibit thermal
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radio emission and WR signatures. For example, the irregular blue compact dwarf
galaxy NGC 3125 is dominated by two bright star formation regions. The eastern
lobe hosts a compact thermal radio source (Aversa et al. 2011), and also shows WR
signatures (e.g., Hadfield & Crowther 2006). The unusual supernebulae in NGC 5253,
a site of dust enrichment and high star formation efficiency, may be coincident with
known WR features as well (Turner et al. 2015). Therefore, these objects may be
currently undergoing the same short-lived evolutionary transition as S26 in NGC
4449, and suggest that S26 is not an unique massive star cluster, but in fact may be
common.
Here, I follow up the in-depth investigation of S26 with an observational survey
to search for WR stars in emerging massive star clusters to assess the role of WR
stars in this evolutionary process. WR stars produce high ionization stellar emission
lines that are relatively unique to WR stars. Large populations of WR stars produce
a broad, integrated spectral features in the optical spectrum known as WR “bumps.”
The “blue bump” includes He II at λ 4686 Å and N III/C III at λ 4640/4650 Å, and
the “red bump” is due to C IV at λ 5808 Å. I use a novel method to identify emerging
massive star clusters, explained in Section 3.3 and obtained optical spectra to look
for the WR bumps. The observations are presented in Section 3.4. The sources are
classified by presence or absence of a WR bump observed in the optical spectra in
Section 3.5, and the environments are characterized in Section 3.6, including nebular
properties and massive star populations. The frequency of WR detections in my
sample and other results are discussed Section 3.7. Finally, a discussion of timescales
and an indication that WR stars may accelerate the emergence of massive star clusters
is presented in Section 3.8.

3.3

The Sample Selection: Emerging Massive Star
Clusters

In order to ascertain if there are many other massive star clusters that are emerging
from their natal material and display WR features, similar to NGC 4449’s S26 (Sokal
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et al. 2015a), I select a sample of 45 radio sources in six nearby galaxies known
to be starbursts or have high star formation rates. Such galaxies are likely hosts
to massive star clusters, and the sample includes both dwarfs and spirals. These
galaxies all have previously known radio continuum detections with thermal emission,
as indicated by a radio spectral index α ≥ −0.1. Optically thin thermal free-free
emission results in α = −0.1, which increases with density (ne ) and can become

positive in dense enough conditions. A cutoff of α > −0.3 including the uncertainties

is used (e.g., Maddox et al. 2007), which allows for the unavoidable large uncertainties

in the measured values for α in extragalactic sources; this cut-off will include mixed
sources, where thermal free-free emission is contributing but is not necessarily the
sole emission mechanism. It is also important to note that while WR stars are known
to produce free-free emission in their winds (Wright & Barlow 1975), this emission
is not significant in comparison to the H II region. For example Sokal et al. (2015a)
shows in the case of S26 with ∼ 20 WR stars, any WR contributions to the observed
radio emission are negligible.

The properties of the host galaxies, consisting of NGC 2366, NGC 4214, NGC
4449, NGC 6946, and M 51, are listed in Table 3.1. The targets in NGC 2366 and
NGC 4214 are selected from Chomiuk & Wilcots (2009), a study originally intended to
identify supernova remnants. Using the Very Large Array (VLA), Chomiuk & Wilcots
(2009) produce maps at 20, 6, and 3.6 cm with synthesized beams of 3.00 7×3.00 7 (∼ 60
× 60 pc) for NGC 2366 and 1.00 35×1.00 35 (∼ 19 × 19 pc) for NGC 4214. All discrete

radio sources with flux measurements greater than 3 σ at 20 cm are identified and
cataloged. In total, 3 sources in NGC 2366 and 5 sources in NGC 4214 are included in
this sample. Targets in NGC 4449 are from the work of Reines et al. (2008). Reines
et al. (2008) mapped NGC 4449 with the VLA at 1.3, 3.6, and 6.0 cm and convolved
all data to a synthesized beam 1.00 3×1.00 3 (∼ 24 × 24 pc). Radio
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Table 3.1.

Target Host Galaxies

Morphological Typea

Galaxy

(M
NGC
NGC
NGC
NGC
M 51

2366
4214
4449
6946

IB(s)m
IAB(s)m
IBm
SAB(rs)cd
SAbc

SFR
yr−1 )

0.11
0.16
0.66
5.65
4.48

Distance
(Mpc)
3.34
2.93
3.82
5.5
7.62

Distance References

Tully et al. (2013)
Tully et al. (2013)
Annibali et al. (2008)
Tully (1988)
Ciardullo et al. (2002)

Note. — An overview of the basic properties of the host galaxies in this sample. The
given distances are used throughout this work. The star formation rates (SFR) are estimated
using Hα and are from Lee et al. (2009).
a From

NED
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sources are identified using requirement of a 3σ detection (local rms) minimum in the
3.6 cm image. Of these radio sources, 7 are included in this sample. The studies of
Hyman et al. (2000) and Maddox et al. (2007) provide my targets in NGC 6946 and
M 51, respectively. Hyman et al. (2000) re-evaluate high resolution (2.00 , roughly 53
pc) observations of NGC 6946 at 6 and 20 cm with the VLA by Lacey et al. (1997).
These radio continuum maps reach sensitivities of 16 and 20 µJy beam−1 at 6 and
20 cm. Maddox et al. (2007) produced high resolution images of M 51 with the VLA
at 6 and 20 cm. The 6 cm map, with an rms = 11.7 µJy beam−1 has a deconvolved
beam of 1.00 47 × 1.00 13 (∼ 54 × 42); the 20 cm map has a deconvolved beam measuring

1.00 50 × 1.00 21 (∼ 55 × 45) and an rms of 22.5 µJy beam−1 . From these observations,
compact radio sources are identified via a detection algorithm and visual checks. I

include 6 sources in NGC 6946 and 24 sources in M 51 in this sample. Although a
heterogeneous dataset composed of different catalogs is used to select my targets, all
selected studies include a measurement at 6 cm. From here on, I adopt a naming
convention based on the original numbered identifications from these published radio
catalogs and use Galaxy - Object “ID number” for all sources.

3.4

Observations

Optical spectra of the targets is obtained with the 4m Mayall Telescope at the Kitt
Peak National Observatory (National Optical Astronomical Observatory) and the
6.5m MMT at the Fred Lawrence Whipple Observatory to search for WR emission
as well as characterize their environments. Target selection is heavily constrained in
the observing process by weather, airmass, slit angle, and fiber placement. Only the
sources whose signal-to-noise ratio (S/N) in the optical continuum is observed to be
≥ 15 per pixel are included in this sample. An example of the optical spectra of

several sources is shown in Figure 3.1. A summary of the spectral observations is
presented in the Appendix in Table A1, as well as the spectra of the rest of the
sources in the sample that are shown in Figures A1 - A4.
Additionally, archival imaging is used to provide the total V-band flux from each
source. Not all observing is photometric while obtaining the optical spectra, but the
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Fig. 3.1.— Optical spectra observed with the 4m Mayall Telescope at KPNO of
a subset of the WR clusters. Dashed lines indicate the location of the broad WR
bumps, and a zoom in on the WR bumps is shown in the figure on the right, where a
roughly traced continuum guides the eye. For ease of visual comparisons, individual
spectra are normalized by the average value of the continuum at Å (which is given
in Table A3) then offset. The spectra of the rest of the sources in the sample are
included in the Appendix.
spectral flux in Section 3.6.2 is corrected using the photometric V-band fluxes.

3.4.1

Optical Spectra

Targets in NGC 2366, NGC 4214, and NGC 4449 are observed with the 4m Mayall
Telescope in April 2013; details are presented in Table A1 in the Appendix. Only the
optically brightest targets are observed, as the guider was not functioning which led to
hand guiding. Each source is observed with a 1.00 3 × 5.0 4 slit aligned at the parallactic
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angle and seeing varied from 0.00 7 to 2.00 5. Use of the R-C CCD spectrograph with
the KPC-10A grating provides spectra with a resolution of ∼ 6 Å over a wavelength

range of 3800-8000 Å(with ≈0.00 69 per pixel). Exposure times vary for each source,

yielding a range of S/N per pixel in the continua of 15 - 40. The data are reduced
using standard IRAF routines. Spectra are extracted with a 10 pixel window (= 6.00 9
on sky), except for NGC 4214 - Object 15/16. The spectra of the targets Object 15
and Object 16 in NGC 4214 can not be separated and thus a wider extraction window
of 20 pixels is adopted to get the emission from the combined source (Object 15/16).
Spectra are obtained for the spectroscopic standard stars Feige 66, Feige 67, Hilter
600, HZ 44, and Wolf 1346 for flux calibrations.
Targets in M 51 and NGC 6946 are observed with the 6.5m MMT in April 2013
using the multi-object spectrograph Hectospec (Fabricant et al. 2005); details are
presented in Table A1 in the Appendix. Individual targets are observed by individual
fibers that subtend a diameter of 1.00 5 on the sky, pointed at the coordinates of the
observed radio continuum source. Target selection is constrained by fiber positioning,
resulting in a random sampling. A 270 line mm−1 grating blazed at 5200 Å resulted
in spectra with ∼ 5 Å resolution over a wavelength range of 3700-9000 Å. A problem
with an LED in the instrument led to contamination of many spectra in the 8430–

8445 Å region, and thus any of the spectra redwards of 8000 Å is not included in the
analysis. Since there is no blocking filter, light redwards of 8000 Å is expected to be
contaminated by second-order blue light in any event. Optical spectra obtained with
Hectospec are reduced using the new version of IDL Hectospec pipeline SPECROAD
(Mink et al. 2007), which produced sky-subtracted, variance-weighted co-added spectra. Using IRAF procedures, flux calibration is done with spectra of the standard
star HD 192281. To increase the signal consistently, all MMT spectra are smoothed
with a box car of 5 pixels to a resolution of ∼ 6-7 Å , resulting in S/N per pixel in
the continua of 15-50 after smoothing (individual S/N values are listed in Table 3.2).
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3.4.2

Optical Archival Imaging

Broad-band and narrow-band images are available for NGC 2366, NGC 4214, NGC
4449, and M 51 in the Hubble Space Telescope (HST) archive.1 These observations,
although taken with various instruments for different programs, provide well-resolved
comparisons. The sources in this sample in NGC 6946 are not captured in available
archival HST images, and therefore archival data from the Kitt Peak National Observatory 2.1m Telescope with the CFIM imager originally obtained as ancillary data
for the SINGS survey (Kennicutt et al. 2003) are used, in which similar filters are
available with lower spatial resolution. Color images (B, I, and Hα) of the regions
surrounding a subset of the sources targeted in this sample are shown Figure 3.2; the
rest of the sources of the sample are shown in the Appendix in Figures A5-A6. The
V-band observations, used for photometry in this work, are described in the Appendix
in Table A2.

3.5

Detecting WR Emission

3.5.1

Identifying the WR Bump

Using the optical spectra, I determine whether a given source exhibits a significant
WR feature, and if it is not present, I estimate limits. For all spectra with any
excess emission near λ 4686Å the equivalent width (EW) is measured with the IRAF
SPLOT package after subtracting any superimposed nebular features such as nebular
He II 4686 Å or [Fe III] 4658 Å. The SPLOT task fits with a gaussian, and a single
broad bump measurement is used unless the WR bump could be deblended into λ
4640/4650 Å and λ 4686 Å components. Uncertainties are determined through IRAF,
which performs a Monte-Carlo simulation of 100 trials resulting in an error estimation
including the input rms of the spectrum (measured via SPLOT in several line-free
regions of the continuum), and then added in quadrature with an additional
1

Based on observations made with the NASA/ESA Hubble Space Telescope, and obtained from
the Hubble Legacy Archive, which is a collaboration between the Space Telescope Science Institute (STScI/NASA), the Space Telescope European Coordinating Facility (ST-ECF/ESA) and the
Canadian Astronomy Data Centre (CADC/NRC/CSA).
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Fig. 3.2.— Archival HST images (Hα, B, I) of the target galaxies NGC 2366 and NGC
4449. Insets are zoomed in on sample sources, with the corresponding region overlaid
on the host galaxy image with a white square for ease of comparison. White circles
(2.00 5) are overlaid and show the extraction regions used for photometry. The line
style of this overlaid circle indicates the source’s classification: solid for WR clusters,
dotted-dashed for Candidate clusters, and dotted for Non-WR clusters. Images of
the rest of the images in the sample are included in the Appendix.
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measurement uncertainty introduced by estimating the continuum. A source is considered to have a significant detection of the WR bump if the S/Nbump is ≥ 5 for

a single broad bump, or both deblended λ 4640/4650 Å and λ 4686 Å bumps are
S/Nbump ≥ 3.

For sources without a clear detection of the WR bump, an upper limit of the WR

emission is found using the measured S/N in the optical continuum. This limit can
be estimated as
EWbump <

S/Nbump
× (2 × RES × FWHMbump )0.5
S/Ncont

where RES is the spectral resolution and the label “bump” refers to the WR bump.
The requirement that S/Nbump ∼ 3 as above is input, as well as used a FWHMbump

equal to the minimum value observed in this sample such that FWHMbump ∼ 18 Å.

For comparison, nebular lines are observed to have FWHM ∼ 6 Å (the same as the

spectral resolution). The observed S/Ncont is plotted versus EWbump in Figure 3.3 and
shows both the data points for the WR clusters and the resulting detection limit. In
this figure, the detection limit that would be obtained if the weighted average FWHM
for all of the WR clusters is used instead is also plotted. This comparison helps to
illustrate that if a given source were to have a bump similar to the sources in the
sample that are significantly detected, the expected EW would be even larger than
the adopted upper limit. The upper limits and WR emission line measurements are
presented for the sample in Table 3.2.
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2366 - Object
2366 - Object
2366 - Object
4214 - Object
4214 - Object
4214 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
6946 - Object
6946 - Object
6946 - Object
6946 - Object
6946 - Object
6946 - Object
- Object 5
- Object 6
- Object 11
- Object 34
- Object 39
- Object 44
- Object 46
- Object 57
- Object 60
- Object 63
- Object 67
- Object 73
- Object 88
- Object 90
- Object 92
- Object 93
- Object 94

Source Namea
10
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3
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110
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35
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35
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20
25
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S/Ncont
0.49 (0.25)
4.37 (0.18)
...
9.52 (0.28)
3.35 (0.20)
4.22 (0.29)
...
24.58 (0.24)
5.04 (0.34)
...
...
2.62 (0.09)
...
...
...
...
3.68 (0.16)
6.25 (0.17)
2.44 (0.10)
...
...
...
...
...
...
4.20 (0.10)
1.63 (0.12)
...
...
...
6.82 (0.18)
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...
...
...
4.80 (0.09)

0.30 (0.36)
2.54 (0.29)
...
6.31 (0.30)
3.17 (0.15)
2.77 (0.26)
...
33.72 (0.20)
9.05 (0.24)
13.83 (0.14)
...
1.82 (0.10)
...
9.56 (0.10)
...
10.91 (0.15)
3.36 (0.19)
3.46 (0.17)
8.29 (0.08)
...
...
...
...
...
...
2.48 (0.11)
2.90 (0.13)
...
...
...
7.17 (0.14)
...
...
...
...
5.85 (0.09)

F(4686 Å)/F(Hβ)
...
1.95 (0.26)
...
6.58 (0.26)
2.20 (0.24)
...
...
18.09 (0.22)
0.59 (0.40)
25.16 (0.10)
...
2.17 (0.10)
...
...
...
...
6.68 (0.17)
6.92 (0.22)
6.79 (0.09)
...
...
...
...
...
...
3.26 (0.19)
...
...
...
...
2.20 (0.81)
...
...
...
...
...

F(5808 Å)/F(Hβ)

Classification and the WR Features

F(4650 Å)/F(Hβ)

Table 3.2.

1.3 (0.5)
4.6 (1.5)
<1.3
8.4 (2.8)
6.3 (1.1)
4.9 (1.3)
<2.9
4.5 (0.9)
13.2 (3.3)
5.9 (0.9)
<2.9
4.3 (0.5)
<2.2
17.0 (2.1)
<1.8
10.6 (1.7)
4.4 (0.9)
2.5 (0.5)
3.7 (0.4)
<2.2
<1.8
<1.3
<1.5
<1.8
<1.8
1.7 (0.2)
2.8 (0.4)
<1.8
<1.5
<1.3
2.6 (0.4)
<2.2
<1.8
<1.5
<1.5
4.7 (0.5)

-EW(4686 Å)

WR
WR
Candidate
WR
WR
WR
Non-WR
WR
WR
WR
Non-WR
WR
Candidate
WR
Non-WR
WR
WR
WR
WR
Candidate
Non-WR
Non-WR
Non-WR
Non-WR
Non-WR
WR
WR
Non-WR
Non-WR
Non-WR
WR
Non-WR
Non-WR
Non-WR
Non-WR
WR

Classification
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51
51
51
51
51
51

-

Object
Object
Object
Object
Object
Object

96
97
100
101
103
105

25
20
45
35
35
20

S/Ncont
...
...
6.21 (0.08)
3.09 (0.11)
1.63 (0.20)
...

F(4650 Å)/F(Hβ)
...
...
4.92 (0.09)
4.99 (0.10)
3.93 (0.11)
...

F(4686 Å)/F(Hβ)
...
...
2.12 (0.19)
3.75 (0.17)
...
...

F(5808 Å)/F(Hβ)
<1.8
<2.2
3.0 (0.3)
3.1 (0.4)
3.3 (0.4)
<2.2

-EW(4686 Å)
Non-WR
Non-WR
WR
WR
WR
Candidate

Classification

a NGC

4214 - Object 3, NGC 4214 - Object 17, and M51 - Object 87 belong in the “Other” class, and not listed further .

Note. — A table presenting the source name, the S/N in the continuum of the spectra, the measured or estimated upper limit of
the equivalent width (EW; in units of Å) of the WR feature at 4686 Å, and the source classification. If there is insufficient signal to
decompose the bump, or for the upper limit estimation, the EW is given for the entire broad bump and listed as 4686 Å.

M
M
M
M
M
M

Source Namea

Table 3.2—Continued
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Fig. 3.3.— A scatter plot showing the sensitivity to identifying a significantly detected WR feature. The colored lines are estimated detection limits adopting an
observed FWHM of the WR feature from the sample (as indicated in the legend of
either the minimum or weighted average) and requiring a 3σ detection.

3.5.2

Classifications According to Observed WR Emission

I classify the sources in this sample according to the detection of the WR bump. The
first category is for sources in which the WR bump is significantly detected. As these
sources are emerging massive star clusters that clearly host WR stars, similar to S26,
I term them “emerging WR clusters” (frequently referred to as “WR clusters” for
brevity). For all other sources, I broadly call them “no-bump” sources. Any spectra
that are clearly different (not H II regions) or are background objects fall into an
“Other” class. “Other” sources are not included further in this work outside of discussing the targeted sample in Figure 3.4. The rest of the no-bump sources appear to
be H II regions and thus assumed to be indeed emerging massive star clusters, termed
“emerging Non-WR” clusters (similarly, called “Non-WR clusters” throughout). NonWR clusters include a handful of sources I designate as “Candidate” sources, which
appeare to have marginal WR bump detections by eye (yet S/Nbump ≤ 5). Applying

87

101
NGC 2366
NGC 4214
NGC 4449
NGC 6946
M 51
No bump

log( S6cm [mJy])

100

10−1

10−2

−0.4

−0.2

0.0

0.2
0.4
Spectra Index α

0.6

0.8

1.0

Fig. 3.4.— The radio spectral index α plotted vs. the 6 cm flux density. WR
clusters are the star markers color-coded by host galaxy and “No-bump” sources are
the gray squares (both Non-WR clusters and Other classes included here). Typical
uncertainties are shown by the black marker below the legend box. It is clear that
the “No-bump” and WR clusters sample the same parameter space.
this classification scheme, the sample consists of 21 WR clusters, 21 Non-WR clusters (including 4 Candidates), and 3 Other. The classification of individual sources
is given in Table 3.2.
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3.6

Characterizing the Environments

3.6.1

Photometry

Optical images are used to obtain a total V-band flux measurement of each source,
which help characterize the sample and to calibrate the optical spectra. To limit
nebular emission contributions, a medium-width filter, such as F550M, is used whenever available. In choosing the extraction apertures, it is apparent that the sources
generally reside in complex environments that rarely display a clear boundary, as can
be seen in Figure 3.2 and in the Appendix in Figures A5-A6. I adopt a circular aperture with a radius of 2.00 5 centered at the coordinates of the target’s radio continuum
position, except for NGC 4214 - Object 15/16, which is extracted with a 4.00 0 radius.
Aperture photometry is performed with the IDL procedure SURPHOT (Reines et al.
2008), where several background annuli are used and the resistant mean and mode
are taken to estimate the background value. The uncertainties are dominated by
background subtraction and are found by the standard deviation of fluxes calculated
using these different background estimates. The raw luminosities are presented in the
Appendix in Table A3. I find the WR clusters and the Non-WR clusters have similar
raw luminosity distributions (see Figure 3.5).

3.6.2

Nebular Emission Line Measurements and Corrections

The emission line strengths of the nebular lines are measured in order to determine
the interstellar extinction, the optical ionizing flux, and the metallicity. Emission line
measurements are obtained using the IRAF SPLOT package and are presented in the
Appendix in Tables A4 and A5. Reddening corrections are determined with interstellar extinctions derived from the Balmer line ratios (discussed in Section 3.6.3.1).
In addition to the measurement uncertainties (as in Section 3.5.1), uncertainties in
the flux are estimated by including the uncertainty in the flux calibration fit and the
uncertainty in the reddening correction. High extinctions limited the measurement
of the nebular emission lines for many of the Non-WR sources, and thus I do not
present measurements for these objects. Zero-point flux corrections, accounting for
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Fig. 3.5.— Histograms of the V-band photometric luminosity of the sample. Colors
indicate the WR cluster class, and the black hatches indicate the Non-WR clusters.
Left: the raw (observed) luminosity distribution of both classes is similar. Right:
the extinction-corrected (intrinsic) luminosity distribution shows some differences between sources with and without WR stars, highlighting that some of the Non-WR
clusters exhibit higher extinctions and thus are intrinsically brighter.
non-photometric conditions as well as slit corrections, are made by comparing the
V-band flux (see Section 3.6.1) to the total spectral flux in the relevant filter bandpass and listed in Table A3 (in the Appendix). Many sources do not require a flux
correction or only minimal adjustment is necessary.

3.6.3
3.6.3.1

Nebular Properties
Interstellar Extinction

Measuring the interstellar extinction for a source provides not only a way to correct
the raw flux measurements, but also is a valuable intrinsic property of the environment
of the source as well. The interstellar extinction of individual sources are determined
using the optical nebular Balmer line ratios of Hα, Hβ, Hγ, and Hδ. The observed
Balmer decrement is converted to AV via the extinction curve for the SSC analog
30 Doradus of the LMC (Misselt et al. 1999; Fitzpatrick 1985), and the average
weighted AV is adopted for each source. The use of a Milky Way extinction curve
produces similar results, and as these extinction curves are roughly parallel over the
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optical regime (De Marchi & Panagia 2014), reddening corrections applied to the
measured emission lines follow the same wavelength dependence. Additionally, the
extinctions measured with the 30 Doradus extinction curve are, on average, roughly
0.9 times the extinctions derived with the Milky Way extinction curve, and thus
the extinctions adopted in this work may be slightly underestimated. However, the
results and interpretation of this work are robust to a moderate increase in extinction.
For example, the line ratios remain the same (as the extinction curve for the 30 Dor
extinction curve and the Milky Way extinction curve are parallel). The line fluxes,
and properties derived from the line fluxes, may be increased by up to 5% for AV ≤
0.5, 10% for AV ≤ 1.0, and 20% for AV ≤2.0, which would result in higher inferred

ionization fluxes, and therefore also larger cluster masses. However, the conclusions of
this work are relatively unaffected by the choice of extinction curve. If the extinction
is measured to be negative, the adopted extinction is zero. The available Balmer lines
are used in the case that a source is without the complete Balmer series suite. The
derived interstellar extinctions are given in Table 3.3.
3.6.3.2

Ionized Gas Density and Temperature

The ionized gas conditions of WR sources are determined using the nebular emission line ratios. To determine the electron density and temperatures in the ionized
gas, I utilize the NEBULAR package in IRAF, which uses the five-level atom model
(De Robertis et al. 1987). The electron density is estimated using the S II line ratio
6716λ/6731λ. The electron temperatures are given by: O+ electron temperature
(T(O II)) is measured using the [O II] ratio (3727λ/(7319λ+7330λ)), and O++ electron temperature (T(O III)) is measured using the [O III] ratio (4959λ+5007λ)/4363λ.
The results are presented in Table 3.4; the densities and temperatures of the WR clusters are typical for extragalactic H II regions (Hunt & Hirashita 2009).
3.6.3.3

Metallicity

Massive stellar evolution is sensitive to metallicity, in part due to the dependence of
mass-loss on metallicity (Vink & de Koter 2005; Crowther & Hadfield 2006; Hainich
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Table 3.3.
Source

NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51

2366 - Object
2366 - Object
2366 - Object
4214 - Object
4214 - Object
4214 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
6946 - Object
6946 - Object
6946 - Object
6946 - Object
6946 - Object
6946 - Object
- Object 5
- Object 6
- Object 11
- Object 34
- Object 39
- Object 44
- Object 46
- Object 57
- Object 60
- Object 63
- Object 67
- Object 73
- Object 88
- Object 90
- Object 92
- Object 93
- Object 94
- Object 96
- Object 97
- Object 100
- Object 101
- Object 103
- Object 105

10
11
13
13
14
15/16
3
4
18
22
23
26
27
13
37
48
110
115
117

AV
mag

Age
Myr

0.0
0.1
0.0
0.0
0.0
0.0
0.1
0.2
0.0
0.1
0.2
0.1
0.0
0.7
1.2
0.5
0.3
0.1
0.2
0.0
0.8
0.0
1.2
1.2
0.6
0.0
0.3
1.2
1.7
1.8
0.0
1.5
1.8
0.1
0.7
0.0
1.9
1.2
0.0
0.0
0.2
0.7

2.0 (0.6)
3.2 (0.7)
4.2 (0.2)
3.3 (0.6)
2.9 (0.5)
2.8 (0.0)
3.7 (0.5)
8.0 (0.3)
3.4 (0.3)
5.3 (0.2)
10.0 (0.0)
3.0 (0.4)
4.5 (0.1)
2.8 (0.3)
4.4 (0.3)
2.9 (0.7)
2.3 (0.2)
3.1 (0.2)
5.0 (0.1)
2.9 (0.2)
4.2 (0.1)
4.3 (0.2)
6.4 (0.0)
6.4 (0.0)
2.9 (0.8)
2.9 (0.0)
2.8 (0.2)
6.5 (0.0)
6.5 (0.0)
6.5 (0.0)
4.2 (0.1)
6.3 (0.0)
6.3 (0.0)
4.3 (0.3)
5.0 (0.2)
2.8 (0.1)
10.0 (0.4)
4.2 (0.1)
3.0 (0.1)
3.0 (0.1)
3.0 (0.2)
2.2 (0.1)

Source Properties
Qo (Hβ)
1049 photons s−1

Qo (Radio)
1049 photons s−1

165.8 (14.2)
63.3 (7.9)
9.8 (0.8)
17.5 (2.2)
28.9 (4.1)
41.9 (4.2)
15.2 (5.6)
12.5 (2.4)
11.3 (1.1)
8.8 (1.7)
0.5 (0.1)
106.3 (9.2)
7.8 (7.6)
14.5 (4.3)
4.8 (2.5)
9.6 (2.9)
22.0 (6.4)
11.0 (2.0)
15.1 (3.5)
17.3 (1.6)
16.7 (4.0)
9.8 (0.8)
11.7 (5.1)
38.4 (19.4)
26.9 (9.0)
103.4 (9.2)
10.5 (2.5)
9.1 (1.3)
38.9 (9.8)
16.5 (3.2)
20.7 (8.6)
10.4 (2.7)
18.2 (4.8)
14.9 (3.3)
11.2 (2.3)
25.9 (7.9)
1.4 (0.3)
77.1 (28.5)
303.1 (23.6)
18.3 (1.5)
12.8 (3.0)
9.6 (4.0)

505.5 (50.7)
210.3 (21.8)
22.8 (3.0)
8.3 (2.4)
105.2 (12.4)
69.5 (8.5)
42.8 (6.7)
22.3 (4.5)
10.4 (1.0)
14.2 (4.0)
64.8 (10.1)
258.8 (26.4)
37.6 (6.4)
123.8 (22.3)
26.9 (6.0)
38.9 (5.7)
187.6 (28.0)
48.3 (13.5)
25.6 (10.2)
37.6 (9.5)
16.5 (6.9)
31.4 (7.4)
62.9 (8.1)
68.1 (8.9)
89.2 (10.6)
46.7 (9.5)
24.8 (5.8)
23.2 (6.1)
18.6 (5.5)
45.9 (6.9)
29.5 (6.6)
39.7 (6.9)
158.3 (17.0)
39.2 (7.8)
29.9 (6.4)
23.1 (4.7)
25.8 (6.2)
228.4 (23.7)
68.9 (8.3)
17.2 (3.9)
47.8 (8.5)
90.2 (11.9)

LV,i
erg s−1
1.7e+36
9.3e+35
2.3e+35
3.6e+35
3.6e+35
9.7e+35
4.9e+35
1.8e+36
1.4e+35
7.6e+35
6.1e+35
1.6e+36
3.6e+35
3.3e+37
2.0e+37
1.4e+37
1.9e+37
6.8e+36
2.1e+37
1.1e+36
5.4e+36
1.2e+36
3.9e+37
6.8e+37
7.9e+35
4.0e+36
4.1e+35
3.4e+37
1.4e+38
7.2e+37
2.1e+36
2.0e+37
2.8e+37
2.1e+36
4.8e+36
1.1e+36
2.3e+37
4.4e+37
4.2e+36
1.6e+36
1.1e+36
5.0e+35

(2.9e+34)
(2.3e+34)
(3.3e+34)
(4.7e+34)
(4.5e+34)
(1.3e+35)
(1.6e+35)
(1.8e+35)
(3.5e+34)
(8.5e+34)
(2.9e+35)
(7.3e+34)
(1.2e+34)
(7.6e+35)
(1.4e+35)
(2.7e+35)
(8.9e+35)
(3.2e+35)
(8.0e+35)
(2.4e+34)
(5.8e+35)
(1.4e+35)
(1.8e+36)
(3.4e+36)
(1.1e+35)
(3.0e+35)
(1.6e+35)
(1.6e+36)
(2.4e+36)
(2.9e+35)
(8.6e+34)
(4.7e+35)
(3.4e+35)
(1.2e+35)
(6.4e+34)
(1.6e+34)
(2.4e+35)
(9.2e+35)
(1.1e+35)
(1.5e+35)
(2.0e+35)
(3.2e+34)

Mass
M
4.1e+04
1.2e+04
5.0e+03
5.8e+03
4.8e+03
1.3e+04
8.6e+03
5.4e+04
2.4e+03
1.4e+04
3.1e+04
3.1e+04
9.6e+03
6.8e+05
5.9e+05
2.8e+05
4.0e+05
1.4e+05
6.1e+05
2.3e+04
1.2e+05
3.2e+04
1.2e+06
2.2e+06
1.6e+04
8.2e+04
8.3e+03
1.1e+06
4.5e+06
2.3e+06
4.8e+04
1.2e+06
9.2e+05
5.9e+04
1.2e+05
2.2e+04
1.7e+06
1.0e+06
8.5e+04
3.2e+04
2.2e+04
9.8e+03

Note. — For each emerging massive star cluster in this table the following is listed: the interstellar extinction as measured
by Balmer lines, the age estimated by the equivalent width of Hβ, the ionizing flux as inferred from Hβ and thermal radio
emission, the intrinsic extinction-corrected luminosity, and the stellar mass.
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Table 3.4.
Source

NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
M 51
M 51
M 51
M 51
M 51
M 51
M 51

2366 - Object
2366 - Object
4214 - Object
4214 - Object
4214 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
6946 - Object
6946 - Object
6946 - Object
6946 - Object
6946 - Object
- Object 46
- Object 57
- Object 73
- Object 94
- Object 100
- Object 101
- Object 103

Nebular Properties of the WR Clusters
ne
cm−3

10
11
13
14
15/16
4
18
22
26
13
48
110
115
117

512 (264)
32 (300)
76 (134)
111 (158)
50 (66)
75 (355)
50 (27)
22 (128)
157 (131)
49 (270)
557 (1070)
101 (332)
15 (249)
496 (771)
129 (107)
152 (285)
115 (711)
44 (282)
149 (90)
89 (90)
60 (176)

T([O II])
104 K

T([O III])
104 K

12+log(O/H)

1.3
1.7
1.1
1.2
1.2
1.5
1.0
1.2
1.1
1.5
1.9
1.8
1.3
1.1
1.0
1.0
0.9
0.7
0.9
0.7
1.0

1.6
1.4
1.0
1.1
1.2
1.9
1.3
2.0
1.0
0.7
4.3
1.1
1.7
2.0
0.4
1.7
2.1
3.0
2.3
4.3
2.7

7.9
7.9
8.4
8.2
8.2
7.9
8.5
8.3
8.5
9.0
9.3
9.1
9.1
8.9
9.1
9.1
9.2
9.4
9.5
9.3
9.1

(0.3)
(0.1)
(0.1)
(0.2)
(0.1)
(0.3)
(0.1)
(0.2)
(0.1)
(0.4)
(0.0)
(0.2)
(0.3)
(0.7)
(0.1)
(0.3)
(0.4)
(0.1)
(0.1)
(0.1)
(0.2)

(0.1)
(0.1)
(0.1)
(0.1)
(0.1)
(0.3)
(0.1)
(0.3)
(0.0)
(0.1)
(4.1)
(0.1)
(0.2)
(0.4)
(0.0)
(0.3)
(1.2)
(1.6)
(0.1)
(0.7)
(0.8)

(0.1)
(0.1)
(0.2)
(0.2)
(0.1)
(0.3)
(0.2)
(0.4)
(0.1)
(0.2)
(0.2)
(0.2)
(0.1)
(0.1)
(0.4)a
(0.1)
(0.2)
(0.2)
(0.1)
(0.1)
(0.1)

z

0.002
0.003
0.008
0.005
0.005
0.002
0.009
0.006
0.008
0.032
0.062
0.039
0.035
0.023
0.040a
0.037
0.043
0.066
0.092
0.060
0.039

Note. — This table presents the electron density, electron temperatures, and metallicity
measured for the WR clusters.
a An approximate metallicity adopted for this source.
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et al. 2015). This results in a well-known trend for a decrease in the ratio of WN
to WCs with decreasing metallicity. Therefore determining the metallicity is crucial
for understanding these sources, especially as this sample spanned a wide range of
environments. Because certain oxygen lines become faint at high metallicity, different
methods are necessary to estimate the metallicity of each source throughout the
sample.
The most accurate method, known as the Te or “direct method,” is used for all
WR sources in the galaxies NGC 2366, NGC 4214, and NGC 4449 (low to moderate
metallicity environments). The Te method used two distinct temperature zones in the
photoionized H II region using the O+ and O++ electron temperatures (Izotov et al.
1994, 1997). The IRAF package NEBULAR is used to measure ionic abundances,
with the appropriate electron temperature.The O+ ionic abundance is measured with
ionic abundances of 3727λ and the doublet 7319/7330λ, and O2+ ionic abundance is
determined using ionic abundances for the lines 4363λ, 4959λ, and 5007λ. The total
oxygen abundance is then derived by O/H = O+ /H+ + O++ /H+ .
For WR sources in galaxies NGC 6946 and M 51, which lied on the so-called
“upper branch” where log([N II]/[O II]) > -0.8 (van Zee et al. 1998), a strong line
method is adopted. Certain strong nebular emission lines are easily observed and
used to find the parameters
R3 =

[O III] 4959 Å + [O III] 5007Å
Hβ

R2 =

([O II] 3727 Å + [O II] 3729 Å
.
Hβ

and

To estimate the metallicity using the R3 and R2 parameters, I adopted the method
of Kobulnicky & Kewley (2004) (often called the KK04 method) in which the oxygen
abundance is found iteratively. The metallicity (z) is found using the variables
x =log(R2+R3) and y = log(
log(q) =

R3
)
R2

and the relations

32.81 − 1.153y 2 + z × (−3.396 − 0.025y + 0.1444y 2 )
4.603 − 0.3119y − 0.163y 2 + z × (−0.48 − 0.0271y + 0.02037y 2 )
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and
z = 9.72 − 0.777x − 0.951x2 − 0.072x3 − 0.811x4 −
log(q) × (0.0737 − 0.0713x − 0.141x2 + 0.0373x3 − 0.058x4 )
(Kobulnicky & Kewley 2004).
Conversely, the purpose of identifying approximate metallicities of the Non-WR
clusters is for later comparisons to STARBURST99 models. Additionally, the necessary nebular emission lines to measure the metallicity are not observed for many
of the Non-WR clusters. As such, I choose the best match of available metallicity
models as approximately averaged by the WR clusters in the same host galaxy. This
approximate metallicity is also adopted for one WR source, M 51 - Object 46, as the
derived metallicity is unphysical, which is attributed to relatively weak oxygen line
emission.
All derived and adopted metallicities are listed in Table 3.4. For both methods, I
convert between metallicity z and 12+log(O/H) by assuming a simple scaling relation
and the solar metallicity value 12+log(O/H) = 8.69 (Asplund et al. 2009).

3.6.4

Estimating the Ionizing Flux

Ionizing photons are produced by the massive stars that are harbored in the clusters
in the sample. If it is assumed that all ionizing (Lyman) photons are absorbed by
hydrogen atoms, the so-called Case B approximation, then every ionization results in
a recombination that produces a Balmer photon. Thus with the Case B assumption,
the measured Hβ flux can be used to infer the ionizing flux. However, this optical light
can be obscured, causing the inferred ionizing flux to be underestimated. The ionizing
flux can also be inferred from radio free-free emission, which would be unaffected
by such extinction. While the optical interstellar extinction is measured in Section
3.6.3.1 and is an important component to understanding the nebular environment of
the source, using nebular lines has the caveat that it only measures extinction toward
gas that is not very heavily extincted. As such, characterizing the ionizing flux
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inferred from both the radio and the optical data provides the opportunity to reveal
optically obscured ionized gas, which could not be identified with optical spectra
alone; therefore, I calculate the ionizing flux estimated from both radio and optical
methods.
The ionizing flux inferred from the optical emission is estimated through the empirical relations presented in Schaerer & Vacca (1998) using the emission line flux of
Hβ as
Qo, Hβ ∼ LHβ /4.76−13 phot s−1 .
The ionizing flux inferred from radio wavelengths can be found by
Qo, radio ≥ 6.3 × 1052 (

Lν, thermal
Te −0.45 ν 0.1
−1
)
(
)
(Condon 1992).
−1 s
4
27
−1
10 K
GHz
10 erg s Hz

As a radio flux measurement at 6 cm is available for the entire sample, it is used
here although higher frequencies will include less non-thermal contributions if they
are available. I input the O++ temperatures derived for the WR clusters (see Section 3.6.3.2) and an effective temperature of 104 K, the approximate average of the
estimated temperatures, for the Non-WR cluster class. Of note, both the radio and
optical inferred ionizing fluxes are typically considered to be lower limits if dust is
absorbing ionizing photons or there is ionizing photon leakage. I list the ionizing flux
inferred from both the optical and radio data in Table 3.3.

3.6.5

Fundamental Properties and STARBURST99 Models

I present here both the fundamental properties of intrinsic luminosity, stellar mass,
and age of the sample as well as stellar population synthesis models of STARBURST99
(Leitherer et al. 1999, 2014). These properties provide the basis for much of the
analysis in this study, and the age and mass are found using the predictions of the
STARBURST99 models at a given metallicity.
The intrinsic V-band luminosities are determined by correcting the observed raw
V-band photometry for the optical extinction (Section 3.6.3.1); these are presented
in Table 3.3. Figure 3.5 shows that extinction-corrected luminosity distributions are
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not the same for the WR and Non-WR classes, in contrast to the observed luminosity
distributions. Several of the Non-WR clusters have high extinctions that result in
higher intrinsic luminosity compared to similar observed luminosity.
To estimate the age of each cluster, I use predictions from the stellar population
synthesis models of STARBURST99 (Leitherer et al. 1999, 2014), which simulate
a simple starburst of a given metallicity. The presence of thermal radio emission
suggests that these sources are quite young, and therefore it is assumed that there
is an instantaneous burst of star formation. STARBURST99 v7.0.0 (Leitherer et al.
2014) is run for the four different metallicity tracks (z = 0.004, 0.008, 0.020, and
0.040) that most closely matches the metallicity of the host galaxies of the sample–
these are also the metallicities that are adopted for the Non-WR clusters as described
in Section 3.6.3.3. I adopt a Kroupa IMF (Kroupa 2001) with mass limits of 0.1 120 M , using Geneva evolutionary tracks (single-star tracks) with high mass loss
and Pauldrach (WM-Basic)/Hillier (CMFGEN) atmospheres (Pauldrach et al. 1998;
Hillier & Miller 1998, 1999; Smith et al. 2002) for each STARBURST99 run.
The age of each source is estimated by comparing the measured equivalent width of
Hβ to that predicted by the STARBURST99 model with the appropriate metallicity
track. Uncertainties are from the uncertainty of the measured equivalent width. In
Figure 3.6, the resulting ages are plotted against the STARBURST99 predictions.
Throughout this work, the appropriate STARBURST99 model for each individual
source is identified with this estimated age and metallicity track. Because it is more
realistic to assume that there may be binary stars within each cluster, it is important
to note that the use of binary evolution tracks would systematically increase the age
estimates made here (see Figure 6 in Eldridge & Stanway 2009).
The stellar mass of each cluster is then estimated by scaling the intrinsic V-band
luminosity to the predicted luminosity from STARBURST99 models. The predicted
luminosity is obtained by passing the synthetic spectra produced by STARBURST99,
of the appropriate metallicity and age for each source, through the bandpass describing the observed V-band image (i.e. F550M or the KP 2.1m V-band filters). The
stellar masses of the clusters are presented in Table 3.3. Figure 3.7 shows the cluster
mass distributions of the sample, the shape of which somewhat reflect the distribution
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Fig. 3.6.— Ages of the sources in the sample (with WR clusters on the left, and
Non-WR clusters on the right) as estimated by the measured equivalent width (EW)
of Hβ and predictions from STARBURST99 models, with the appropriate metallicity
track plotted as separate panels. Sources are color-coded by host galaxy, as in Figure
3.4.
of the intrinsic luminosities. Overall, the estimated cluster masses fall in the general
range for massive star clusters to SSCs (>104 M ), with most WR clusters at typical
massive star cluster masses.

3.6.6

Determining the Massive Star Populations

Assessing the massive star populations in individual sources enables the comparison
to both simulations and to observations of other regions. I estimate the number of WR
stars and O-stars in each emerging WR cluster using the optical spectral observations
by following the methods of Schaerer & Vacca (1998) and Guseva et al. (2000). The
resulting WR and O-star populations, as well as population ratios, are given in Table
3.5 for the emerging WR clusters.
The WR bumps are used here not only confirm the presence of WR stars, but
to estimate the WR populations directly. The number of WR stars is found from
NWR = LWR /Lo,WR , where Lo,WR is the typical luminosity of the WR feature produced by a single WR star and LWR is the observed luminosity of the same feature from the source. The WC subtypes dominate the C IV λ 5808 Å emission
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Fig. 3.7.— The distributions of the stellar cluster mass, obtained by scaling the
V-band photometry to STARBURST99 models, of the sample.
bump. Therefore, the WC population is found using the approximation of NWC =
L(5808 Å)/LWC4 (5808 Å), assuming that WC4 stars are representative and have a
typical luminosity at 5808 Å is 3.0×1036 ergs s−1 as measured in the LMC (Schaerer
& Vacca 1998).
The blue WR bump is produced by both WN and WC subtypes. Therefore, the
population of WN stars is estimated from the blue WR bump after subtracting off
the WCs’ contribution. The WCs’ contribution to the blue bump feature can be
estimated using the luminosity of the red bump with the coefficient
k = LWC4 (4650 Å)/LWC4 (5808 Å) (Guseva et al. 2000); the adopted value of k is
k=1.71 ± 0.53 (Schaerer & Vacca 1998; Guseva et al. 2000). The WN population is

then found from the remaining observed emission in this WR feature and by assuming
that a WN7 is representative and have a luminosity of 2.0 × 1036 erg s−1 in the blue

bump (4650 + 4686 Å; Guseva et al. 2000) as in the LMC to Milky Way environments.
While O supergiants (Of-type stars) also produce He II λ 4686 Å emission, it is quite
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weak compared to that of WNs. Very massive unevolved stars will resemble hydrogenrich WN stars; the WR stars in the R136 supercluster are such objects (Massey &
Hunter 1998). However, the presence of the C IV λ 5808 Å feature in some of my
sources shows that, in those cases at least, I am dealing with an evolved massive star
population, as this line must be due to WC stars.
Similarly to determining the WR populations, the ionizing flux inferred from the
optical Balmer lines can be used to approximate the population of O-stars. The
number of O7V stars can be simply estimated by subtracting the ionizing flux produced by the WR stars and assuming an ionizing flux produced by a typical O7V
star. I adopt ionizing flux values of Qo,O7V ∼ 1048.75 s−1 from an O7V star (Martins
et al. 2005) and Qo,WR ∼ 1049 s−1 for a WR star (Guseva et al. 2000; Schaerer et al.

1999). To estimate the total O-star population, it is necessary to account for the fact
that different subtypes of O-stars produce different ionizing flux values. I account for
the different O-star subtypes, which are produced by an IMF, with the parameter
ηo = NO7V /NO . Thus, the number of O-stars is then found by
NO = (Qo − NWR Qo,WR )/(ηo Qo,O7V )
(Guseva et al. 2000). O-star population uncertainties are estimated by accounting for
the measured flux uncertainty in, estimated uncertainties on ηo , and uncertainties for
the subtracted WR populations.

3.7

Results

3.7.1

The Commonality of WR Stars in Radio-selected Emerging Clusters

Definitions of “emerging” and “embedded” can vary, the following are used for the
purposes of this paper, based on observables: fully embedded–no optical emission is
observed; partially embedded–the optical extinction Av > 1 or the ionizing flux inferred from the radio compared to the optical such that Qo, radio /Qo, Hβ > 1; emerged–
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not fully emerged and can be partially embedded or have less extinction; and fully
emerged–no nebular emission is observed. All of the WR and Non-WR clusters in my
study are therefore considered to be emerging, and 39 of the 45 sources are partially
embedded.
The emerging massive star clusters of my sample span a wide range of estimated
ages; these ages are more diverse than expected based on previous work on thermal
radio emission timescales. Thus, it is important to investigate the temporal behavior
of the WR emission across those ages to understand if these emerging massive star
clusters could or should be in the WR phase at some level. I turn to the predictions of
the STARBURST99 models, and find that the WR bump can be produced throughout much of the time that is spanned by the sources in this sample. However, the
strength of the WR bump varies greatly with time, shown in Figure 3.9 in which the
STARBURST99 predicted EW of the WR bump at 4686 Å is plotted versus time.
In fact, if only the behavior of the strength of the WR emission is considered over
time, which rises and falls–appearing to turn on and off without any defined oscillation period, it is clear that one should not expect to detect WR emission throughout
the duration of the WR phase for an entire cluster. Many clusters could happen to
be observed at a time in between WR emission peaks. The minimum EW observed
could be altered by the mass of the cluster, metallicity, and other star formation parameters, and could even result in no WR emission in many cases, especially where
stochasticity is at play.
These STARBURST99 predictions above show that the EW of the WR bump
can vary in time, and therefore over the ages spanned by the emerging massive star
clusters in this sample, a detection of the WR bump could be quite rare. For instance
for a 106 M mass cluster at a metallicity of z = 0.020, the EW of the WR bump is
expected to be above a detection limit of 2Å only ∼35% of the time from ∼ 1 to 6

Myr. In spite of these expectations, I have found ∼ 50% of the sources in my radio-

selected sample show significant detections of the WR bump in their optical spectra
(see Figure 3.8). Unfortunately due to the different observing constraints imposed
when obtaining optical spectra with different instruments (namely fiber placement
using the MMT versus hand-guiding at the Mayall Telescope), the completeness of
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Fig. 3.8.— A pie chart clearly shows the distribution of the classes observed in my
sample, with emerging WR clusters as the most common and making up ∼50% of
the sample. From (Sokal et al. 2015b).
this sample cannot be reliably evaluated. Regardless, I do not think that this high
percentage is due to preferentially selecting or observing sources with WR stars; the
source selection is based on targets chosen from radio continuum studies and the
quality of obtained optical spectra of these targets. I show that all types of sources in
the sample, whether a WR bump is detected or not, span roughly the same parameter
space of the radio properties from which they are chosen, as in Figure 3.4 where the
flux density at 6 cm Fλ,6cm is plotted versus the radio spectral index α. I adopted
a S/N requirement of 15 in the observed spectra, rather than an optical brightness
cutoff, that allowed for different exposure times and observing conditions. Sources
with or without a bump do not appear to be more limited by this choice. Figure 3.5
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Fig. 3.9.— STARBURST99 (Leitherer et al. 1999) predictions for the behavior of
the equivalent width of the WR emission at 4686 Å for all relevant metallicity tracks.
It is clear that the WR emission is not constant over the WR phase.
shows the distribution of the observed raw V-band luminosities of the WR clusters
is roughly the same as for the Non-WR clusters, although the brightest sources do
have WR detections. Because the sample does not appear to be biased toward WR
detections due to my source selection process, the sheer number of emerging WR
clusters observed in this sample is quite meaningful. The high percentage of WR
detections for sources in this sample indicates that WR stars may commonly be
present in massive star clusters that are emerging. Overall, this work has shown that
it can no longer be assumed that all massive star clusters emerge before their massive
star habitants begin to evolve off of the main sequence.

3.7.2

Comparing the Massive Star Populations

Plotting the ratio of the massive star populations, meaning the number of WCs
compared to WNs or WR stars to O-stars, is an informative tool that can test evo-
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lutionary models but also put the observations in context to understand individual
sources or general trends. I plot the observed WR/O ratio versus time in comparison
to STARBURST99 models for this sample (Figure 3.10). This plot is useful to see
what WR/O populations could be expected for a coeval population that fully samples
the IMF. The emerging WR clusters are consistent with these predictions, although
occasionally somewhat higher. As noted in Section 3.6.5, the STARBURST99 models include only single stars. If binary evolution is considered, the expected WR/O
ratio is higher at any given metallicity (see Figure 5 in Eldridge et al. 2008). As
these clusters realistically include some binaries, it is no surprise that the WR/O
ratio thus is occasionally higher than that expected from STARBURST99. I also plot
the WR/O ratio versus metallicity (Figure 3.11) to compare to observations of other
star-forming regions, which are overplotted. Uncertainties dominate this plot, but
again the WR/O estimates for these sources appear typical. One source, NGC 4449
- Object 4, is quite unusual compared to the rest of the sample. With an estimated
WR/O ∼ 5 and age of ∼ 8 Myr, this source is not shown in either of these plots. The

optical spectra show much weaker nebular lines than any other source (see Fig. 3.1).
Perhaps this source can be explained by few O-stars remaining un-evolved and much
of the ionized gas leaking out, possibly due to increased feedback within this specific
cluster.
Shown in Figure 3.11, the WC/WN ratio typically decreases with decreasing
metallicity. Discussed in Section 3.6.3.3, this is a direct result of changes in the
WR winds in these environments. Thus, the WC/WN ratio is regarded as one of the
best observables to compare to stellar evolution models, but is also useful to check my
population estimates. The best agreement between models and observations has been
at low metallicity, but there has been much improvement at the higher metallicity
with the most recent evolutionary models, particularly from the Geneva group that
are shown at the solid and dashed lines in the plot. I find that my sources display
normal WC/WN values compared to the other plotted regions and in line with the
model predictions, although they are fairly loosely constrained in this sample.
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Fig. 3.10.— The estimated ratio of the number of WR stars to O-stars plotted
with STARBURST99 predictions (dotted line). Data points are for the emerging
WR clusters, colors are the same as in Figure 3.4. NGC 4449 - Object 4 is not
shown, which has an observed WR/O ∼ 5, and is discussed in Section 3.7.2. The
estimated populations ratios of sources in this sample are generally consistent with
the STARBURST99 models, occasionally somewhat higher.

3.7.3

Evaluating Whether the Sources are Still Embedded

It is evident that the ionizing flux values estimated from the radio emission are much
higher than from the optical. Plotting the optically inferred ionizing flux versus the
radio inferred ionizing flux on log-log scale in Figure 3.12, the majority of the sample
lies below a 1:1 ratio. While the radio flux density at 6 cm may have some nonthermal contributions and thus imply a higher ionizing flux, many of the sources
have such large radio inferred ionizing fluxes that major non-thermal contributions
(> 50% or more) would be necessary to explain the observed trend. This observed
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Fig. 3.11.— Populations ratios estimated for these sources in comparison to their
metallicity (left: WC/WN, right: WR/O). Observations of other regions, both individual star-forming regions and averaged galactic areas, are overplotted; references
can be found in Sokal et al. (2015a). NGC 4449 - Object 4 is not shown, which
has an observed WR/O ∼ 5. Uncertainties clutter the plot, but it is clear that the
population ratios are similar to predictions and other regions.
trend suggests that most of these massive star clusters are still partially embedded,
as more ionizing flux is inferred from the radio, and thus are not fully emerged.

3.7.4

The Excitation of the Sample

To gauge how extreme the star formation environments of the emerging massive star
clusters may be, I utilize the Baldwin, Philips, & Terlevich (BPT) diagram as an
optical diagnostic (Baldwin et al. 1981). As shown in Figure 3.13, this is typically a
plot of the ratio of the nebular lines of [N II]/Hα versus [O III]/Hβ and is used to
evaluate the mechanisms exciting the nebular emission. This is useful to identify if
nebular lines are being excited by star formation alone; the theoretical and empirical
limits (Kewley et al. 2001; Kauffmann et al. 2003) are overplotted as dashed and
dotted-dashed lines. Incontestably, most star-forming galaxies lie well below this star
formation limit, as shown by the dotted line that shows the average of Sloan Digital
Sky Survey galaxies (Brinchmann et al. 2008). If sources lie above or to the right
of these limits, there must be some other contribution providing excitation, such as
from shocks or an active galactic nucleus (AGN). Therefore, the BPT diagram is most
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Fig. 3.12.— A plot comparing the ionized flux inferred from thermal radio emission
to that inferred from optical nebular Hβ emission. The colors are the same as Figure
3.4. Most sources show a higher ionizing flux inferred from the radio than from the
optical observations, suggestive that the sources are still partially embedded.
commonly used to distinguish between star-forming galaxies and AGNs, although
it also can indicate the strength of the ionization parameter U and the excitation
parameter q for a given metallicity.
The emerging massive star clusters in this sample span the BPT diagram, reflective
of the range of metallicities. There does not appear to be any obvious differences in
the location of sources with and without WR stars. Most sources lie above the
average star-forming galaxy track and appear to border the star formation limit. The
direction of this displacement indicates that the emerging massive star clusters have
higher ionization and/or excitation parameters than typical H II regions, especially
the sources in the spiral galaxies M 51 and NGC 6946 with higher metallicity (right
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Fig. 3.13.— The BPT diagram (Baldwin et al. 1981) used to evaluate the excitation
mechanisms. This full sample spans across the diagram. Generally, the sample is
also above where average SDSS star-forming galaxies lie shown by the dotted line
(Brinchmann et al. 2008) and borders the theoretical and empirical limits that are
produced by star formation along that are shown as dashed and dotted-dashed lines
(Kewley et al. 2001; Kauffmann et al. 2003).
side of the plot).
The sources on the left side of this plot are also interesting. Low values of [N II]/Hα
(< -1.0) host low metallicity sources, which often serve as analogs for understanding
star formation at high redshift. The sources in NGC 4214 and NGC 4449 roughly lie
with the average star-forming galaxies in the BPT diagram at these metallicities. This
is also the same area as Green Pea galaxies, which are local extreme galaxies known
for high ionization parameters and high [O III]/[O II] ratios (Jaskot & Oey 2013),
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conditions similar to high redshift star-forming galaxies that may be responsible for
reionization (Nakajima & Ouchi 2014). Furthermore, most published BPT diagrams
do not extend to ratios < -1.50 and the models shown may not be valid here, yet
all of the sources in NGC 2366 fall in this category, which has not yet been well
characterized and likely very similar to high redshift objects. Thus, these sources at
low metallicity may represent modes of star formation similar to that in the early
Universe.

3.7.5

A Different Population: Non-WR Clusters

I have presented many similarities between the WR clusters and the Non-WR clusters thus far, other than the fact that only the WR clusters exhibit the WR bump.
However, I have found that the Non-WR clusters are also distinct in their extinctions
and ages. The age is plotted versus extinction in Figure 3.14. As the upper and
side panels show, the distributions of both of these properties are markedly different between these classes. Moreover, when both properties are examined (the main
plot), the sources with the highest extinctions are evidently older and do not contain
detectable WR features. A similar effect is seen in Figure 3.15, in which the age
is plotted against the ratio of ionizing fluxes as estimated from the radio and from
optical emission lines, as in Section 3.7.3. Although the distinction between the two
classes is less clear in this plot, most Non-WR clusters are found at higher extinctions.
To further examine this trend, I perform the Kolmogorov-Smirnov (KS) test and
the Anderson-Darling (AD) test on the distribution of the extinctions (see Figure
3.16). The KS and AD tests can be used to find confidence limits, where an output
p-value less than 0.05 would reject the null hypothesis that the samples come from
the same distribution. The extinction of the sources in the two classes (WR and
Non-WR clusters) are statistically different with a p-value of 0.0003 from the KS
test and a p-value of 0.0009 from the AD test, indicating that do not come from the
same underlying extinction distribution. Similarly, the ages of the WR and Non-WR
clusters do not come from the same underlying distribution, with p-values of 0.001
(KS test) and 0.006 (AD test). This plot shown in Figure 3.16 indicates that there is
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Fig. 3.14.— A look into the ages and extinctions of the sources in the sample. The
top/right panel shows a histogram of ages/extinctions and the distribution of these
properties are markedly different between the two classes of emerging massive star
clusters (WR clusters in pink, non-WR clusters in gray). The main figure shows these
properties in comparison as extinction versus age. Ihe most highly extincted sources
do not have detected WR features and tend to have larger ages.
a population of Non-WR clusters that is quite different from the rest of the emerging
massive star clusters. This anomalous population of Non-WR clusters tend to be
older, extincted, and do not show signs of WR stars.
Although the KS and AD tests indicate different populations, the massive star
clusters in the sample are very messy environments that make proving any evolutionary scenario rather difficult.The subset of Non-WR clusters presented here that are
(1) old, (2) have high extinction, and (3) do not currently have WR stars may form
the most curious result from this project. Most of these anomalous Non-WR clusters
have stellar masses that should be able to produce WR stars, especially as many are
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Fig. 3.15.— Similar to Figure 3.14, the age versus the ratio of the ionizing flux
estimated from radio to that from Hβ, which serves as an extinction measure as well.
The Non-WR clusters tend to occupy the upper right side of the plot in comparison
to the WR clusters.
at high metallicities. Given the mass and metallicity of the clusters, it is challenging
to understand why all of these Non-WR clusters exhibit these three characteristics
and appear distinct from the rest of the sample (as in Figure 3.14). If these Non-WR
clusters are in fact old, highly extincted, WR-free massive star clusters, then what
could they be? The most obvious explanation may be that they did host WR stars
at an earlier time and they no longer exist.
In this case, it would be expected that any previous WR stars must have exploded
as supernova, which is why they are no longer producing WR bumps. Supernova remnants (SNRs) produce radio emission with a negative spectral index that can dominate
over the thermal radio emission. Supernova remnants can inject high energy particles
that will give rise to synchrotron emission for up to 1 Gyr (Heesen et al. 2015), and
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Fig. 3.16.— A plot showing the cumulative distribution functions (CDF) of the
extinctions of the WR and Non-WR clusters. I perform the Kolmogorov-Smirnov
(KS) test and the Anderson-Darling (AD) test on the distributions of the ages and
extinctions. For the extinction distributions, p-values of 0.0003 (KS test) and 0.0009
(AD test) were found, showing that the extinction distributions of the two classes are
statistically different. The age distributions are similarly statistically different.
thus the thermal radio-selection of these sources makes this scenario unlikely. S26
can be used as a test case: in Chapter 2 Section 2.6, the observed radio emission is
decomposed into thermal and non-thermal components, both leaving the radius as a
free variable and set to the optical size of r=50pc. The number of supernova remnants
required to reproduce the non-thermal emission can be found using the well-studied
galactic supernova remnant Cas A. Cas A has a radio flux density of 2720 Jy (Green
1998) and is at a distance of 3.4 kpc (Reed et al. 1995); at the distance of NGC 4449
it would have a flux density of 2.15 mJy at 20 cm. Adopting Cas A as a typical
SNR, then the non-thermal radio emission in S26 is consistent with ∼ a single SNR,
specifically, 0.6 using a model with r=50pc or 1. using the model with the radius
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unconstrained. Alternatively, the number of SNRs needed to change the observed
radio spectral index from α = -0.2 to something dominated by non-thermal emission
to α = -0.5 (still including the observed thermal emission) would be ∼ 3.7 for both

models. Thus, from these simple estimates, it is clear that S26 may have one or two

SNR, but any more would change the observed radio spectral index. Additionally,
the clusters would have needed to be in unusually dense environments to remain partially embedded if supernova explosions had occurred. Thus, this scenario may not
be viable.
However, the stellar death throes of massive stars are not yet a solved problem–so
perhaps the endpoints of massive stellar evolution are the answer here. While the
common assumption is that they will explode as supernova, there is a possibility that
massive stars instead may directly collapse into a black hole. Fryer (1999) found that
stars with masses greater than 40 M may form a black hole without a supernova
explosion (although they may undergo gamma ray bursts if rotating). An archival
search for supernova progenitors found none came from massive stars above 18 M ,
which can be explained by either the WR phase that is too faint just before the
point of core-collapse or that massive stars produce failed supernova and black holes
instead (Smartt 2015). There has additionally been an identification of one possible
progenitor of a failed supernova as the disappearance of a 25-30 M yellow supergiant
(Reynolds et al. 2015). Thus the subsample of old, highly extincted Non-WR clusters
can be explained if most stars that are massive enough to become WR stars do not
explode as supernova, but instead directly and quietly collapse into black holes. In
the case that these clusters had WR stars but they have all died, there would be no
indications of either WR stars or supernova in the subsample of Non-WR clusters.
One caveat to this scenario is the age: while these Non-WR clusters are past the onset
of the WR phase, the majority are less than 8 Myr old and thus not all of the massive
stars should have perished and the stars from initial masses of ∼ 25 M could be in the

WR phase (Eldridge & Stanway 2009). To offer other possible explanations, I discuss
here how any of the three derived characteristics (age, extinction, WR detection)
could be inaccurate, and the implications (of course combinations are possible as
well):
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1. Could the anomalous Non-WR clusters be young instead?: I estimate the cluster ages using the observed equivalent width of Hβ and STARBURST99 predictions. In addition to uncertainties in the method, there are a few potential
scenarios that may result in an overestimation of ages.
(a) If ionizing photons were to leak out of the H II region, the cluster could
appear older than it actually is. However, the equivalent width would need
to be reduced from roughly 100-50 Å to the observed ∼10 Å in many cases.

It is difficult to justify why only the high extinction sources would have
leaked such large amounts of their ionizing photons.

(b) Similarly, the right distribution of dust in or surrounding the clusters may
be responsible for low equivalent width measurements and the resulting
derived older ages. If there is a clumpy screen of dust, then the stellar continuum can suffer less extinction due to dust than nebular emission lines
(Calzetti et al. 1994), and thus this extinction may reduce the equivalent
width of the Balmer lines. However, in the scenario described by Calzetti
et al. (1994), the optical continuum is produced by an older stellar population than the emission lines. Thus for this scenario to be considered a
feasible explanation, there would need to be both a dust shield and distinct spatial distributions between the WR stars (and young ionizing stars)
versus the older stars producing the observed continuum without the WR
bump.
(c) Another possibility is that the Non-WR clusters are not producing massive enough stars to produce the equivalent widths of Hβ that are expected
for young massive star clusters, and thus appearing older than they are.
This can occur through several mechanisms. Stochasticity may be effecting these massive star clusters, which becomes important for clusters with
masses ∼ 105 M and less (Fouesneau & Lançon 2010). Thus, the clus-

ter may not produce stars with stellar masses that fully sample the upper
end of the IMF. However, this should be extremely rare. Monte Carlo
simulations stochastically populating an IMF rarely, if ever, result in mas-
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sive clusters > 104 M with the maximum mass star being < 40 M (e.g.
Krumholz et al. 2015). Yet, most stars > 25 M should evolve into WR
stars, especially at the metallicity of M 51. The probability that the most
massive star in a ∼ 105 M

cluster is ∼ 25 M

is clearly less than 5%

(see Fig.s 2 and 3 in Cerviño et al. 2013). Furthermore, some such as
Weidner et al. (2010) believe that there is a physical relationship between
the mass of a cluster and its most massive star (in opposition to an IMF
that is populated stochastically), in which case, the probability would be
even further reduced. More likely, an irregular bottom heavy IMF may be
able to justify how a population of stars can be formed without massive
stars that become WR stars. If these sources were made up of several star
clusters, rather than a single massive star cluster that should fully sample
the IMF, then the combined stellar populations may only be composed of
stars with low mass. At extragalactic distances, the possibility of several
densely packed low mass clusters is hard to rule out.

2. Could the anomalous Non-WR clusters have low internal extinction instead?:
This could be explained by foreground extinction in the host galaxy that results
in measurements of high extinction for these sources. As many of these Non-WR
clusters lie in the spiral arms of M 51, foreground extinction from the host galaxy
likely does contribute on some level. However, if the measured high values are
solely due to foreground extinction from the host galaxy rather than internal
extinction in the clusters themselves, then why does this foreground extinction
only effect the old clusters without WR detections requires a resolution.
3. Could the anomalous Non-WR clusters actually have WR stars that are not
detected by these observations?: While the Non-WR clusters have high extinctions, and it might seem appealing to assume that these extinctions are diminishing the WR signal, this cannot explain non-detections of the WR bump.
Since the WR bump is due to stellar features, the WR bump and the continuum
should be affected by extinction in the same way. The non-detections could result instead from various scenarios when additional light from other massive
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stars washes out the WR bump, such as the following possibilities:
(a) One scenario is if the WR stars are weak-lined WR stars. The weakest
WR stars can have an λ 4686Å equivalent width a factor of one hundred
less than other WR stars (Crowther 2007). However, weaker lined WR
stars are more prevalent at lower metallicities (Crowther & Hadfield 2006),
and as the majority of the Non-WR clusters are found in high metallicity
environments, this explanation is unlikely.
(b) Another possibility is aperture-like effects; Kehrig et al. (2013) showed that
aperture size can effect a potential WR detection, where the WR signal
can be unknowingly wiped out depending on the distribution of WR stars
and aperture choice. In my observations, the WR signal could be diluted
by including additional light from beyond the cluster. Yet, the sources in
each galaxy are treated uniformly, and thus this effect should be present
in the entire sample and therefore does not reasonably explain why the
Non-WR clusters are different.
(c) If the star formation were not coeval, then a population of newly formed
O-stars could wash out the WR bump produced by still present WR stars
formed in an earlier wave of star formation. Yet, the ages of the Non-WR
clusters, which are estimated from nebular observations that reflect the
most recent star formation, are typically past the onset of the WR phase
instead of before. Thus the estimated ages of this sample are not in line
with this scenario.
(d) If the IMF of the cluster differed from the typical Salpeter IMF, there
could be more O-stars produced relative to WR stars than expected (or
less massive stars in total). If this were the case, then the detection of
the WR bump would be more difficult because the light from additional
O-stars may dilute the WR feature. For instance, a slightly steeper IMF
is observed in M31 that could suggest that the number of massive stars
(> 8 M ) is 25% less than expected with a Kroupa IMF (Weisz et al.
2015). However, little variation has been observed in the IMF universally
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(Bastian et al. 2010; Massey 2011), making this explanation difficult to
justify.
(e) As shown by the STARBURST99 predictions shown in Figure 3.9, the
strength of the integrated WR features can vary over time. Thus, some
of the sources without WR detections could have been observed during
one of the low points (appearing “off”) of the duty cycle of the WR features. However, there is no reason that this should correlate with age or
extinction, as in Figure 3.14.

3.8

Conclusions and Discussion

To investigate the potential evolutionary role of WR stars in clearing surrounding
natal material from massive star clusters, I obtain optical spectra of 42 emerging
massive star clusters to search for WR detections. Targets are identified from sources
that exhibit thermal radio emission in radio continuum studies of the star-forming
galaxies NGC 2366, NGC 4214, NGC 4449, NGC 6946, and M 51. The observed
properties of the sources in the sample indicate that these massive star clusters are
intense regions of star formation that have not yet completely cleared their natal
material. Most sources in the sample, with or without WR stars, exhibit less ionizing
flux inferred from the optical emission lines than would be inferred from the thermal
radio emission; this suggests that some light is being blocked and thus that these
sources are still partially embedded. I also find that the observed nebular line ratios
tend to border what can be produced by star formation alone, shown by the BPT
diagram in Figure 3.13, suggesting the presence of a hard radiation field.
I find that 50% of the sample exhibited significant detections of the WR bump, and
have constrained their nebular environments. The observed ages and high number
of WR detections show that the thermal radio emission does not dissipate before
WR stars start to appear. Thus, I have not observed a period during which there is
thermal radio emission concurrent with optical emission before the WR phase for the
cluster begins, as may have been expected.
Overall, these observations of the emerging WR clusters are consistent with the
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hypothesis that WR stars may be contributing to the removal of natal material during
the cluster emergence. In particular, the interstellar extinction in the emerging WR
clusters is found to be lower than most of the non-WR clusters. Moreover, the
observed differences between the ages and extinctions of the WR cluster and the
Non-WR cluster classes have important evolutionary implications. Naively, if it is
assumed that WR stars are partly responsible for clearing a cluster, then clusters
without WR stars should have higher extinctions, which is exactly what is seen.
Comparing both the ages and extinctions of the sources, I find that some emerging
massive star clusters appear to remain embedded for longer, and that these clusters
do not show detections of the WR bump; many Non-WR clusters with high extinction
are ∼ 5 Myr older than most WR clusters (see Figure 3.14). Thus if sources without

WR stars stay embedded longer than sources with WR stars, the WR stars could
actually be helping these clusters to emerge. This may suggest that WR stars make
the emerging process more efficient or accelerated, and possibly necessary in some
cases, for clusters to clear obscuring natal material.
While alternative scenarios to the observed ages, extinctions, or WR detections
are offed, and it is clear that many unknowns may hamper my interpretation of this
data, my observations of relatively cleared out WR clusters and extincted, old clusters
that do not exhibit WR features are quite compelling and indicative of the importance
of the WR stars. Thus, further optical spectral observations of additional massive
star clusters exhibiting thermal radio emission are needed. An expanded sample
will greatly expand our understanding of emerging massive star clusters and SSCs
and provide further constraints to some of the suggested scenarios. I suspect that
the radio selection process is an important component in this study, as it identifies
clusters that still have gaseous material but are not subject to extinction. This
method is different than typical observed collections of extragalactic H II regions,
which are mostly found through optical brightness criteria, and may explain why
sources like the Non-WR clusters have not been previously scrutinized. While radio
continuum surveys to obtain high enough sensitivities to detect these extragalactic
H II regions are expensive, the new capabilities of the Karl G. Jansky Very Large
Array have increased continuum sensitivities by more than an order of magnitude.
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New radio continuum studies are already coming out, such as the Star Formation in
Radio Survey that has resolved thermal radio sources (Murphy et al. 2012), and show
there is hope for this field to rapidly advance.
To truly confirm the role of the WR stars in how massive star clusters emerge,
complex simulations are needed that not only model massive star clusters but also
specifically include the WR phase and incorporate different feedback mechanisms.
Current technology cannot reach these massive and SSC mass scales with the resolutions needed that also include feedback processes, and it is not reliable to simply
scale from lower mass systems (Banerjee & Kroupa 2015). Fortunately, we are already witnessing advancements in capabilities. For instance, SSC mass scales have
been reached by recent simulation of radiation feedback on a nascent SSC (Skinner &
Ostriker 2015). Thus, with increased radio telescope sensitivities and the continued
improvements toward complex simulations, we will soon be able to disentangle the
physical effects of WR stars in massive star cluster evolution.
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Appendix A: Source Spectra and Images
We present the optical spectra obtained for this study of the sources in our sample
and archival images of these interesting objects. In addition to the spectra shown in
Figure 3.1, additional spectra for the WR class are shown throughout Figures A1-A2,
and the full sample throughout Figures A1-A4. In the same fashion, an example
image showing a subset of these regions was presented in Figure 3.2;the rest of the
sample is presented here in Figures A5-A6. We also include tables describing the
observations (Tables A1-A2) and various measured properties of the sources, such as
optical characteristics (Table A3) and line fluxes (Tables A4-A5).
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Fig. A1.— Optical spectra observed with the 4m Mayall Telescope at KPNO and
the 6.5m MMT of another subset of the WR clusters, otherwise the same as Figure
3.1.
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Fig. A2.— Optical spectra observed with the 6.5m MMT of the rest of the WR
clusters, otherwise the same as Figure 3.1.
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Fig. A3.— Optical spectra observed with the 4m Mayall Telescope at KPNO and
the 6.5m MMT of a subset of the ‘no-bump’ sources, otherwise the same as Figure
3.1 without the zoom-in panels of WR feature regions.
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Fig. A4.— Optical spectra observed with the 6.5m MMT of the rest of the ‘no-bump’
sources, otherwise the same as Figure A3.
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Fig. A5.— Archival HST and KP 2.1m images (Hα, B, I) of the target galaxies
NGC 4214 and NGC 6946. Insets and overlaid regions are the same as 3.2 with the
exception that the extracted region and corresponding overlaid circle on source NGC
4214 - Object 15/16 is 4.00 0.
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Fig. A6.— Archival HST images (Hα, B, I) of the target galaxy M51. Insets and
overlaid regions are the same as Figure 3.2.
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Table A1.

Optical Spectral Observations

Right Ascension α

Declination δ

Exposure Time (s)

Date Observeda

NGC 2366 - Object 10
NGC 2366 - Object 11
NGC 2366 - Object 13

7:28:42.58
7:28:43.71
7:28:45.69

+69:11:22.0
+69:11:22.4
+69:11:25.8

NGC 4214 - Object 3

12:15:38.18

+36:19:44.9

NGC 4214 - Object 13

12:15:40.56

+36:19:14.1

NGC 4214 - Object 14

12:15:40.73

+36:19:09.9

NGC 4214 - Object 15/16e

12:15:40.87e

+36:19:04.4e

NGC 4214 - Object 17

12:15:41.36

+36:21:14.1

NGC 4449 - Object 3

12:28:09.37

+44:05:20.2

NGC 4449 - Object 4
NGC 4449 - Object 18

12:28:09.44
12:28:12.63

+44:05:16.3
+44:05:03.7

NGC 4449 - Object 22

12:28:12.99

+44:06:56.3

NGC 4449 - Object 23
NGC 4449 - Object 26
NGC 4449 - Object 27

12:28:13.08
12:28:13.86
12:28:14.83

+44:05:42.7
+44:07:10.4
+44:07:10.0

NGC
NGC
NGC
NGC

13
37
48
110

20:34:34.85
20:34:48.43
20:34:50.92
20:35:16.71

+60:11:38.6
+60:08:20.8
+60:10:20.7
+60:11:00.6

NGC 6946 - Object 115
NGC 6946 - Object 117
M 51 - Object 5

20:35:23.62
20:35:24.82
13:29:39.36

+60:09:50.2
+60:10:00.0
+47:08:40.7

M 51 - Object 6

13:29:43.67

+47:10:01.0

M 51 - Object 11

13:29:46.74

+47:09:40.8

M 51 - Object 34
M 51 - Object 39

13:29:50.70
13:29:51.73

+47:11:55.9
+47:12:01.9

M
M
M
M
M

44
46
57
60
63

13:29:52.01
13:29:52.03
13:29:53.91
13:29:54.24
13:29:54.84

+47:12:42.9
+47:12:47.2
+47:14:05.4
+47:11:23.2
+47:11:59.2

M 51 - Object 67
M 51 - Object 73

13:29:55.08
13:29:55.42

+47:11:35.0
+47:14:02.1

2400
1800
1800
1800
1200
900
900
2100
900
1800
1800
900
1800
2700
600
2700
1800
1200
2700
900
1800
1800
1800
1800
1800
1800
1800
1800
1800
3600.
3600.
3600.
3600.
3600.
3600.
3600.
6300.
6300.
6300.
6300.
6300.
12600.
6300.
6300.
6300.
6300.
6300.
6300.
6300.
6300.
6300.
6300.
6300.

2013-04-12
2013-04-15b
2013-04-13
2013-04-15
2013-04-12
2013-04-14
2013-04-15
2013-04-12c
2013-04-14
2013-04-15d
2013-04-14
2013-04-15
2013-04-12
2013-04-14
2013-04-15
2013-04-14
2013-04-15
2013-04-13
2013-04-14
2013-04-15
2013-04-13
2013-04-13
2013-04-14
2013-04-13
2013-04-14
2013-04-13
2013-04-13
2013-04-13
2013-04-15
2013-04-08
2013-04-07
2013-04-07
2013-04-07
2013-04-08
2013-04-08
2013-04-07
2013-04-02
2013-04-06
2013-04-02
2013-04-06
2013-04-02
2013-04-06
2013-04-06
2013-04-02
2013-04-06
2013-04-02
2013-04-06
2013-04-06
2013-04-02
2013-04-02
2013-04-06
2013-04-06
2013-04-02

Source

51
51
51
51
51

6946
6946
6946
6946

-

-

Object
Object
Object
Object

Object
Object
Object
Object
Object
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Table A1—Continued
Source

Right Ascension α

Declination δ

M 51 - Object 87
M 51 - Object 88
M 51 - Object 90

13:29:59.53
13:29:59.58
13:29:59.84

+47:15:58.3
+47:11:11.3
+47:11:12.7

M 51 - Object 92

13:30:00.36

+47:13:18.9

M 51 - Object 93

13:30:00.78

+47:11:37.7

M 51 - Object 94

13:30:00.93

+47:09:28.9

M 51 - Object 96
M 51 - Object 97

13:30:01.41
13:30:01.50

+47:11:57.8
+47:12:51.4

M 51 - Object 100
M 51 - Object 101
M 51 - Object 103

13:30:02.38
13:30:02.75
13:30:03.95

+47:09:49.1
+47:09:56.9
+47:15:33.0

M 51 - Object 105

13:30:07.38

+47:13:22.3

Exposure Time (s)

Date Observeda

6300.
6300.
6300.
6300.
6300.
6300.
12600.
6300.
6300.
6300.
6300.
6300.
6300.
6300.
6300.
6300.
6300.
6300.
6300.
12600.

2013-04-06
2013-04-06
2013-04-06
2013-04-02
2013-04-06
2013-04-02
2013-04-06
2013-04-02
2013-04-06
2013-04-02
2013-04-06
2013-04-06
2013-04-02
2013-04-06
2013-04-06
2013-04-02
2013-04-02
2013-04-06
2013-04-02
2013-04-06

Note. — This table presents the observations obtaining the optical spectra, by source, with the 4m
Mayall Telescope at KPNO and the 6.5m MMT. We determine flux corrections (see Section 3.6.2) to
account for any non-ideal observing conditions.
a yyyy-mm-dd
b at

wind limit

c some
d bad
e The

clouds

seeing

targets NGC 4214 - Obj 15 and NGC 4214 - Obj 16 could not be separated. Therefore, the
combined spectrum is used and the averaged positions of Object 15 (12:15:40.76 +36:19:04.5) and Object
16 (12:15:40.98 +36:19:04.3) is presented.
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Table A2.
Galaxy
NGC
NGC
NGC
NGC
M 51

2366
4214
4449
6946

Archival V-Band Imaging Observations

Telescope

Filter

Description

HST
HST
HST
KPa
HST

F547M
F547M
F550M
V
F555W

V
V
V
V
wide-V

Instrument
WFPC2
WFC3(UVIS)
ACS(WFC)
CFIM(t2ka)
ACS(WFC)

Date Observed

Proposal ID

1996-01-08
2009-12-23
2005-11-18
2001-11-08
2005-01-20

6096
11360
10522
...
10452

Note. — Observing information for archival optical images with medium and broad V-band filters.
a KP=

Kitt Peak National Observatory 2.1m Telescope.

b Primary

observer.

PI
L. Drissen
R. O’Connell
D. Calzetti
K. Gordonb
S. Beckwith

129

Table A3.
Source

NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
NGC
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51

2366 - Object
2366 - Object
2366 - Object
4214 - Object
4214 - Object
4214 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
4449 - Object
6946 - Object
6946 - Object
6946 - Object
6946 - Object
6946 - Object
6946 - Object
- Object 5
- Object 6
- Object 11
- Object 34
- Object 39
- Object 44
- Object 46
- Object 57
- Object 60
- Object 63
- Object 67
- Object 73
- Object 88
- Object 90
- Object 92
- Object 93
- Object 94
- Object 96
- Object 97
- Object 100
- Object 101
- Object 103
- Object 105

10
11
13
13
14
15/16
3
4
18
22
23
26
27
13
37
48
110
115
117

Optical Characteristics of the Sample

Fcont, 6000 Å
ergs cm−2 s−1

Flux Correction

7.88e-16
6.23e-16
1.70e-16
3.45e-16
3.81e-16
6.74e-16
2.01e-16
1.43e-15
1.28e-16
2.90e-16
3.49e-16
6.20e-16
1.65e-16
7.34e-17
6.52e-17
1.07e-16
1.97e-16
1.22e-16
2.77e-16
1.36e-16
1.07e-16
1.40e-16
2.28e-16
6.21e-16
1.44e-16
6.60e-16
5.89e-17
2.32e-16
4.12e-16
1.98e-16
2.29e-16
4.35e-16
8.71e-17
1.88e-16
1.33e-16
1.12e-16
8.07e-17
3.44e-16
1.95e-15
1.11e-16
8.33e-17
2.80e-17

1.0
1.0
1.0
1.0
1.0
1.1
1.2
1.0
1.0
1.0
1.0
1.4
1.5
1.0
1.0
1.0
2.9
1.6
2.4
3.4
2.1
2.2
1.6
2.8
1.5
4.5
1.0
1.2
3.4
1.0
2.7
5.3
1.0
1.6
1.1
1.1
1.0
4.1
6.0
1.0
1.5
1.0

-EW(Hβ)
Å
505.0 (50.5)
176.1 (17.6)
134.9 (13.5)
148.0 (14.8)
226.9 (22.7)
241.7 (24.2)
123.5 (12.3)
13.0 (1.3)
138.0 (13.8)
45.1 (4.5)
2.5 (0.3)
241.2 (24.1)
78.1 (7.8)
92.6 (9.3)
36.4 (3.7)
69.5 (7.0)
114.2 (11.4)
73.2 (7.3)
43.9 (4.4)
81.9 (8.2)
43.8 (4.4)
40.1 (4.0)
13.1 (1.3)
11.3 (1.2)
65.5 (6.6)
79.3 (7.9)
87.1 (8.7)
8.8 (0.9)
9.2 (0.9)
7.6 (0.8)
43.6 (4.4)
17.1 (1.7)
18.0 (1.8)
38.5 (3.9)
27.9 (2.8)
94.2 (9.4)
1.4 (0.2)
41.0 (4.1)
70.9 (7.1)
71.0 (7.1)
78.5 (7.9)
137.7 (13.8)

LV,o
erg s−1
1.48e+36
6.74e+35
2.27e+35
3.58e+35
3.61e+35
8.69e+35
4.41e+35
1.21e+36
1.38e+35
6.45e+35
3.87e+35
1.38e+36
3.59e+35
6.46e+36
1.23e+36
4.67e+36
9.75e+36
5.29e+36
1.33e+37
1.12e+36
8.33e+35
1.12e+36
2.38e+36
4.65e+36
1.98e+35
3.89e+36
2.07e+35
2.16e+36
2.84e+36
1.15e+36
2.03e+36
6.23e+35
4.60e+35
1.57e+36
9.97e+35
1.10e+36
2.91e+35
2.52e+36
4.15e+36
1.59e+36
6.92e+35
1.04e+35

(2.908e+34)
(2.348e+34)
(3.291e+34)
(4.652e+34)
(4.547e+34)
(1.254e+35)
(1.644e+35)
(1.837e+35)
(3.473e+34)
(8.496e+34)
(2.918e+35)
(7.294e+34)
(1.175e+34)
(7.571e+35)
(1.354e+35)
(2.705e+35)
(8.923e+35)
(3.233e+35)
(7.997e+35)
(2.362e+34)
(5.775e+35)
(1.359e+35)
(1.789e+36)
(3.351e+36)
(1.081e+35)
(2.997e+35)
(1.553e+35)
(1.620e+36)
(2.411e+36)
(2.859e+35)
(8.617e+34)
(4.672e+35)
(3.448e+35)
(1.169e+35)
(6.381e+34)
(1.592e+34)
(2.413e+35)
(9.240e+35)
(1.101e+35)
(1.463e+35)
(1.984e+35)
(3.161e+34)

Note. — A table presenting various optical characteristics used throughout this paper. Specifically, the
spectra shown in Figures 3.1 - A4 are normalized to the average continuum values presented in this table,
as well as the following for “Other” sources (not listed above): M 51 - Object 87: Fcont, 6000 Å = 6.33e-15
ergs cm−2 s−1 , NGC 4214 - Object 3: Fcont, 6000 Å = 1.07e-15 ergs cm−2 s−1 , and NGC 4214 - Object 17:
Fcont, 6000 Å = 6.44e-17 ergs cm−2 s−1 . The Flux Correction is determined from the V-band photometry
and is discussed in Section 3.6.2.

23
23
22
23
30
16
26
29
24
22
23
24
25
23
26
24
29
28
26
26
24

(2)
(3)
(3)
(4)
(3)
(4)
(3)
(6)
(2)
(7)
(8)
(8)
(5)
(6)
(2)
(6)
(14)
(10)
(2)
(2)
(6)

Hδ
4102 Å
46
39
46
45
46
34
48
57
46
43
42
43
44
46
47
45
50
49
46
47
45

(4)
(5)
(6)
(7)
(5)
(7)
(5)
(12)
(4)
(14)
(14)
(14)
(8)
(12)
(4)
(12)
(23)
(16)
(4)
(4)
(11)

Hγ
4341 Å
15 (1)
12 (2)
2.0 (0.4)
2.8 (0.5)
3.8 (0.4)
7 (2)
2.2 (0.3)
6 (1)
2.1 (0.2)
...
3 (1)
1.6 (0.6)
1.9 (0.5)
5 (1)
...
2.0 (0.5)
1.0 (0.7)
1.1 (0.4)
0.9 (0.2)
2.8 (0.3)
3.1 (0.8)

[O III]
4363 Å
238 (20)
205 (25)
97 (12)
108 (15)
145 (14)
92 (17)
54 (5)
69 (13)
126 (11)
28 (8)
13 (4)
69 (20)
25 (4)
51 (12)
2.0 (0.2)
27 (6)
9 (4)
7 (2)
7.2 (0.6)
11.8 (1.0)
20 (5)

[O III]
4959 Å
705 (60)
707 (87)
292 (36)
326 (45)
316 (31)
240 (45)
170 (17)
190 (35)
376 (32)
84 (24)
43 (13)
212 (60)
76 (13)
156 (35)
6.0 (0.5)
82 (19)
30 (12)
20 (6)
22 (2)
36 (3)
64 (15)

[O III]
5007 Å
0.8 (0.1)
1.1 (0.2)
7.2 (0.8)
6.1 (0.7)
6.1 (0.6)
13 (2)
10.2 (1.0)
10 (2)
5.3 (0.4)
41 (10)
75 (18)
35 (8)
43 (6)
30 (6)
43 (4)
56 (11)
49 (16)
47 (11)
54 (4)
48 (4)
66 (12)

[N II]
6548 Å
292
305
274
245
296
312
268
304
294
457
452
486
480
395
369
413
343
333
401
350
484

(24)
(33)
(30)
(29)
(27)
(49)
(25)
(47)
(24)
(109)
(110)
(113)
(71)
(74)
(31)
(79)
(112)
(81)
(31)
(28)
(90)

Hα
6563 Å

Emission Line Fluxes for WR Clustersa

2.0 (0.2)
2.6 (0.3)
20 (2)
20 (2)
21 (2)
33 (5)
29 (3)
35 (5)
16 (1)
128 (31)
232 (56)
107 (25)
159 (23)
91 (17)
129 (11)
174 (33)
152 (50)
138 (34)
161 (12)
142 (11)
200 (37)

[N II]
6584 Å
3.6 (0.3)
5.2 (0.6)
19 (2)
18 (2)
20 (2)
34 (6)
27 (3)
51 (8)
16 (1)
57 (13)
67 (16)
52 (12)
51 (7)
39 (7)
28 (2)
33 (6)
47 (15)
28 (7)
31 (2)
24 (2)
44 (8)

[S II]
6717 Å

extinction corrected flux of measured emission lines in comparison to Hβ, given in the last column with units of 10−15 ergs cm−2 s−1 .

45 (4)
69 (10)
277 (41)
219 (37)
248 (27)
327 (77)
316 (36)
417 (96)
204 (19)
195 (73)
129 (49)
197 (71)
179 (39)
218 (62)
49 (5)
157 (46)
216 (112)
160 (61)
109 (9)
148 (13)
181 (51)

N2366 - Obj 10
N2366 - Obj 11
N4214 - Obj 13
N4214 - Obj 14
N4214 - Obj 15/16
N4449 - Obj 4
N4449 - Obj 18
N4449 - Obj 22
N4449 - Obj 26
N6946 - Obj 13
N6946 - Obj 48
N6946 - Obj 110
N6946 - Obj 115
N6946 - Obj 117
M 51 - Obj 46
M 51 - Obj 57
M 51 - Obj 73
M 51 - Obj 94
M 51 - Obj 100
M 51 - Obj 101
M 51 - Obj 103

a The

[O II]
3727 Å

Source

Table A4.

3.4 (0.3)
3.9 (0.5)
14 (2)
14 (2)
14 (1)
26 (4)
18 (2)
36 (5)
12 (1)
41 (10)
68 (16)
40 (9)
37 (5)
36 (7)
22 (2)
27 (5)
37 (12)
20 (5)
26 (2)
18 (1)
32 (6)

[S II]
6732 Å

1.0 (0.1)
1.1 (0.3)
3.0 (0.5)
2.9 (0.4)
2.8 (0.3)
11 (3)
2.8 (0.5)
6 (1)
2.4 (0.2)
3.4 (0.8)
7 (2)
4.2 (1.0)
2.7 (0.7)
3.3 (0.6)
0.9 (0.2)
1.9 (0.5)
4 (1)
0.7 (0.3)
0.9 (0.3)
0.6 (0.3)
1.9 (0.4)

[O II]
7319 Å

Hβ a
4861 Å
590 (50)
225 (28)
80.8 (10.2)
133 (19)
194 (19)
34.1 (6.6)
30.7 (3.1)
24.0 (4.5)
289 (25)
14.6 (4.4)
12.6 (3.9)
28.9 (8.4)
11.0 (2.0)
18.3 (4.2)
70.6 (6.3)
7.18 (1.70)
14.1 (5.9)
17.7 (5.4)
207 (16)
12.5 (1.0)
8.78 (2.02)

[O II]
7330 Å
0.8 (0.1)
1.5 (0.5)
2.6 (0.5)
2.8 (0.4)
3.2 (0.4)
...
2.8 (0.6)
3.6 (0.7)
2.1 (0.2)
2.8 (0.7)
5 (1)
4 (1)
2.0 (0.6)
3.5 (0.7)
...
1.1 (0.3)
...
0.6 (0.3)
0.7 (0.2)
0.6 (0.2)
1.4 (0.4)
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2366 - Object
4449 - Object
4449 - Object
4449 - Object
6946 - Object
- Object 5
- Object 6
- Object 11
- Object 34
- Object 39
- Object 44
- Object 60
- Object 63
- Object 67
- Object 88
- Object 90
- Object 92
- Object 93
- Object 96
- Object 97
- Object 105

13
3
23
27
37

22
23
...
32
16
26
21
25
14
12
23
...
...
...
17
18
20
22
...
20
22
(9)
(11)

(6)
(6)
(5)
(5)

(36)
(10)
(3)
(6)
(2)
(7)
(7)
(9)

(2)
(10)

Hδ
4102 Å
44
48
...
66
45
46
43
47
40
39
42
...
37
41
39
42
46
42
...
43
42
(18)
(19)

(10)
(10)
(11)
(12)
(11)
(9)

(71)
(26)
(5)
(11)
(4)
(19)
(22)
(16)

(3)
(20)

Hγ
4341 Å
464 (36)
229 (83)
126 (18)
119 (113)
16 (8)
62 (6)
17 (4)
12 (1)
19 (8)
22 (11)
13 (4)
24 (4)
10 (4)
14 (3)
40 (10)
11 (3)
19 (4)
8 (2)
380 (55)
16 (6)
67 (27)

[O III]
5007 Å
1.5 (0.2)
11 (3)
53 (7)
10 (7)
55 (23)
57 (5)
68 (13)
51 (4)
48 (16)
39 (16)
75 (20)
51 (6)
17 (4)
38 (6)
52 (11)
43 (9)
50 (9)
49 (8)
161 (20)
71 (21)
75 (25)

[N II]
6548 Å
287
402
310
467
449
485
440
398
388
383
476
405
325
387
382
367
362
423
365
488
533

(22)
(118)
(37)
(355)
(185)
(43)
(85)
(32)
(133)
(153)
(126)
(49)
(65)
(61)
(80)
(78)
(64)
(71)
(44)
(143)
(175)

Hα
6563 Å
5.3 (0.4)
38 (11)
210 (25)
32 (24)
172 (71)
176 (16)
208 (40)
157 (13)
146 (50)
123 (49)
242 (64)
162 (19)
60 (12)
120 (19)
159 (33)
135 (28)
158 (28)
150 (25)
464 (56)
225 (66)
231 (75)

[N II]
6584 Å

Emission Line Fluxes for Non-WR Clustersa

34.7 (2.7)
41.4 (15.3)
1.24 (0.176)
21.3 (20.7)
6.35 (3.32)
11.8 (1.1)
11.4 (2.7)
6.67 (0.56)
10.6 (4.6)
26.2 (13.3)
18.4 (6.1)
7.47 (1.07)
26.6 (6.7)
11.3 (2.2)
37.5 (9.8)
12.4 (3.3)
10.2 (2.2)
7.64 (1.57)
0.977 (0.189)
52.7 (19.4)
6.57 (2.73)

Hβ a
4861 Å

extinction corrected flux of measured emission lines in comparison to Hβ, given in the last column with
units of 10−15 ergs cm−2 s−1 .

a The

NGC
NGC
NGC
NGC
NGC
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51
M 51

Source

Table A5.
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Chapter 4
Summary
This thesis demonstrates that WR stars may be a critical (and overlooked) component of in the emerging evolutionary phase of massive star clusters. After observing
WR features in an partially-embedded, emerging massive star cluster known as S26
in NGC 4449, I infer that the WR stars may be significant during the evolution of
massive star clusters. With my thesis, I investigate WR stars as an overlooked source
of feedback that may contribute to the early evolution of massive star clusters. S26
is observed to be currently emerging, with both thermal radio emission and bright
optical emission shown in archival HST images. While still bright in the radio, optical spectra of S26 unexpectedly show the WR bump, produced by the integrated
stellar emission from WR stars. Using the WR feature and ionizing flux, I estimate
that S26 hosts ∼150 massive stars, of which ∼20 are WR stars; a similar massive

star population to other intense star-forming clusters. The presence of WR stars
(particularly acknowledging the nature of their strong feedback) during the emerging
phase suggests that the WR stars themselves may aid in removing the natal material
surrounding S26. Ongoing feedback is evident in Hubble, Spitzer, and Herschel Space
Telescope images, where a possible nebular bipolar outflow is seen in the center and
conspicuous infrared emission from S26 rivals the nuclear emission of the galaxy at the
longest wavelengths. By constructing and fitting the infrared SED with dust models,
I find the exciting radiation is more intense and the PAH features are diminished towards the cluster center. This suggests the PAH particles are likely destroyed by the
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strong radiation from the massive stars. Thus, it is clear the massive star population
in S26, particularly the WR stars, is drastically altering enshrouding natal material.
From this multiwavelength analysis of S26, I suggest WR feedback may provide the
tipping point in the combined feedback processes that drive a massive star cluster to
emerge.
With S26 as inspiration, I conduct an observational survey to search for WR stars
in massive star clusters undergoing the same evolutionary transition to assess the
role of WR stars in the emergence of massive star clusters. I use a novel method
to find clusters undergoing the emerging phase by targeting radio continuum sources
with thermal emission, similar to S26. I then obtain optical spectra with the 4m
Mayall Telescope at Kitt Peak National Observatory (NOAO) and the 6.5m MMT at
the Fred Lawrence Whipple Observatory to search for WR features in each targeted
cluster.
I define a sample of 45 emerging massive star clusters in 5 galaxies and observe
clear ≥ 3σ detections of the WR bump in many sources. I classify the sources as either
‘emerging WR clusters’ (WR bump is significantly detected) or as ‘non-WR clusters.’

I show that sources with WR features are not preferentially detected, and identify
21 emerging WR clusters. I find that WR stars are commonly present in massive
star clusters undergoing the emerging process, as WR features are detected in 50% of
this sample, and that WR stars may make the process of clearing out a cluster more
efficient. Using emission line fluxes to probe the local environments, I determine the
age, extinction, temperature, density, abundances, and metallicity. Additionally, I use
the ionizing flux and the WR feature strengths to provide estimates of the massive
star populations in each source. It is clear that the ionizing radiation produced by the
massive star populations borders empirical and theoretical predictions for what can
be produced by normal star formation alone (Kewley et al. 2001; Kauffmann et al.
2003).
Most intriguing, I find key differences between the emerging WR and Non-WR
classes. Sources with the highest extinctions do not host WR stars and have ages
past the onset of the WR phase, which may suggest that clusters without significant
populations of WR stars stay embedded for longer periods of time or that WR stars
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make the process of clearing out a cluster more efficient. This scenario is in agreement
with my hypothesis derived from S26 that WR stars are important for a cluster to
emerge, and my survey has revealed a possible acceleration of cluster emergence due
to WR stars. Thus, my research has shown that WR stars are likely important in the
emerging evolutionary transition of massive star clusters.
Looking forward, there is follow up that could be done to confirm the importance
of WR feedback, from better models to new observations. It is not yet feasible to
simulate all the factors involved in the evolution of massive star clusters, which would
ultimately require the inclusion of all the different feedback processes, stellar evolution, and a complete range of cluster masses. Yet, we are seeing huge improvements
in the quality and capabilities already. For instance, Skinner & Ostriker (2015) have
modeled the effects of radiation feedback on a nascent super star cluster – one of
the first simulations to reach the upper end of the cluster mass scale. Additionally,
an improved version of a simulation of massive star cluster formation, which already
includes many processes such as heating of dust by collisions, radiative cooling, and
stellar winds (Rosen 2015), will include the WR phases (private comm. with A.
Rosen). While these simulations certainly increase our understanding of the evolution of massive star clusters, especially as they become more complex and inclusive,
they need to be paired with further observations as well.
My thesis is drawn from a beautiful dataset, but the intrinsic complexity of these
regions and the various ongoing physics makes interpreting their evolutionary state
quite difficult and leaves many uncertainties. More examples of emerging massive
star clusters need to be found, along with observations searching for the WR signal;
yet as mentioned in Section 3.8, the new surveys with the Karl G. Jansky VLA and
additional future radio observations make identifying new targets an actual possibility.
Furthermore, observations of the kinematics of the gas within these clusters could
confirm these clusters are being observed at a stage while the emerging phase is
currently action. Broadened Brackett lines have been observed in massive star clusters
in the Antennae galaxy that indicate outflows and that the clusters are clearing their
natal gas (Gilbert & Graham 2007). Similar observations of my sample will enable the
characterization of the motions of the gas to search for differences in the kinematics
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between my sample clusters with and without WR stars, possibly identifying how the
gas is being expelled in each case. Utilizing near infrared observations will determine
the gas kinematics even in clusters that have high extinction in the optical, pushing
earlier into the evolutionary sequence of these extreme regions. NASA’s upcoming
James Webb Space Telescope will be able to observe farther distances, and will enable
the study of massive star cluster evolution beyond nearby galaxies and potentially at
the high redshift regime.
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Maı́z Apellániz, J., Najarro, F., Puls, J., Sana, H., Schneider, F. R. N., Taylor,
W. D., van Loon, J. T., & Vink, J. S. 2013, A&A, 558, A134
Draine, B. T. & Li, A. 2007, ApJ, 657, 810
Ekström, S., Georgy, C., Eggenberger, P., Meynet, G., Mowlavi, N., Wyttenbach,
A., Granada, A., Decressin, T., Hirschi, R., Frischknecht, U., Charbonnel, C., &
Maeder, A. 2012, A&A, 537, A146
Eldridge, J. J. 2008, Philosophical Transactions of the Royal Society of London Series
A, 366, 4441
Eldridge, J. J., Fraser, M., Smartt, S. J., Maund, J. R., & Crockett, R. M. 2013,
MNRAS, 436, 774
Eldridge, J. J., Izzard, R. G., & Tout, C. A. 2008, MNRAS, 384, 1109
Eldridge, J. J. & Stanway, E. R. 2009, MNRAS, 400, 1019
Eldridge, J. J. & Vink, J. S. 2006, A&A, 452, 295
Engelbracht, C. W., Blaylock, M., Su, K. Y. L., Rho, J., Rieke, G. H., Muzerolle, J.,
Padgett, D. L., Hines, D. C., Gordon, K. D., Fadda, D., Noriega-Crespo, A., Kelly,
D. M., Latter, W. B., Hinz, J. L., Misselt, K. A., Morrison, J. E., Stansberry,
J. A., Shupe, D. L., Stolovy, S., Wheaton, W. A., Young, E. T., Neugebauer, G.,
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Todt. Universitätsverlag Potsdam, 2015., p.229-232, ed. W.-R. Hamann, A. Sander,
& H. Todt, 229–232
Georgy, C., Ekström, S., Meynet, G., Massey, P., Levesque, E. M., Hirschi, R.,
Eggenberger, P., & Maeder, A. 2012, A&A, 542, A29

143
Gieles, M., Lamers, H. J. G. L. M., & Portegies Zwart, S. F. 2007, ApJ, 668, 268
Gilbert, A. M. & Graham, J. R. 2007, ApJ, 668, 168
Gnedin, O. Y. & Ostriker, J. P. 1997, ApJ, 474, 223
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Hunter, D. A., Chyży, K. T., & Kitchener, G. 2015, MNRAS, 447, L1
Hillier, D. J. & Miller, D. L. 1998, ApJ, 496, 407

145
—. 1999, ApJ, 519, 354
Ho, L. C. 1997, in Revista Mexicana de Astronomia y Astrofisica Conference Series, Vol. 6, Revista Mexicana de Astronomia y Astrofisica Conference Series, ed.
J. Franco, R. Terlevich, & A. Serrano, 5
Hodge, P. W. 1961, ApJ, 133, 413
Hollyhead, K., Bastian, N., Adamo, A., Silva-Villa, E., Dale, J., Ryon, J. E., &
Gazak, Z. 2015, MNRAS, 449, 1106
Holtzman, J. A., Faber, S. M., Shaya, E. J., Lauer, T. R., Groth, J., Hunter, D. A.,
Baum, W. A., Ewald, S. P., Hester, J. J., Light, R. M., Lynds, C. R., O’Neil, Jr.,
E. J., & Westphal, J. A. 1992, AJ, 103, 691
Huggins, W. & Huggins, M. 1890, Proceedings of the Royal Society of London Series
I, 49, 33
Hunt, L. K. & Hirashita, H. 2009, A&A, 507, 1327
Hunter, D. A., O’Connell, R. W., & Gallagher, III, J. S. 1994, AJ, 108, 84
Hunter, D. A., Shaya, E. J., Holtzman, J. A., Light, R. M., O’Neil, Jr., E. J., &
Lynds, R. 1995, ApJ, 448, 179
Hyman, S. D., Lacey, C. K., Weiler, K. W., & Van Dyk, S. D. 2000, AJ, 119, 1711
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M. W. L., & Spinoglio, L. 2013, MNRAS, 431, 2493
Kauffmann, G., Heckman, T. M., Tremonti, C., Brinchmann, J., Charlot, S., White,
S. D. M., Ridgway, S. E., Brinkmann, J., Fukugita, M., Hall, P. B., Ivezić, Ž.,
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Simon, R., Schneider, N., Stutzki, J., Güsten, R., Graf, U. U., Hartogh, P., Guan,
X., Staguhn, J. G., & Benford, D. J. 2012, A&A, 542, L12
Skinner, M. A. & Ostriker, E. C. 2015, ApJ, 809, 187
Smartt, S. J. 2015, PASA, 32, e016
Smith, L. J., Norris, R. P. F., & Crowther, P. A. 2002, MNRAS, 337, 1309
Smith, N. & Conti, P. S. 2008, ApJ, 679, 1467
Sokal, K. R., Johnson, K. E., Indebetouw, R., & Massey, P. 2016, ApJ
Sokal, K. R., Johnson, K. E., Indebetouw, R., & Reines, A. E. 2015a, AJ, 149, 115
Sokal, K. R., Johnson, K. E., Massey, P., & Indebetouw, R. 2015b, in Wolf-Rayet
Stars: Proceedings of an International Workshop held in Potsdam, Germany, 1-5
June 2015. Edited by Wolf-Rainer Hamann, Andreas Sander, Helge Todt. Universitätsverlag Potsdam, 2015., p.337-340, ed. W.-R. Hamann, A. Sander, & H. Todt,
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